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Abstract

Neutron stars are compact objects, characterized byR ∼ 10− 14 km radius,M ∼
1.4 M⊙ mass and extremely high central densitiesρ ∼ 1015g cm−3. If they are part
of a binary system, a flow of matter can take place from the companion star onto the
neutron star. The accretion of matter onto neutron stars is one of the most powerful
sources of energy in the universe. The accretion of matter takes place under extreme
physical conditions, with magnetic fields in the rangeB ∼ 108−15 G, which are
impossible to reproduce on terrestrial laboratories. Therefore, accreting neutron stars
are unique laboratories to study the matter under extreme conditions.

In this thesis, X-ray observations of the accreting Be/X-ray binary A 0535+26
during a normal (type I) outburst are presented. In this system, the neutron star
orbits around the optical companion HDE 245770 in an eccentric orbit, and some-
times presents X-ray outbursts (giant or normal) associated with the passage of the
neutron star through the periastron. After more than elevenyears of quiescence,
A 0535+26 showed outbursting activity in 2005. The normal outburst analyzed in
this work took place in August/September 2005, and reached amaximum X-ray flux
of FX ∼ 400 mCrab in the5 − 100 keV range. The outburst, which lasted for∼ 30
days, was observed with theRXTE andINTEGRAL observatories.

We have measured the spectrum of the source. In particular, two absorption-like
features, interpreted as fundamental and first harmonic cyclotron resonant scattering
features, have been detected atE ∼ 46 keV andE ∼ 102 keV with INTEGRAL
andRXTE. Cyclotron lines are theonly direct way to measure the magnetic field
of a neutron star. Our observations have allowed to confirm the magnetic field of
A 0535+26 at the site of the X-ray emission to beB ∼ 5 × 1012 G.

We studied the luminosity dependence of the cyclotron line in A 0535+26, and con-
trary to other sources, we found no significant variation of the cyclotron line energy
with the luminosity. Changes of the cyclotron line energy with the X-ray luminosity
are thought to be related to a change in the height of the accretion column as the mass
accretion rate varies.

A detailed timing analysis has been performed, and we find forthe first time the
onset of a spin-up, at a phase close to the periastron passage, during a normal outburst,
providing evidence for an accretion disk around the neutronstar. Energy-dependent
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pulse profiles of the source have been studied and compared tohistorical observations.
During the rising part of the outburst a series of flares were observed.RXTE ob-

served one of these flares, and we found during the flare the energy of the fundamental
cyclotron line shifted to a significantly higher position compared to the rest of the out-
burst. Also, the energy-dependent pulse profiles during theflare were found to vary
significantly from the rest of the outburst. These differences have been interpreted in
terms of a theoretical model, based on the presence of magnetospheric instabilities at
the onset of the accretion.

We applied a decomposition method to A 0535+26 energy-dependentpulse profiles.
Basic assumptions of the method are that the asymmetry observed in the pulse pro-
files is caused by non-antipodal magnetic poles, and that theemission regions have
axisymmetric beam patterns. Using pulse profiles obtained fromRXTE observations,
the contribution of the two emission regions has been disentangled. Constraints on the
geometry of the pulsar and a possible solution of the beam pattern are given. The re-
constructed beam pattern is interpreted in terms of a geometrical model that includes
relativistic light deflection.
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CHAPTER 1

Introduction

1.1 History of X-ray astronomy

X-ray astronomy is a relatively young science. X-rays outside the Earth were mea-
sured for the first time in 1946, when using detectors mountedon V2 rockets Fried-
man et al. (1951) discovered X-rays from the Sun. The first extrasolar X-rays were
discovered by Giacconi et al. (1962)1 with Aerobee rockets. The experiment was
intended to detect solar X-rays reflected from the surface ofthe Moon. Instead, an
extrasolar source emitting in X-rays was discovered: Sco X-1, in the Scorpius con-
stellation (see Fig. 1.1).

Due to the absorption of X-rays by the Earth’s atmosphere, X-ray astronomical ob-
servations must be performed from balloons or satellites. This fact is a limiting factor
in the weight and dimensions of the instruments used, compared to ground based ex-
periments. The attenuation of the electromagnetic radiation in the atmosphere as a
function of the energy is shown in Fig. 1.2.

Since the discovery of Sco X-1, several balloon flight experiments between 1963
and 1970 discovered up to 40 extra-solar X-ray sources. Withthe launch of the first
X-ray satelliteUhuru (Giacconi et al. 1971b), operating between 1970–1973, the
number of extra-solar X-ray sources increased to more than 400. Several other X-
ray missions in the following years contributed to the discovery of X-ray sources,
like Ariel V 2 (Smith & Courtier 1976), SAS-3 (Mayer 1975) orHEAO-1 (Peterson
1975) among others. In 1978, theEinsteinobservatory (Giacconi et al. 1979) located
up to 7000 X-ray sources in the sky, which increased to 125000with the German
RoentgensatelliteROSAT (Trümper 1984). With the modern X-ray satellitesXMM-

1Riccardo Giacconi was awarded the Nobel Prize in physics in 2002 for "for pioneering contributions
to astrophysics, which have led to the discovery of cosmic X-ray sources”. The Royal Swedish Academy
of Sciences cited Herbert Friedman, Riccardo Giacconi and Bruno Rossi as pioneers in X-ray astronomy.

2The Ariel V catalog gave name to a large number of sources, including A 0535+26. Note that
A 0535+26 is referred to as 1A 0535+262 in the Astronomical Database SIMBAD.

1



2 Chapter 1: Introduction

Figure 1.1: Discovery of first extrasolar X-ray emission from Sco X-1 (Giacconi et al. 1962).
The azimuthal distributions of measured counts from two Geiger counters are shown.

Newton (Jansen et al. 2001) andChandra(Weisskopf et al. 2002), the number of
X-ray sources is, as of September 2007, of the order of 550000(Fabbiano et al. 2007,
Barcons et al. 2007), and about a million X-ray sources are expected to be discov-
ered by 2010 (source:http://heasarc.gsfc.nasa.gov/docs/heasarc/
headates/how_many_xray.html)

The X-ray observatoriesRXTE (1995-present, Bradt et al. 1993) andBeppoSAX
(1996–2002, Boella et al. 1997) provided for the first time broad-band coverage from
∼ 1 keV up to∼ 200 keV, with unprecedented timing resolution (RXTE) and spec-
tral resolution (BeppoSAX). Both missions allowed (withRXTE still performing
well today) the study of X-ray sources with unprecedented detail. In the following,
the current X-ray and gamma-ray missions operating at the time of writing are briefly
described.Chandra(Weisskopf et al. 2002) andXMM-Newton (Jansen et al. 2001),
launched in July and December 1999 respectively, focus X-rays up to∼ 10 keV by us-
ing grazing incidence reflection. TheINTEGRAL observatory (Winkler et al. 2003),
launched in October 2002, makes use of coded-mask telescopes and allows to obtain
images of the X-ray and gamma-ray sky, providing coverage inthe broad band from
∼ 3 keV up to∼ 10 MeV. Suzaku(Mitsuda et al. 2004), launched in July 2005,
allows to perform broad-band (∼0.4–600keV) high-resolution spectroscopy.Swift
(Gehrels et al. 2005) is a gamma-ray burst dedicated mission, launched in Novem-
ber 2004. It contains three instruments that provide coverage in the optical, X-ray
(0.3−10 keV) and gamma-ray (15−150 keV) regimes. More recently, in April 2007,
AGILE (Tavani et al. 2008) was launched. It performs observations in the hard-X-ray
and gamma-ray sky, covering the18 − 60 keV and30 MeV − 50 GeV energy ranges.
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Figure 1.2: Attenuation of electromagnetic radiation in the Earth’s atmosphere as a function
of the wavelength and the energy. The solid line represents the altitude by which half of the
radiation from space has been attenuated. (Figure from Seward & Charles 1995).

The most recent launch was that of Fermi (formerly Glast, Ritz et al. 2007), in June
2008. It is observing the30 MeV− 300 GeV sky, and has a gamma-ray burst monitor
sensitive in the8 keV−30 MeV energy range. The X-ray and gamma-ray missions in
orbit cover almost entirely the wide energy range from a few keV up to∼ 300 GeV.

Monitoring instruments have played a major role in the development of X-ray as-
tronomy. They allow to discover transient sources that otherwise could not be de-
tected, and permit to study long-term behavior of sources. The first monitoring in-
strument, in orbit between 1977–1979, wasHEAO-1 A4 (Peterson 1975). After that,
for more than ten years there were no monitoring instrumentslooking at the X-ray
sky, until theCGROwas launched in 1991, carrying on boardBATSE (Fishman et al.
1989). BATSE performed a very important mission for more than 9 years, monitor-
ing the X-ray and gamma-ray sky in the20 keV− 1 MeV band. Since the launch of
RXTE in 1996, its monitoring instrumentASM (Levine et al. 1996) is scanning 80%
of the(2 − 10) keV sky every 90 minutes. Another monitoring instrument currently
operating isBAT (Barthelmy et al. 2005) on board theSwift satellite, which since
2005 monitors the(15 − 50) keV sky. Both missions provide almost real time light
curves from the X-ray sources observed in the sky3. These light curves are of crucial
importance to detect transient phenomena in the X-ray sky and to study long-term

3TheASM andBAT light curves are available athttp://xte.mit.edu/ andhttp://swift.
gsfc.nasa.gov/docs/swift/results/transients/ respectively
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Figure 1.3: Discovery of pulsations from an X-ray source: the X-ray binary Cen X-3, identified
as an X-ray pulsar (Giacconi et al. 1971a). A sinusoidal fit tothe data is overplotted.

behavior of sources.
A very important finding in X-ray astronomy was the discoveryof pulsations of

Cen X-3 withUhuru (see Fig. 1.3), leading to the identification of the source asan X-
ray pulsar (Giacconi et al. 1971a). Pulsars are rotating neutron stars that emit beams
of radiation, and are therefore observed in the Earth as pulsating sources. Neutron
stars were theoretically predicted in 1934 by Baade & Zwicky(1934), only two years
after the discovery of the neutron (Chadwick 1932). It took then more than 30 years
until neutron stars were experimentally discovered, through the detection of radio pul-
sations from PSR 1919+21 by Jocelyn Bell (Hewish et al. 1968). With the discovery
of X-ray pulsars, a new field of research rapidly developed, providing new insights
into the physics of matter under extreme conditions.

1.2 Thesis outline

This thesis is based onRXTE andINTEGRAL observations of the accreting pulsar
A 0535+26 in outburst. In Chapter 2 an introduction to X-ray binary systems is given,
and basic properties of neutron stars are reviewed. The physics of accretion, which
is the main source of energy of X-ray binaries, is introduced. Observations of X-
ray binaries containing a neutron star are reviewed, with special emphasis on the
cyclotron line features some of these sources present in their spectra. Chapter 3 gives
a review the accreting pulsar A 0535+26. Historical observations and the physical
picture that has emerged from them are presented.

Chapter 4 provides an overview of theRXTE andINTEGRAL observatories, with
a brief description of the instruments on board both satellites. The observations sub-
ject of this thesis are presented in Chapter 5. Technical details on the data analysis
are also given in this chapter.
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In Chapter 6, results from spectral and timing analysis of the main part of the
outburst are presented. We dedicate special attention to the cyclotron lines present
in the A 0535+26 photon spectrum, as well as to the pulse period and pulse profile
evolution. Chapter 7 focuses onRXTE observations of a flare that was observed on
the rising part of the outburst. These observations reveal an unexpected behavior of
the source, which we interpret in the context of magnetospheric instabilities.

In Chapter 8 a decomposition analysis is applied to the A 0535+26 energy depen-
dent pulse profiles. Based on symmetry considerations, and assuming an offset-dipole
magnetic field, the method allows to reconstruct the visiblesections of the beam pat-
tern and to extract information on the geometry of the system. A possible solution
for the beam pattern of A 0535+26 and its geometry are given, and the reconstructed
beam pattern is interpreted in terms of a model that includesrelativistic light deflec-
tion.

Chapter 9 contains a summary and conclusions of the presented work and an out-
look to the future work.



CHAPTER 2

Accreting X-ray pulsars

2.1 Introduction

2.1.1 X-ray binaries

Stars end their life as compact objects. Depending on the initial mass of the star, they
will follow different evolutionary tracks. If the initial mass of the star is0.8 M⊙ .

M . 11 M⊙ it will end its life as a white dwarf. If the initial mass11 M⊙ < M .
40 M⊙, it will end its life as a neutron star. And for an initial massM & 50 M⊙, the
star will collapse completely and form a black hole. (See Iben 1991, Iben & Tutukov
1997, Iben 1998).

X-ray binaries are binary systems consisting of a neutron star or a black hole and
an optical companion (Liu et al. 2007). Roughly, the basic picture of X-ray binaries
is the following: the compact object accretes matter form the companion, and as a
result of the gravitational energy released X-rays are emitted.

According to the nature of the donor star, X-ray binaries canbe classified as High-
Mass X-ray Binaries (hereafter HMXBs) or Low-Mass X-Ray Binaries (hereafter
LMXBs). HMXBs have a young optical companion of spectral type O or B and mass
M & 5 M⊙. These systems have high magnetic fieldsB ∼ 1012 G. LMXB systems
have older optical companions, with masses in generalM ≤ 1 M⊙ and lower mag-
netic fieldsB ∼ 109−10 G. X-ray binaries are numerous objects in the Galaxy. There
are 114 HMXBs in the Galaxy (Liu et al. 2006) and 128 HMXBs in the Magellanic
Clouds (Liu et al. 2005), and 187 LMXBs in the Galaxy and Magellanic Clouds (Liu
et al. 2007). The distribution of X-ray binaries in our Galaxy as of 2002 is shown in
Fig. 2.1. A detailed description of these systems can be found for instance in Frank
et al. (1992), Longair (1994), Lewin et al. (1995) and in the recent review from Lewin
& van der Klis (2006).

6
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Figure 2.1: Distribution of X-ray binaries in the Galaxy. 86LMXBs (hollow circles) and 51
HMXBs (solid circles) are shown. There is a higher concentration of LMXB in the Galactic
Bulge and HMXB towards the Galactic plane. More recent values are 242 HMXBs and 187
LMXBs in the Galaxy and the Magellanic Clouds. (Figure from Grimm et al. 2002).

2.1.2 Neutron star basic properties

This thesis is based on observations of an X-ray binary system with a neutron star as
compact object. Before entering into details of these systems, the basic properties of
neutron stars are reviewed.

The canonical values for the mass and radius of a neutron starareM = 1.4 M⊙,
R = 10 km. The density in the surface isρ ∼ 106 g/cm3, and increases up to
ρ ∼ 1015 g/cm3 in the center. The equation of state (EOS) of neutron stars interior
(i.e., the relation between the pressure and the density) isunknown. There are dif-
ferent models for EOS. Each of them is parametrized in terms of the central density.
Therefore, if the mass and the radius of a neutron star could be determined simultane-
ously, the EOS and therefore the internal composition couldbe constrained. Different
EOSs yield to different mass-radius relations. A very common representation of the
different EOSs is the radius-mass plane, as shown in Fig. 2.2. See Lattimer & Prakash
(2007) for a recent review of neutron star properties.

Neutron star masses can be measured very accurately in eclipsing systems. From
Kepler’s third law,

(

Porb

2π

)2

=
ans + astar

G(Mns + Mstar)
(2.1)

the mass function is

fns(Mns, Mstar) =
M3

ns sin3 i

(Mstar + Mns)2
=

PorbK3
star

2πG
(2.2)

wherePorb is the orbital period of the binary system,ans andastar are the distance
from the neutron star and the companion to the center of mass of the system,G is
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Figure 2.2: Different mass-radius relations for typical EOSs (black curves). The blue and green
regions are excluded by causality and GR. The notation can befound in Lattimer & Prakash
2001 (a detailed discussion of the different neutron star EOS is out of the scope of this work).
(Figure from Lattimer & Prakash 2007).

the gravitational constant,Mns andMstar are the neutron star and companion star
masses,i is the inclination of the binary plane to the plane of the sky,andKstar is the
radial velocity amplitude of the companion star.

By measuring the radial velocity, determining the Doppler shift of the X-ray pulse
period, and if the inclination of the system is known, it is possible to determine the
neutron star mass with high accuracy. Figure 2.3 shows a recent compilation of mea-
sured neutron star masses. See also Thorsett & Chakrabarty (1999), van der Meer
et al. (2007).

Contrary to the mass, the radius of the neutron star can be less well constrained.
The only measurements of the radius have been performed in X-ray bursters, ob-
served in LMXBs (see Strohmayer & Bildsten 2003 for a review). These systems
host an old neutron star that accretes material from a companion in a close orbit,
and builds layers of material on the surface. Once the mass ofthe surface layer
has reached a critical value, it will undergo a thermonuclear flash. The basic con-
cept of the method is the following: during the burst, the neutron star radiates like
a spherical black body, and thusLburst = Lblackbody. The standard black body ra-
diationLblackbody = 4πR2σT 4, whereR is the radius of the neutron star,σ is the
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Figure 2.3: Measured masses of neutron stars. (Figure from Lattimer & Prakash 2007).

Stefan-Boltzmann constant1, andT is the temperature. The luminosity of the burst
Lburst = 4πd2F , whered is the distance to the source andF the measured flux.
The distance of these systems is typically well known (they are normally located in
globular clusters), the flux and temperature can be obtainedfrom the burst spectrum,
and it is therefore possible to obtain an estimate of the radius of the neutron star. For
instance, Shaposhnikov et al. (2003) obtained a narrow constraint for the radius of
the neutron star in the LMXB 4U 1728-34, in the range8.7 − 9.7 km. The recently
discovered relativistically broadened iron lines in neutron stars (Piraino et al. 2000,
Bhattacharyya & Strohmayer 2007) can be a powerful tool to determine the neutron
star radius. First estimates (using a “diskline” model fromFabian et al. (1989), which
is not completely adequate since it does not include relativistic light bending) pro-
vide an upper limit for the neutron star radius of 14.5–16.5km for a 1.4 M⊙ neutron
star (Cackett et al. 2008). However, more appropriate models are necessary to deter-

1
σ =

2π5k4

15h3c2
= 5.670 × 10

−5 erg cm−2 K−4 s−1 wherek is the Boltzmann’s constant andh is the
Planck’s constant
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mine the radius with better accuracy. The next generation ofX-ray observatories (like
Simbol-X, Ferrando et al. 2006) will allow to measure simultaneouslykHz QPOs and
relativistically broadened Fe lines, allowing to constrain both the mass and the radius
of the neutron star. In general today, observational evidence that points to harder EOS
in neutron stars and therefore larger radius around 13–14 kmis growing (Özel 2006,
Lattimer & Prakash 2007).

Due to the strong gravitational field around a neutron star, its radiation will appear
red-shifted to a distant observer. The gravitational redshift for a neutron star can be
calculated assuming the Schwarzschild metric:

z =
1

√

1 − RS/R
− 1 (2.3)

whererS is the Schwarzschild radius, given by (see Misner et al. 1973):

RS =
2GM

c2
(2.4)

A measurement of the gravitational redshiftz for a neutron star provides a direct
constraint to the mass-radius relation. Cottam et al. (2002) have measured the grav-
itational redshift for the LMXB EXO 0748-676, identifying absorption lines in the
X-ray spectrum during X-ray bursts. They obtain a gravitational redshift ofz = 0.35,
and this result excludes several models of EOS for exotic matter (like quark stars).
They derived a radius ofR = 9 − 12 km for a neutron star mass in the range
M = 1.4 − 1.8M⊙. Rauch et al. (2008), using local thermodynamic equilibrium
(LTE) and non-LTE neutron star atmosphere models, were not able to confirm the
line identification made by Cottam et al. (2002). They arriveto a different value for
the gravitational redshift ofz = 0.24, which yields to a larger neutron star radius in
the rangeR = 12 − 15 km for a mass rangeM = 1.4 − 1.8 M⊙.

Neutron stars are the result of a supernova II explosion. Assuming that the mag-
netic fluxΦ = 4πR2B is a conserved quantity, before and after the supernova explo-
sion:

R2
nsBns = R2

starBstar (2.5)

Taking the canonical neutron star radiusRns = 10 km, a stellar radiusR⋆ ∼
700000 km, and a stellar magnetic fieldB⋆ ∼ 100 G (typical pre-supernova magnetic
field) gives a magnetic field for a young neutron star of the order of Bns ∼ 1012 G.
This is actually of the order of magnitude of the magnetic field observed directly from
cyclotron lines or indirectly derived from accretion theory (see below).

Neutron stars can be isolated or in binary systems. The sources of energy that can
power the emission from neutron stars are accretion (see Section 2.1.3), rotation or
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magnetic field decay. In this work we will focus on neutron stars powered by accre-
tion. Below the other two power mechanisms for neutron starsare briefly described.

The most famous example of a rotation powered pulsar is the Crab pulsar (Staelin
& Reifenstein 1968), characterized by a rotation period ofPspin ∼ 33 ms. Rota-
tion powered pulsars have a rapidly changing magnetic moment (Goldreich & Julian
1969). The change in the rotational energy produces a changein the neutron star spin
period. The loss of energy due to the rotation of the neutron star can be estimated by:

Lrot =
dErot

dt
=

d(Iω)

dt
= 4π2I

Ṗ

P 3
(2.6)

whereErot is the rotational energy,I is the moment of inertia,ω is the frequency and
P is the pulse periodP = 2π/ω.

The magnetic radiation from the neutron star can be estimated assuming a rotating
magnetic dipole (Gold 1968). The amount of magnetic dipole radiation is (Landau &
Lifshitz 1977):

Ldipole =
2

3

µ2 sin2 β

c3
ω4 (2.7)

whereβ is the angle between the rotational axis and the magnetic dipole axis andµ
is the magnetic dipole moment of the neutron star:

µ =
BR3

2
(2.8)

with R the neutron star radius andB the surface magnetic field.
Assuming that the loss of rotational energy from the neutronstar equals the amount

of magnetic dipole radiation, the following expression forthe magnetic field as a
function of the period and spin-down rate emerges (makingβ = 90 ◦):

B =

(

3c3I

8π2R6
PṖ

)1/2

≃ 3.2 × 1010(PṖ )1/2G (2.9)

where the numerical coefficient is obtained using the canonical values of the neu-
tron star mass and radius and a moment of inertiaI ≃ 1045g/cm3, andP is given
in seconds (Bhattacharya & van den Heuvel 1991). Making use of this expression,
measurements of the rotational period and period derivative can be used to derive the
magnetic field of the neutron star.

The population of pulsars, according toP andṖ , is plotted in Fig. 2.4, in which
constant magnetic field lines and constant pulsar characteristic age2 τ = P/Ṗ are
shown. Young pulsars are located in the upper left area of thefigure.

2The true age of the neutron star can be approximated by the characteristic age assuming that the initial
spin-down is much smaller than the present period
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It is believed that the magnetic fields of pulsars decay with the age (Ostriker &
Gunn 1969, Bhattacharya & van den Heuvel 1991). The evolution of pulsars is typi-
cally visualized in theP − B diagram (Fig. 2.5). The “graveyard” is the region for
which old radio pulsars are expected to switch off their radio emission. Millisecond
pulsars (with spin-periods of the order of milliseconds) have low magnetic fields, of
the order ofB ∼ 108−10 G. They represent the oldest population of pulsars, and are
often referred to as “recycled pulsars”. Such high spin-up rates can be reached when
the neutron star is in a later stage of its evolution, and has been spun-up to the “grave-
yard”. The evolutionary expansion of the optical companionmay cause mass transfer,
causing the accretion of matter by the neutron star and X-rayemission. The system is
then observed as an X-ray binary. In agreement with the theory, in 1998 an accreting
millisecond pulsar was discovered with theRXTE observatory: SAX 1808.4-3658, a
LMXB with ∼ 2.5 ms pulsations (Wijnands & van der Klis 1998). Since then, up to
ten other millisecond accreting pulsars have been discovered in LMXBs (Burderi et al.
2008). See Wijnands (2006), Galloway (2007), Falanga (2008) for recent reviews.

Another class of pulsar are the magnetars. They are young, slowly rotating neutron
stars, observed in X-rays and gamma-rays, historically grouped in two categories,
Anomalous X-ray Pulsars (AXPs) and Soft Gamma Repeaters (SGRs). Magnetars
possess extremely high magnetic fields,B ∼ 1014−15 G, and show no radio emission.
These isolated neutron stars are thought to be powered by thedecay of their huge mag-
netic field (Duncan & Thompson 1992). They can produce burstswith luminosities
as high asL∼(10−100) keV1039−42 erg s−1. A review of magnetars is given in Woods
& Thompson (2006).

Very recently, the Fermi Gamma-Ray Space Telescope (Ritz etal. 2006) has discov-
ered a new class of pulsars,gamma-ray-only pulsars(Abdo et al. 2008, Saz Parkinson
et al. 2009). Further investigation and observations of this new class of pulsars will
lead to a better understanding of the physics of neutron stars.

2.1.3 Accretion

Accretion is the physical process responsible for the emission of X-rays from X-ray
binaries. It consists of the conversion of gravitational energy into kinetic energy. It is
a very powerful source of energy in binary systems. This can be easily seen estimating
the energy released when a massm falls from infinity into a body with massM and
radiusR:

Eacc = GMm/R (2.10)

whereG is the gravitational constant. Assuming canonical values for a neutron star,
M = 1.4 M⊙ andR = 10 km, the energy released when a mass ofm = 1 g falls onto
the surface of the neutron star from infinity is

Eacc ∼ 1020 erg (2.11)
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Figure 2.4: Pulsar population inP − Ṗ diagram. Constant magnetic field lines and constant
pulsar characteristic age lines are drawn. (Figure from Harding & Lai 2006).

We can compare this value to the energy released in nuclear fusion, in the conver-
sion of hydrogen to helium:

4H → He4 + ∆mc2 (2.12)

The energy released per gram of hydrogen converted to heliumis

Enucl ∼ 6 × 1018 erg (2.13)

From the estimates above it can be easily seen that accretionis almost∼ 20 times
more efficient than nuclear fusion reactions. Accretion is the most effective way to
produce energy for astrophysical sources. Therefore accreting sources are between
the most luminous ones in the Universe.

The energy released by an accreting object is proportional to M/R (Eq. 2.10).
Therefore the more compact the object is, the more effectivethe accretion will be.

The luminosity produced by an accreting object is given by

L =
dEacc

dt
= G

M

R

dm

dt
= G

M

R
ṁ (2.14)
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Figure 2.5: Pulsar population inP − B diagram, with magnetic fields derived from radio

pulsars measurements (B ∝

p

PṖ , see text). The “Hubble line” represents a spin-down age
τ of 1010 yr for a pulsar. The “spin-up line” represents the minimum spin-period to which
such a spin-up may occur in an Eddington-limited accretion.The “death line” delimits the
“graveyard” (region for which old radio pulsars are expected to switch off their radio emission).
The arrowed lines show the evolutionary paths for “recycled” millisecond pulsars. (Figure from
Bhattacharya & van den Heuvel 1991).

whereṁ is the mass accretion rate. For a given accreting object, itsaccretion lumi-
nosity will only depend on its accretion rate. The higher theaccretion rate is, the
higher the luminosity will be. But there is a limit on the luminosity that an accreting
body can reach, referred to as Eddington luminosity. The Eddington luminosity can
be obtained by balancing the gravitational force pulling the matter inwards and the
pressure of the radiation outwards. The gravitational force acts on electron-proton
pairs:

Fgrav = G
M

r2
(mp + me) ≈ G

Mmp

r2
(2.15)

The radiation force acts on electrons due to Thomson scattering:

Frad =
σTL

4πr2c
(2.16)

whereσT is the Thomson scattering cross-section.
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Equating these two terms (Eq. 2.15 and Eq. 2.16) leads to the Eddington luminos-
ity:

LEdd =
4πGMmpc

σT
≈ 1.3 × 1038 M

M⊙
erg s−1 (2.17)

This is the maximum luminosity an accreting object can have,assuming spheri-
cally symmetric accretion and steady flow. However, this limit can be exceeded in
non steady cases like supernova explosions, or assuming different geometries for the
source (see below for more details on Eddington luminosity).

2.1.4 Mass transfer mechanisms in X-ray binaries

In order to understand how the transfer of matter occurs in binary systems, one has
to study the gravitational potential of the binary system. We can calculate the orbit
of a test particle under the gravitational field of two massive objects orbiting their
common center of mass. LetM1 andM2 be the masses of the two bodies,~r the
position vector of the test particle and~r1, ~r2 the position vectors of the two stars. The
equipotential surfaces of the system are given by:

ΦR(~r) =
GM1

|~r − ~r1|
+

GM2

|~r − ~r2|
− 1

2
(~ω ∧ ~r)2 = constant (2.18)

known as the Roche potential (Roche 1873). The first two termstake into account
the gravitational potential of each star, and the third termaccounts for the centrifugal
potential associated with the binary motion.~ω = ω~e, with ω the angular velocity of
the binary system and~e a unity vector normal to the orbital plane. The motion of
a particle at a large distance from the system (distance muchlarger than the binary
separation) will be circular: the particle will see the system as a point mass. The same
will happen to a particle close to the center of each of the twobodies, it will move in a
circular orbit around the massive object. The equipotential surfaces ofΦR are plotted
in Fig. 2.6. There is a critical surface which connects both stars, called theRoche lobe
of the system. The two lobes connect at theinner Lagrangian pointL1. At this point
matter can freely go from one lobe to the other.

The size of the lobes around each star are a limit to their size. If the star grows and
exceeds its Roche lobe matter will be transferred to the companion through the inner
Lagrange point (see Frank et al. 1992, Longair 1994 for more details).

Three different ways of accretion can take place in X-ray binaries, (or a combina-
tion of them): Roche lobe overflow, wind accretion and accretion in Be/X-ray binary
systems.

2.1.4.1 Roche Lobe overflow

It takes place when the donor star fills its Roche lobe, which happens when the star
evolves and expands (Iben 1991). When this happens, the matter exceeding the Roche
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M1 M2S L1

L2L3

L4

L5

Figure 2.6: Equipotential surfaces of the Roche potential.M1 andM2 represent the masses
of the two objects, with a mass ratioM1/M2 = 0.2. S represents the center of mass of the
system. The Inner Lagrangian PointL1 and the other turning points in the value of the potential
L2, L3, L4 andL5 are labeled. (Figure from Kretschmar 1996).

lobe is no longer gravitationally bound to the star and can becaptured by the compact
object through the inner Lagrange point. Due to the rotationof the donor star, the ac-
creted matter has a large amount of angular momentum, and instead of being accreted
directly into the compact object, the matter will form an accretion disk. Details on
disk accretion are given in Sec. 2.2.2. Roche Lobe overflow typically takes place
in LMXBs. A binary system with accretion via Roche Lobe overflow is drawn in
Fig. 2.7.

2.1.4.2 Wind Accretion

Normal stars have a weak stellar wind, but in the case of O and Bstars it can be very
intense. The mass loss rate can be as high asṀwind ∼ 10−4 M⊙/yr. If these stars are
in a binary system, the compact object typically orbits the optical star at a distance
from the surface of the optical companion of less than one stellar radius. The compact
object is thus deeply embedded in the stellar wind, and can accrete matter from the
wind. Most of the material of the wind passing within a cylinder of radiusracc from
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Figure 2.7: Artist’s impression of binary system with accretion via Roche Lobe overflow.
(Source: NCSA-University of Illinois).

the compact object will be accreted:

racc =
2GM1

v2
rel

(2.19)

with v2
rel = v2

wind + v2
ns ≈ v2

wind, wherevwind andvns are the wind and neutron star
velocities (typically the velocity of the wind is much higher than that of the neutron
star). Assuming that the wind is emitted over a solid angleΩ implies an accretion rate
of:

Ṁ ∼ πr2
acc

Ωa2
Ṁwind (2.20)

wherea ∼ 10×12 cm is the binary separation. Typically, in X-ray binaries containing
O or B stars the winds are isotropic (Ω ∼ 4π), having high velocitiesvwind ∼ 1 −
2 × 103 m/s . Therefore, we obtainracc ∼ 1010 cm, much smaller than the binary
separation, and only a fraction of the wind. 10−4 will be accreted. But the very high
accretion rates from the wind makėM high enough to power X-ray emission from the
compact object. Details can be found in Davidson & Ostriker (1973) and Frank et al.
(1992). An accretion wake is formed (Fig. 2.8), that focusesa significant fraction of
the stellar wind (Davidson & Ostriker 1973). In some cases, an accretion disk will
form. The archetypical wind accretor is Vela X-1 (Kreykenbohm et al. 2008).
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Figure 2.8: Schematic representation of wind accretion, showing streamlines of stellar-wind
material. The relative dimensions are not to scale. (Figurefrom Davidson & Ostriker 1973).

2.1.4.3 Be/X-ray binary systems

A large fraction of X-ray binaries (about60% of the HMXBs) falls in the category of
the Be/X-ray binary systems. They consist of a neutron star and a Be star as optical
companion, and present quite eccentric orbits. Recent reviews can be found in Coe
(2000), Ziolkowski (2002) and Negueruela (2004a,b). Be stars are early type stars
(mostly B-type and also late O-type) which present emissionlines in their spectra.
The emission lines are originated in a disk of material that surrounds the equator,
formed due to the mass loss of the Be star. See Porter & Rivinius (2003) for a recent
review of classical Be stars.

Be/X-ray binary systems are transient sources and present three different luminos-
ity states:

• Giant or Type II outbursts (classification according to Stella et al. 1986): they
present strong X-ray luminositiesLX > 1037 erg s−1, becoming one of the
brightest X-ray objects in the sky for several weeks. Giant outbursts are not
necessarily associated with the periastron, and are thought to be due to an in-
crease of activity of the companion star, leading to an expansion of its envelope
and making it possible for an accretion disk around the neutron star to form
(Coe 2000, Ziolkowski 2002). Quasi-periodic oscillations(QPOs) have been
observed during giant outbursts, confirming the formation of an accretion disk
around the neutron star.

• Normal or Type I outbursts: they are weaker than type II outburst, with lu-
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Figure 2.9: Schematic view of a Be/X-ray binary system. (Figure from Kretschmar 1996).

minositiesLX ∼ 1036−37 erg s−1. They are connected to the passage of the
neutron star through the periastron of the binary orbit. Theare shorter than
type II outbursts, lasting from days to weeks. Some sources present type I out-
burst at most periastron passages (e.g. EXO 2030+375, Wilson et al. 2002), and
other sources present type I outbursts much less frequently, like A 0535+26.

• Quiescent states: some Be/X-ray binary systems present a persistent low X-ray
luminosityLX . 1036 erg s−1, and others are not visible at all in X-rays.

Fig. 2.9 shows a sketch of a Be/X-ray binary system. More details on these systems
will be given in Chapter 3, dedicated to the Be/X-ray binary system A 0535+26.

2.2 Neutron star X-ray binaries

2.2.1 Accretion geometry

Independently of the accretion being by Roche lobe overflow,wind accretion or Be
accretion, at a closer distance to the neutron star the accretion is dominated by the
strong magnetic field (B ∼ 1012G).

According to the theory of accretion, the strong magnetic field around the neutron
star disrupts the accretion disk, and the plasma is forced tofollow the field lines.
The matter forms accretion funnels that go towards the magnetic poles of the neutron
star. This model was first elaborated by Ghosh & Lamb (1978), and later revisited
in Lovelace et al. (1995), Wang (1996) and Wang (1997). The magnetic field of a
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Figure 2.10: Illustration of the lighthouse effect: as the neutron star rotates, flashes of light
are periodically directed towards the observer, producinga periodic signal. (Figure from
Wikipedia).

neutron star can be approximated by a multipole of order2k,

Bk ≃ B0(R0/R)k+2, (2.21)

with B0 the surface magnetic field strength,R0 the neutron star radius andR the
distance from the neutron star. In early models, the neutronstar’s magnetic field was
assumed to be a pure dipole, withk = 1 (Inoue 1975, Ghosh & Lamb 1979a,b, Ca-
menzind 1990). Magnetohydrodynamic (MHD) simulations of magnetospheric accre-
tion confirmed many predictions, and also revealed new details of the accretion onto
a compact object assuming a dipole magnetic field (see e.g. Romanova et al. 2002,
2003, 2004). Under the assumption of a pure dipole field, disk-magnetospheric inter-
actions have been investigated numerically in Miller & Stone (1997), von Rekowski
& Brandenburg (2004) and theoretically in Lovelace et al. (1995). Higher multipole
terms in neutron stars have been considered in Lipunov 1978,Shakura et al. 1991 and
Panchenko & Postnov 1994. MHD simulations of accretion to a star with non-dipolar
magnetic field have been performed in Long et al. (2007, 2008).

If the rotation axis is inclined with respect to the magneticaxis, the observer will
periodically see flashes of light (lighthouse effect, see Fig. 2.10).

Before entering in details of how the flow of matter takes place, in the following
important geometrical considerations, under the assumption of a dipole field configu-
ration, are described.
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The Alfvén radius or magnetospheric radius is defined as the distance at which the
magnetic pressure and the ram pressure are equal:

Pmag =
µ2

8πr6
(2.22)

Pram =
(2GM)1/2Ṁ

4πr5/2
(2.23)

Equating these two terms gives:

rm = 2.9 × 108M
1/7
1 R

−2/7
6 L

−2/7
37 µ4/7cm (2.24)

whereM1 is given in units of1 M⊙, R6 is given in units of106 cm andL37 is the
luminosity in units of1037 erg s−1. The co-rotation radius is the radius at which
the angular velocity of the magnetosphereωr and the Keplerian velocity of the disk
√

GMX/r are equal,

rco =

(

GMX

ω2

)1/3

(2.25)

This scenario is depicted in Fig. 2.11. Accretion will take place when the neutron
star angular velocity is smaller than the disk Keplerian velocity, ωr <

√

GMX/rco

or rm < rco. If the neutron star rotates faster than the disk, the material is not
able to follow the magnetic field lines and a centrifugal barrier arises, preventing
the accretion of matter onto the compact object. This is called the propeller effect,
described in Illarionov & Sunyaev (1975).

2.2.2 Disk accretion

If the angular momentum of a particle is too high, it will not fall directly onto the
compact object. The particle will tend to stay in the orbit ofthe lowest energy for its
angular momentum: a circular orbit. Assuming the particle does not lose any angular
momentum, it will stay in an orbit with the following circularization radius:

Rcirc =
J2

GMX
(2.26)

whereJ is the specific angular momentum of the accreted matter andMX the mass
of the compact object (Pringle 1981).

A particle in such an orbit will experience a dissipative processes (like viscosity,
which is one of the major uncertainties in accretion disk theory, see Shakura & Syun-
yaev 1973, Pringle 1981), and it will lose angular momentum.It will then sink deeper
into the gravitational potential of the compact object to anorbit with smaller radius.
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Figure 2.11: Sketch of the magnetically threaded disk modelfrom Ghosh & Lamb (1978). The
Alfvén radius and co-rotation radius are shown. Accretion is centrifugally permitted when the
magnetosphere rotates slower than the disk,rm < rco. (Figure from Kuster 2004).

Accretion will take place along a series of circular orbits with gradually decreasing
angular momentum forming an accretion disk.

For an accretion disk to form, the circularization radius should be larger than the
effective size of the accreting object. This will always happen if accretion takes place
via Roche lobe overflow, and not always if wind accretion takes place.

The main mechanism for the transport of matter across the magnetosphere is the
Rayleigh-Taylor instability. This has been studied in Arons & Lea (1976), Elsner &
Lamb (1977), Scharlemann (1978). Recently, Romanova et al.(2008), Kulkarni &
Romanova (2008) have performed 3D MHD simulations that confirm the basic fea-
tures of the disk-magnetospheric interaction, revealing two possible regimes for ac-
creting neutron stars: stable or unstable. (These simulations have been performed for
quite small magnetospheres, applicable to millisecond pulsars). In Chapter 7 further
details on the accretion regimes and on how the transport of matter in the magneto-
sphere takes place are given.

2.2.3 Torque theory

According to the theory of accretion, fluctuations in the mass accretion rate produce
fluctuations in the accretion luminosity and in the accretion torque. In the case of
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accretion from a disk, it exerts a torque onto the neutron star that causes a spin-up in
the neutron star. Therefore, the measurement of a spin-up ina neutron star provides
evidence for an accretion disk.

In the case of a spin-up, the torque onto the neutron star is given by

dL

dt
=

d(Iω)

dt
= ṀRΩ, (2.27)

whereL is the angular momentum of the disk,I the moment of inertia,ω the angular
velocity and R the neutron star radius. Combining Eq. 2.27 with Eq. 2.14 and after
some algebra (the details can be found in Ghosh & Lamb 1979b) arelation between
the spin-upṖ and the X-ray fluxFX or X-ray luminosity (LX = 4πd2FX) emerges:

−Ṗ = 5.0 × 10−5µ
2/7
30 n(ωs)S1(M)(PL

3/7
37 )2 (syr−1), (2.28)

whereµ30 is the magnetic moment in units of1030 G cm3, ωs is the fastness parameter
or dimensionless stellar angular velocity defined asωs = Ωs/ΩK(r0), with ΩK(r0)
the Keplerian angular velocity atr = r0 (see Fig. 7.7),n(ωs) is a dimensionless
torque defined in Ghosh & Lamb (1979b) that depends on the fastness parameter,
S1(M) is a structure function that depends on the mass, equation ofstate and dynam-
ical response of the neutron star,P is the pulse period in seconds andL37 is the X-ray
luminosity in units of1037 erg s−1.

Fitting the observed values of the spin-up as a function of the X-ray flux to Eq. 2.28
allows to estimate the dipole magnetic momentµ and the distanced (related to the flux
via LX = 4πd2FX) . This method, based on Ghosh & Lamb (1979b), is described in
Lipunov et al. (1992) and Popov (2000).

2.2.4 Accretion into the polar caps

We will study now the motion of the matter close to the neutronstar surface, where
it is completely dominated by the magnetic field. This will beindependent of the
accretion regime far from the magnetosphere. As seen in Sec.2.2.1, matter is chan-
neled onto the magnetic poles by the magnetic field lines creating funnels. Accretion
columns are formed , and the X-ray emission is produced near the neutron star sur-
face. This is sketched in Fig. 2.12. The radius of the accreting spot is small compared
to the neutron star radius,∼ 0.1 R, giving an area of the accreting spot of the order
of ∼ 1 km2 (Davidson & Ostriker 1973).

The hydrodynamics of this process was studied in the pioneering work of Basko &
Sunyaev (1976). The flow of matter will be different for low and high accretion rates.
A critical luminosity is defined,

L∗ = 2.72 × 1037 σT√
σ⊥σ‖

r0

R

M

M⊙
erg s−1 (2.29)
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Figure 2.12: Schematic representation of an accretion funnel near the surface of the neutron
star. (Figure from Davidson & Ostriker 1973).

whereσT is the Thomson scattering cross section,σ‖ andσ⊥ the scattering cross-
section of photons propagating either parallel or perpendicular to the magnetic field,
r0 is the polar cap radius, andM andR denote the stellar mass and radius (see also
Becker & Wolff 2007).

For low accretion ratesLX < L∗, matter will fall freely almost until the neutron
star surface, causing the breaking of the plasma by a hydrodynamical shock close to
the neutron star surface. The X-ray emission will then be able to escape vertically
along the accretion column (the so called “pencil beam” pattern, see Fig. 2.13 right
panel). The flow of matter is in the sub-Eddington regime.

At high accretion rates, the radiation pressure is much larger than the gas pressure.
The flow is in the super-Eddington regime. The infalling gas will lose almost all its
kinetic energy in a radiation dominated shock (Riffert & Meszaros 1988). The shock
rises above the surface of the neutron star as the accretion rate grows. Below the
shock, the gas slowly sinks, and the emission of photons takes place sideways (the so
called “fan beam” pattern, see Fig. 2.13 left panel).

2.2.5 Spectral formation

Numerous authors have made attempts to derive the shape of X-ray pulsar spectra ana-
lytically or numerically (Nagel 1981a, Nagel 1981b, Meszaros et al. 1983, Meszaros
& Nagel 1985, Burnard et al. 1988, Burnard et al. 1991, Becker1998, Becker &
Wolff 2005). However no self-consistent, general model applicable to X-ray sources
has been established, due to the complexity of the physical processes that take place in
the accretion column and in the magnetosphere. The spectralshape of the radiation, or
“standard” X-ray continuum (White et al. 1983), is a powerlaw in the∼ (5− 20) keV
energy range with an exponential cutoff at energies∼ (20 − 30) keV (Coburn et al.
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Figure 2.13: Simplified emission patterns in the polar caps of an accreting neutron star. Left
panel: “fan beam” pattern. For high accretion rates, a radiation dominated shock is formed,
with a slowly sinking plasma below the shock. The emitted radiation from the surface of the
neutron star will escape sideways. Right panel: “pencil beam” pattern. For low accretion rates,
matter falls directly almost onto the neutron star surface.Photons are then emitted vertically.
(Figure from Kretschmar 1996).

2002). Additionally, fluorescence Fe Kα lines are produced in the circumstellar ma-
terial, and cyclotron absorption lines also modify the continuum emission (see below
for more details). Observers use phenomenological models to describe the X-ray
continuum. The most commonly used models are described in Chapter 6, Sec. 6.4.
Only recently, Becker & Wolff (2007) have developed a model for the continuum
formation (averaged over all rotational phases) that successfully reproduces the spec-
tral shape of Her X-1, Cen X-3 and LMC X-4. In this model, scattering takes place
via bulk and thermal Comptonization. A radiation dominatedshock is formed in the
column (see Fig. 2.14). This model applies to high luminosity sources. The seed pho-
tons are emitted at the base of the column (black body radiation), and in the column
(bremsstrahlung and cyclotron emission). The transfer of energy from the gas to the
photons is generally dominated by bulk Comptonization. Thermal Comptonization
transfers energy from high energy to lower energy photons, contributing to the cutoff
observed in the spectrum and to the flattening observed at lower energies. In Fig. 2.15,
a theoretical spectrum computed for Her X-1 compared to aBeppoSAXobservation
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Figure 2.14: Schematic view of accretion column in a neutronstar according to Becker & Wolff
(2007). A radiation dominated shock is formed. The seed photons are emitted from the base of
the column and via bremsstrahlung and cyclotron emission throughout the column.

is shown. Ferrigno et al. (2009) have implemented the model in the standard X-ray
fitting packageXSPEC (Arnaud 1996), making the model available for direct com-
parison with observational data. In their work, the model isapplied to the accreting
X-ray pulsar 4U 0115+64.

2.2.6 Magnetic fields

As matter falls onto the neutron star surface along the magnetic field lines, the elec-
trons are subject to the Lorentz force. The radius of gyration of the electronsR =
mcv/eB (in classical physics) is close to the de Broglie wavelengthof the electron
λde Broglie = ~/mv, and therefore quantum mechanics becomes important (Landau
& Lifshitz 1977).

The basic energy quantum for an electron is the cyclotron energy:

Ecyc = ~ω = ~
eB

mec
= 11.6 keVB12 (2.30)

whereB12 is the magnetic field in units of1012 G. The energy of the electrons per-
pendicular to the magnetic field is quantized into the Landaulevels:

En = mec
2

√

1 +

(

p

mec

)2

+ 2n
B

Bcrit
(2.31)
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Figure 2.15: Theoretical spectrum of Her X-1 compared toBeppoSAX observation of the
source (Becker & Wolff 2007).

wheren is the principal quantum number (n = 0, 1, 2, ...), p is the momentum of the
electron parallel to the magnetic field andBcrit is the magnetic field strength where
the energy of the electron equalsmec

2 (see Harding & Lai (2006) and references
therein):

Bcrit =
m2

ec
3

e~
= 4.414 × 1013 G (2.32)

When a photon with energyE = Ecyc interacts with an electron in the plasma,
the electron will be raised to an excited state, “absorbing”the photon. For plasma
temperatureskT << Ecyc, the life time of the Landau levels is short compared to
the time for collisional de-excitation. Thus, the electrons in an excited staten > 1
almost instantaneously return to the ground state by emitting a resonant photon. This
excitation-de-excitation process is similar to a resonantscattering process rather than
absorption. The only possibility for photons with energiesE = Ecyc to leave the
plasma is that inelastic scattering processes slightly change their energy. Conse-
quently, this process produces absorption-like features in the photon spectrum at en-
ergiesE = nEcyc (in the non-relativistic approximation), designated as Cyclotron
Resonance Scattering Features (CRSFs, or simply cyclotronlines).

Since the cyclotron energy is directly related to the magnetic field (Eq. 2.30), mea-
surements of cyclotron lines in the spectra of highly magnetized accreting X-ray pul-
sars are a very powerful tool to determine magnetic fields of neutron stars. It is the
onlydirect way to determine the magnetic field of a neutron star.
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ForB ≈ Bcrit, relativistic corrections become important and the cyclotron energy
further depends on the angleθ between the primary photon and the magnetic field
axis:

En =
mec

2

sin2 θ

(

√

1 + 2n
B

Bcrit
sin2 θ − 1

)

(2.33)

The cyclotron line energy is extremely sensitive to the angle between the line of
sight and the magnetic field axis.

Since in X-ray binaries the strong gravitational energy plays an important role, the
apparent cyclotron energy will be gravitationally red-shifted (see Eq. 2.3):

Ecyc,obs =
Ecyc

1 + z
= Ecyc

√

1 − 2GM

Rc2
(2.34)

Assuming canonical values of the neutron star,R = 10 km andM = 1.4 M⊙, the
gravitational redshift isz = 0.3. For a higher value of the radius,R = 14 km, and
M = 1.4 M⊙, z = 0.19.

2.3 Observations of neutron star X-ray binaries

2.3.1 Cyclotron lines

The first cyclotron line in an X-ray spectrum was discovered in Her X-1 with a bal-
loon flight experiment from a MPE/AIT collaboration (Truemper et al. 1978). The
spectrum of the discovery is shown in Fig. 2.16. Since then, cyclotron absorption
features have been discovered in more than a dozen accretingX-ray pulsars (HMXBs,
LMXBs, transient or persistent sources), most of them with the X-ray observatories
Ginga (Turner et al. 1989),RXTE (Bradt et al. 1993) andBeppoSAX (Boella et al.
1997). These sources are listed in Table 2.1, with the energyof the cyclotron line
and the discovery instrument given. Sources for which the presence of a cyclotron
line is not clear are also listed. The galactic distributionof these sources is shown in
Fig. 2.17. Except Her X-1, they all more or less lie in the galactic plane. The cyclotron
lines imply for the accreting sources a magnetic field of the order ofB ∼ 1012G. Sev-
eral sources exhibit a fundamental line plus harmonics, like V 0332+53 (Pottschmidt
et al. 2005). The record holder is 4U 0115+64, showing up to five cyclotron lines in
its spectrum (Santangelo et al. 1999b, Heindl et al. 1999) (see Fig. 2.18).

All the values of the cyclotron energy given in Table 2.1 havebeen obtained using
phenomenological models (Gaussian or Lorentzian profiles)for the cyclotron absorp-
tion features (see Coburn et al. (2002) and Chapter 6 Sec. 6.4.1). Monte Carlo sim-
ulations of the propagation of photons through a low densityplasma assumed to be
threaded by an uniform magnetic field, have revealed that theCRSFs are expected to
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Figure 2.16: Discovery of a cyclotron line in Her X-1. (Truemper et al. 1978).

vary in shape, depth and width over the pulse phase (Araya & Harding 1999, Araya-
Góchez & Harding 2000, Schönherr et al. 2007). This is shown in Fig. 2.19. A
complex line profile has also emerged from observations, forinstance in V 0332+53
(Pottschmidt et al. 2005). Recently, a code based on the model of Araya-Góchez &
Harding (2000) calledcyclomc has been implemented inXSPEC (Schönherr et al.
2007). First fits to real data have been performed to Cen X-3 (Suchy et al. 2008).
cyclomc is a self-consistent model, which can fit up to four lines simultaneously,
reprocessing the continuum flux with a special convolution and interpolation model.
This model allows to extract physical information from the cyclotron lines, like the
electron temperature in the plasma and the magnetic field.

2.3.1.1 Evolution of the cyclotron line energy with the luminosity

As shown in Sec. 2.2.4, for high luminosity sources it is generally believed that an
increase in the mass accretion rate (or increase in luminosity) causes an increase in
the height of the accretion column (Basko & Sunyaev 1976).

Burnard et al. (1991), based on Basko & Sunyaev (1976), predicted theoretically
an increase of the height of the accretion column with increasing luminosity:

htop

Rns
≈ LX

Leff
EddH⊥

(2.35)
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Figure 2.17: Galactic distribution of sources that exhibitcyclotron lines in their spectrum. They
are divided into HMXBs, LMXBs, transients and persistents.Most of them lie in the galactic
plane.

This relation was experimentally confirmed withGingaobservations of 4U 0115+64
(Mihara 1995, Mihara et al. 2004, Nakajima et al. 2006).

Assuming a dipole magnetic field
(

B ∝ 1/r3
)

, and assuming the cyclotron line to
be formed at a heighthr above the neutron star surface, we can write:

Ecyc ∝
1

(Rns + hr)3
1

1 + z
(2.36)

Taking z = 0, we obtain the following relation between the relative resonance
heighthr/R and the cyclotron energy:

hr

Rns
≈ (

Ecyc

Ecyc,0
)−1/3 − 1 (2.37)

with Ecyc,0 the cyclotron energy at the neutron star surface.
Cyclotron line observations allow to calculateh/RNS as a function of the X-ray

luminosity and to compare with the theoretical prediction from Burnard et al. 1991
(Eq. 2.35). This has been done withGingaandRXTE observations of 4U 0115+64
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Figure 2.18:BeppoSAXspectrum of 4U 0115+64, showing up to four cyclotron lines (Santan-
gelo et al. 1999b).
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Figure 2.19: Simulated cyclotron line profiles as a functionof the angle (left panel) and optical
depth (right panel). The variation of the line profiles is evident. The line profiles have been
calculated using a cylinder geometry, for a “fan beam” pattern. (Figure from Schönherr et al.
2007).
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Table 2.1: List of sources with cyclotron line(s) significantly detected in their spectrum, up-
dated from Makishima et al. (1999) and Heindl et al. (2004). The cyclotron line energy, the
discovery instrument and reference are given. For the last four sources listed there is weak
evidence for a cyclotron line but this has not been firmly confirmed.

Source En,cyc (keV) Discovery Reference
Her X-1 41 Balloon Trümper et al. (1977)
4U 0115+64 14,24,36,48,62HEAO-1 Wheaton et al. (1979)
V 0332+53 26,49,74 Ginga Makishima et al. (1990)
Cen X-3 28.5 RXTE Heindl & Chakrabarty (1999)

BeppoSAX Santangelo et al. (1998)
4U 1626-67 37 RXTE Heindl & Chakrabarty (1999)

BeppoSAX Orlandini et al. (1998)
XTE J1646+274 36 RXTE Heindl et al. (2001)
Cep X-4 28 Ginga Mihara et al. (1991)
A 0535+26 46,100 HEXE Kendziorra et al. (1992)
MXB 0656-072 36 RXTE Heindl et al. (2003)
Vela X-1 24,52 HEXE Kendziorra et al. (1992)
4U 1907+09 18,38 Ginga Makishima & Mihara (1992)
4U 1538-52 20 Ginga Clark et al. (1990)
GX 301-2 37 Ginga Makishima & Mihara (1992)
X Per 29 RXTE Coburn et al. (2001)
EXO 2030+375 11? RXTE Wilson et al. (2008)

63? INTEGRAL Klochkov et al. (2008a)
OAO 1657-415 36? BeppoSAX Orlandini et al. (1999)
LMC X-4 100? BeppoSAX La Barbera et al. (2001)
GS 1843+00 20? Ginga Mihara (1995)

(Mihara 1995, Mihara et al. 2004) andRXTE observations of 4U 0115+64 (Nakajima
et al. 2006, Tsygankov et al. 2006) and V 0332+53 (Tsygankov et al. 2007).

A negative correlation between the cyclotron line energy and the X-ray luminosity
has been found for 4U 0115+64 and V 0332+53. Under the assumption of a change
in the height of the line forming region with the luminosity,and assuming a dipole
magnetic field configuration3, for a relative change in the fundamental cyclotron line
of 60%, Tsygankov et al. (2007) find a relative change in the formation height of
20%, corresponding to a change of 2 km for 4U 0115+64. For V 0332+53, the relative
change in the cyclotron line energy is 17%, that gives about 6% variation in the stellar
radius, about 500 m.

3B ∝ r−3 andB ∝ E gives ∆E
E

∝ −3
∆R
R
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Figure 2.20: Negative correlation between the cyclotron line energy and the X-ray luminosity.
Left panel: 4U 0115+64 (Tsygankov et al. 2006). Right panel:V 0332+53 (Tsygankov et al.
2007).

For low luminosity sources in the sub-Eddington regime, a different behavior is
expected. Staubert et al. (2007) found for Her X-1 a positivecorrelation between the
cyclotron line energy and the luminosity (see Fig. 2.21). They find a change in the
cyclotron line of 5% for a luminosity variation of∆L/L ∼ 1.

For low luminosity sources, no radiation dominated shock isexpected to form in the
accretion column. Based on Basko & Sunyaev (1976) and Nelsonet al. (1993), where
the physics of accretion in low-luminosity sources is studied, Staubert et al. (2007)
find the following relation between the cyclotron line energy and the luminosity:

∆Ecyc

Ecyc
= 3

l∗
R

∆L

L
(2.38)

wherel∗ is the height of the scattering region above the neutron starsurface andR is
the neutron star radius. For∆L/L ∼ 1, this implies a change of∼3%, very close to
the 5% obtained from the Her X-1 observations.

Another evidence for a positive correlation between the cyclotron line energy and
the luminosity was found for GX 301-2 by La Barbera et al. (2005) (however this was
based just on two observations and at low significance).

2.3.2 Pulse profiles

Accreting X-ray pulsars exhibit very different pulse profiles typically showing more
complex shapes at low energies and simpler shapes at high energies. Pulse profile
modeling is very complex, far from being completely understood. Many processes
contribute to the complex shapes we observe. Pulse profiles present variations with
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Figure 2.21: Positive correlation between the cyclotron line energy and the X-ray luminosity
for Her X-1 (Staubert et al. 2007).

the source luminosity (e.g. EXO 2030+375, Klochkov et al. 2007) and variations with
the energy (e.g., Vela X-1, see Fig. 2.22). Individual pulses usually show significant
pulse to pulse variations, while average pulse profiles are more stable (Staubert et al.
1980).

Several authors have worked in modeling pulse profiles. Thisincludes modeling
the emission regions, specifying the local emission pattern. Both emission regions
(when considering a dipole field) contribute to the formation of the pulse profile that
a distant observer would see. A proper model calculation should include relativis-
tic light deflection, which can have a significant effect in the pulse shape (Riffert &
Meszaros 1988). In Fig. 2.23 the importance of relativisticlight deflection in pulse
profile model calculations is shown. Comparison of model calculations with observa-
tions has been performed for instance in Wang & Welter (1981), Meszaros & Nagel
(1985), Leahy (1991).

The ray tracing method of computer graphics (Foley et al. 1990) has been gen-
eralized including relativistic light deflection in order to calculate beam patterns and
pulse profiles (Nollert et al. 1989), and can be applied to arbitrary geometric shapes of
the emission region. This method has been applied to different geometries, like filled
columns or hollow columns (Kraus 2001). Due to the strong gravitational field around
the neutron star, X-rays are observed at red-shifted energies. For slowly-rotating neu-
tron stars, the metric around a neutron star can be approximated by the Schwarzschild
metric (Kraus 1998).

An alternative method to analyze pulse profiles is to start from the observed pulse
profiles, and based on symmetry considerations obtain a decomposition of the pulse
profile into single-pole contributions. This is then transformed into the visible section
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Figure 2.22: Example of energy dependent pulse profiles of Vela X-1 from Kreykenbohm et al.
(2002). The low energy profile show a complex pattern, which becomes simpler at higher
energies.

of the beam pattern. This method has been successfully applied to Cen X-3 and Her X-
1 (Kraus et al. 1996, Blum & Kraus 2000) and is applied in this work to A 0535+26.
More details are given in Chapter 8.
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Figure 2.23: Pulse profile formation. In both figures, the small inset (top right) shows the
computed pulse profile. The vertical line indicates the rotational phase of the neutron star
shown in the figure. Left panel: pulse profile formation without taking into account relativis-
tic light deflection. The neutron star is in a rotational phase in which one pole points away
from the observer, and therefore no emission from that pole is seen. Right panel: pulse pro-
file formation including relativistic light deflection. Thesame rotational phase is shown, with
one pole pointing away from the observer, illustrating the effect of light bending. Figures
from Ute Kraus, available with animation athttp://www.spacetimetravel.org/
xpulsar06/xpulsar06_5.html.



CHAPTER 3

The Be/X-ray binary system A 0535+26

3.1 Overview

The Be/X-ray binary A 0535+26 was discovered by Ariel V (Smith & Courtier 1976)
during a giant outburst in 1975 (Rosenberg et al. 1975). The binary system consists of
the pulsating neutron star A 0535+26 and the optical companion HDE 245770 (Hudec
1975). It lies in an eccentric orbit ofe = 0.47 with an orbital period ofPorb ∼ 111
days. The estimated distance of the system isd = 2 kpc (Steele et al. 1998), and its
equatorial and galactic coordinates areα = 05h 38m 54.5720s, δ = +26◦ 18′ 56′′.822
(J2000.0) andl = 181.4450◦, b = −02.6435◦ respectively (Perryman et al. 1997).
Table 3.1 contains the orbital ephemeris of the binary system. An extensive review of
the system is given in Giovannelli & Graziati (1992).

The optical companion HDE 245770 has been classified as O9.7IIIe (Giangrande
et al. 1980) or B0 IIIe star (Steele et al. 1998). It has a luminosity ofL ∼ 0.7×105 L⊙,
and the effective temperature lies in the rangeTeff = 26000−28000 K (Giovannelli &
Graziati 1992). The mass, radius and mass-loss rate are estimated to beM ∼ 14 M⊙,
R ∼ 14 R⊙, Ṁ ∼ 10−8 M⊙ yr−1 (de Loore et al. 1984).

The neutron star pulsates with a spin period ofP ∼ 103 s. Its surface magnetic
field, derived from cyclotron line measurements, isB ∼ 4 × 1012 G. A 0535+26

Porbit (days) 111.1± 0.3
τperiastron MJD 53613.0± 1.3
a sin i (lt-sec) 267 ± 13
ωx (◦) 130 ± 5
e 0.47 ± 0.02

Table 3.1: A 0535+26 orbital ephemeris from Finger et al. (1996); Porbit andτperiastron were
updated with new observations from 2005 (Finger et al. 2006).

37
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presents quiescence states with luminositiesLX . 10 × 1036 erg s−1, interrupted by
normal (type I) outbursts, generally associated with the periastron passage, where a
luminosityLX ∼ 1036−37 erg s−1 is reached, and giant (type II) outbursts, where the
luminosity LX > 1037erg s−1. In Fig. 2.9 a schematic view of such systems was
shown.

3.1.1 History of outbursts

Since its discovery in 1975 during a giant outburst (Rosenberg et al. 1975), five gi-
ant outbursts have been detected in October 1980 (Nagase et al. 1982), June 1983
(Sembay et al. 1990), March/April 1989 (Makino et al. 1989),February 1994 (Finger
et al. 1994b) and May/June 2005 (Tueller et al. 2005). Unfortunately, due to Sun
constraints the 2005 giant outburst could not be observed bymost instruments. An
overview of the history of giant outbursts of A 0535+26 is given in Table 3.2. The
time of periastron, calculated with the updated ephemeris from Finger et al. (2006),
is also given. As can be seen from the table, almost all of the giant outbursts are
associated with the periastron time. This is not always the case in Be/X-ray binary
systems.

Associated with the periastron, the source shows sometimesnormal outbursts. Be-
tween March 1993 and September 1994 a sequence of six outbursts were detected,
spaced by thePorb ∼ 111days orbital period. One of these was the giant outburst
in February 1994, and the rest of them were normal outbursts (Finger et al. 1996).
Fig. 3.1 (top panel) shows the light curve of the giant and normal outbursts in 1993–
1994.

3.1.2 The source in quiescence

A 0535+26 shows a persistent low X-ray emission outside outbursts. In most of the
observations performed during those quiescent states, X-ray pulsations have been
detected, indicating that the source still accretes matterduring quiescence.

A 0535+26 was observed byEXOSAT between 1985 and 1986 at a luminosity
level of L(1−20) keV = 2.5 × 1035 erg s−1. Pulsations were detected during two ob-
servations, with pulse periods ofP = 103.36 ± 0.06 s at MJD 46331 andP =
103.290± 0.07 s at MJD 46479 (Motch et al. 1991).

Two observations during quiescence were performed withRXTE between 1998
August and 1998 November (Negueruela et al. 2000), where thesource was de-
tected at a luminosity level ofL(2−20) keV = 0.029 × 1035 erg s−1 andL(2−20) keV =
0.043×1035 erg s−1 respectively. The observations were systematically limited by the
contribution of the diffuse emission from the Galactic disk. Pulsations at∼ 103.5 s
(> 5 σ significant) were detected during the November 1998 observation, while in
August a weak indication (< 3 σ) was found for periodicity atP ∼ 103.0 s. During
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MJD Periastron Flux (Crab) E(keV) Experiment Reference
April 1975
42515–42531 42503.0 ∼ 2 3–7 Ariel V Rosenberg et al. (1975)
October 1980
44521–42522 44502.8 ∼ 1.5 1-22 Hakucho Nagase et al. (1982)
June 1983
45503–45505 45502.7 ∼ 2 32–91 SMM Sembay et al. (1990)
March/April 1989
47616 47613.6 0.45 1–20 Ginga Makino et al. (1989)
47617 0.49 1–20 “ “
47620 0.6 1–20 “ “
47620 2.4 ± 0.5 23–52 balloon “
47624–47625 4.3±1 16-26 Mir-Kvant “
February 1994
49386 49391.2 0.4 20–40 CGRO-BATSE Finger et al. (1994b)
49387 0.9 “ “ “
49388 1.4 “ “ “
49389 1.9 “ “ “
49390 2.2 “ “ “
49391 2.7 “ “ “
49392 3.1 ± 0.2 “ “ Finger et al. (1994c)
49395 5.6 ± 0.2 “ “ “
49397 6.2 ± 0.2 “ “ “
49401 8 “ “ Wilson et al. (1994)
49409 4 “ “ “
May/June 2005
53506 53501.9 > 3 15–195 Swift-BAT Tueller et al. (2005)
53533 4.5 30 RHESSI Smith et al. (2005)
53544 2.4 30 “ “
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Figure 3.1: Top panel: light curve of A 0535+26 during the giant and normal outbursts in 1994.
Bottom panel: pulse frequency evolution during the outbursts (Finger et al. 1996).

those observations the optical companion of A 0535+26, HDE 245770, showed no
evidence of a circumstellar disk.

Observations during quiescence were also performed withBeppoSAX in Septem-
ber/October 2000 and March 2001 at luminositiesL(2−20) keV = 0.015×1035 erg s−1

andL(2−20) keV = 0.044 × 1035 erg s−1 respectively (Orlandini et al. 2004). During
these observations, a circumstellar disk around the optical companion was detected.
Pulsations ofP = 103.40 ± 0.02 s at MJD 51973 were measured. The pulse pro-
files are noisy but rather indicate a broad single peaked structure. A soft excess was
clearly detected in the LECS data. The same observations have also been analyzed by
Mukherjee & Paul (2005) with very similar results. They notethat a soft component
is required for the third observation, the only in which pulsations are clearly detected.

Between 1994 and 2005, during a long quiescence state,INTEGRAL observed the
source in October 2003 during an “unexpected” brief brightening of∼6 ks (Hill et al.
2007). The luminosity level reached wasL(18−100) keV = 3.8 × 1035 erg s−1, and a
pulse period ofP ∼ 103.7 ± 0.1 s (MJD 53615.5137) was determined.

3.2 Timing properties

3.2.1 Pulse period evolution

Figure 3.2 shows the pulse period history of A 0535+26 since its discovery in 1975
until 2003, and the period measurements that have been obtained from observations in



Chapter 3.2: Timing properties 41

       43000       45000       47000       49000       51000       53000
MJD

102.5

103.0

103.5

104.0
P

(s
)

1975 1980 1985 1990 1995 2000 2005

Figure 3.2: Pulse period history of A 0535+26 since its discovery in 1975 until 2003. The
hollow squares indicate the observations performed duringquiescence. A spin-up is observed
during outbursts, and a spin-down trend is observed during quiescence.

quiescence are indicated. In 1975 the pulse period wasP = 104.14 s (Rosenberg et al.
1975). During quiescence periods, the pulsar behavior appears to be consistent with
a spin-down trend (Finger et al. 1994a, Hill et al. 2007), while during giant outbursts
a spin-up trend has been observed. In the June 1983 giant outburst, a spin-up of
ν̇ ∼ 0.6 × 10−11 Hz s−1 was measured (Sembay et al. 1990), and in the February
1994 giant outburst a spin-up ofν̇ ∼ 1.2 × 10−11 Hz s−1 was also measured. From
1994 to 2005 no X-ray outbursts have been detected.

In quiescence, the system is expected to be in the centrifugally inhibited regime
(Illarionov & Sunyaev 1975). An estimate of the co-rotationradius and magneto-
spheric radius using theBeppoSAX observations (Mukherjee & Paul 2005) gives
rm ≈ 1010 cm andrco ≈ 3 × 109 cm. Withrco > rm, a centrifugal barrier, prevent-
ing the accretion of matter onto the neutron star, should arise.

Nevertheless, all historic observation campaigns have found pulsations in at least
part of their data, indicating that matter is still being accreted along the magnetic field
lines.

3.2.2 QPOs

QPOs were discovered in the 1994 giant outburst (Finger et al. 1996), confirming
the presence of an accretion disk. The QPO was observed for 33days. It was ini-
tially detected at27 mHz, reaching72 mHz at the peak of the outburst and falling to
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25 mHz during the decay of the outburst. The QPO frequency was highly correlated
both with the X-ray flux and the spin-up rate, revealing that the QPO was mostly
controlled by the mass accretion rate. Two models are usually used to explain the
QPOs observed, the beat frequency and the Keplerian frequency models. In the beat
frequency model, the QPO center frequencyνQPO = νK − νns, whereνK is the Kep-
lerian orbital frequency of the material at the inner edge ofthe accretion disk andνns

the spin frequency of the neutron star. In the Keplerian frequency model, the QPO
center frequency is the the Keplerian frequency at the inneredge of the accretion disk,
νQPO = νK. The A 0535+26 observations were compared with the predictions of the
beat frequency and the Keplerian frequency QPO models in Finger et al. (1996), and
it was found that both models agree with the data.

3.2.3 Pulse profiles

Energy dependent pulse profiles of A 0535+26 were obtained with a balloon exper-
iment during the 1980 giant outburst (Frontera et al. 1985),with HEXE during the
1989 giant outburst (Kendziorra et al. 1994) and withBATSE during the 1989 gi-
ant outburst (Bildsten et al. 1997). These profiles are shownin Fig. 3.3. Exclud-
ing theBATSE profiles at low luminosity (L(20−100) keV = 4 × 1036 erg s−1), the
pulse profiles obtained in the different outbursts show similar general features. Above
E ≈ 20 keV they show a relatively simple double peak profile up toE ∼ 45 keV. At
higher energies the second peak is significantly reduced. With the balloon experiment
pulsations were measured up toE ∼ 130 keV, andHEXE measured pulsations up to
E ∼ 110 keV.

3.3 Spectral properties

The X-ray spectrum of A 0535+26 can be phenomenologically modeled by an ab-
sorbed power law with a high-energy cutoff. In the March/April 1989 giant outburst,
two cyclotron resonance scattering features were detectedat Ecyc,1 ∼ 45 keV and
Ecyc,2 ∼ 100 keV (Kendziorra et al. 1994). The spectrum of the discovery is shown
in Fig. 3.4. In the February 1994 outburst the presence of thefundamental line at
E ∼ 45 keV could not be confirmed because ofOSSE’s low-energy threshold at
E ∼ 40 − 50 keV (Grove et al. 1995). The presence of the fundamental lineat
Ecyc,1 ∼ 45 keV has been confirmed during the August/September 2005 outburst
with INTEGRAL (Kretschmar et al. 2005),RXTE (Wilson & Finger 2005) and
Suzaku(Inoue et al. 2005) observations.
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Figure 3.3: Top left panels: energy dependent pulse profilesof A 0535+26 during its October
1980 giant outburst (Frontera et al. 1985). Top right panels: HEXE energy dependent pulse pro-
files obtained during the 1989 giant outburst (Kendziorra etal. 1994). Bottom panels: energy
dependent pulse profiles obtained at different luminosity levels during the 1994 giant outburst
(Finger et al. 1996).

3.4 Optical observations

The binary system A 0535+26 does not show X-ray outbursts at every periastron pas-
sage. This is due to the fact that the optical companion HDE 245770 does not always
present a disk around it which provides the fuel for the neutron star.

In Coe et al. (2006), ten years of optical monitoring of A 0535+26 were presented.
Their results clearly show that the optical star HDE 245770 went through a period in
which the circumstellar disk reached a minimum in 1998, and then a dramatic recov-
ery of the disk took place. This was most probably the cause ofthe X-ray outbursts
observed in 2005.
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Figure 3.4: Right panel:HEXE spectrum of A 0535+26 from the discovery of the cyclotron
lines atEcyc,1 ∼ 45 keV andEcyc,2 ∼ 100 keV. The upper panel shows the spectrum and
best fit model, and the lower panel shows the residuals of a fit without including in the model
absorption features, in which the two lines can be appreciated (Kendziorra et al. 1994). Left
panel: spectrum and residuals of the Crab, which was observed simultaneously.

In the circumstellar disk around the optical companion, Hα line forms in emission.
The total flux is closely related to the size of the disk. The monitoring of this line
during more than 10 years for A 0535+26 is shown in Fig. 3.5. A clear evolution of
the Hα line can be seen. It went from emission, through an almost complete loss
of the disk in 1998, and then evolved progressively to stronger emission until 2005,
coincident with the strong X-ray outburst observed. The He 6678 Å line shows a
similar pattern, also shown in the figure, with a complete loss of the emission in 1998
and a recovery of the emission in 2005. Grundstrom et al. (2007) obtained similar
results from an independent monitoring of the Hα line of HDE 245770.
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Figure 3.5: Evolution of the Hα and He I lines profiles of A 0535+26 from 1996 until 2005.
The emission lines are related to a circumstellar disk around the optical companion, which
almost disappeared in 1998 and progressively reappeared, showing a maximum emission in
2005 coincident with the X-ray outburst. (Figure from Coe etal. 2006).
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RXTE and INTEGRAL observatories

4.1 RXTE

The Rossi X-ray Timing ExplorerRXTE1 (Bradt et al. 1993) was launched on De-
cember 30 1995, and is still operational today. It provides an unprecedented time
resolution together with moderate spectral resolution, allowing to study the variabil-
ity of X-ray sources in timescales from milliseconds to months. RXTE covers the
∼ 2 − 250 keV range with two co-aligned instruments, the Proportional Counter
Array PCA (2 − 60 keV) and the High Energy X-ray Timing ExperimentHEXTE
(20 − 250 keV). It also has an independent instrument, the All-Sky Monitor ASM
(2–10 keV), which scans about 80 % of the X-ray sky in every orbit. RXTE was
launched into a low-earth circular orbit at an altitude of 580 km, with an orbital pe-
riod of 90 minutes and 23◦ inclination. See Fig. 4.1 for a schematic view of the
satellite.

4.1.1 The Proportional Counter ArrayPCA

Proportional counters are based on photoelectric effect. Aproportional counter con-
sists of a cell filled with gas (typically noble) with a wire connected to a high voltage.
The wire is coupled via a capacitor to a charge sensitive preamplifier. X-rays enter-
ing the cell interact with the gas via photoelectric effect,and an ion-electron pair is
produced, which will go to its corresponding cathode-anode. The detector enters the
proportional counter mode when a sufficiently large electric field is applied, so that
the electrons ionize the atoms in the gas by collisions and generate a charge multiplica-
tion, which is proportional to the original charge. The measured pulse is proportional
to the original X-ray photon energy.

ThePCA on boardRXTE consists of five proportional counter units (PCU) filled
with xenon gas. Each detector has an effective area of∼ 1300 cm2, giving a total

1Named in honor of the cosmic ray and astrophysicist Bruno B. Rossi
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Figure 4.1: Schematic view of theRXTE spacecraft. The three instrumentsPCA, HEXTE and
ASM are labeled. (Credit: NASA).

effective area of∼ 6250 cm2. In order to limit the field of view and to reduce the
background2 that such a large collective area has, a collimator of beryllium copper is
used. It blocks the X-ray radiation that comes from a different direction than that of
the source of interest. The background signal is further reduced with an efficient anti-
coincidence system. The primary detector, which is oriented to the target and shielded
from other directions, is surrounded by a secondary detector. A signal measured from
the primary detector is only accepted when it is not accompanied by a coincident
detection in the secondary detector.

The Experiment Data System (EDS) pre-analyzes and compresses thePCA data
before its transmission to the ground.PCA basic performance characteristics are

2The sensitivity of an X-ray detector is the minimum flux that can be distinguished from the background.
The background is made of two components: a diffuse cosmic X-ray background, of astrophysical origin,
(discovered by Giacconi et al. 1962), and an internal background associated with the detector

The area of the detector plays an important role in the sensitivity. Non-focusing instruments in X-rays
have larger detection areas, and therefore the internal background associated with the detector is larger.
This results in a lower sensitivity. See e.g. Peterson (1975), Fraser (1989) or Longair (1992) for more
details. A comparison of sensitivities for different X-raymissions can be found in Tenzer (2008).
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Table 4.1:RXTE performance parameters, from Jahoda et al. (1996), Rothschild et al. (1998)
and Levine et al. (1996).

PCA HEXTE ASM
Energy Range 2 − 60 keV 15 − 250 keV 2 − 10 keV
Detector Xe proportional NaI(Tl), CsI(Na) Xe-CO2 PSPC

counter array scintillator counters
Sensitive Area 6250 cm2 1600 cm2 90 cm2

Energy resolution <18%@ 6 keV <17%@ 60 keV –
Time resolution 1 µs 7.6 µs 1.5 h
Sensitivity 0.1mCrab (10 min) 1mCrab (105 s) 30mCrab (1.5 h)
Field of View 1◦ × 1◦ 1◦ ×1◦ 6◦ × 90◦

summarized in Table 4.1. See Fig. 4.2 (left) for a schematic view of thePCA assem-
bly. A detailed description of the instrument can be found inJahoda et al. (1996).

4.1.2 The High Energy X-ray Timing ExperimentHEXTE

In X-ray astronomy, for energies above∼15 keV inorganic scintillator counters can be
used. They consist of a scintillating crystal, coupled to a photodetector. An incident
X-ray interacting with the detector generates scintillation light in the optical range.
This optical light is converted into charge by a photomultiplier. Common scintillation
detectors used in X-ray astronomy are thallium activated sodium iodide NaI(Tl) or
caesium iodide activated with sodium, CsI(Na) or thallium CsI(Tl). Scintillator detec-
tors are used in the phoswich (or phosphor sandwich) configuration in order to reduce
the internal background of the detector. It consists of the combination of two different
scintillators, a main one and a shielding one, optically coupled to a single photomul-
tiplier tube. The two scintillators have different fluorescence decay times allowing
to distinguish events generated in only one crystal from events generated in both. A
common combination used is NaI(Tl) as main detector (decay time τ = 0.23µ s) and
CsI(Tl) (τ = 0.68µ s) or CsI(Na) (τ = 0.46µ s) as shielding detectors.

The HEXTE on boardRXTE consists of two independent clusters, each with 4
detectors. Each detector consists of a scintillator counter (NaI(Tl) crystals), coupled
to a photomultiplier through a CsI(Na) crystal. Each detector has a collimator, and
they are all co-aligned on source, providing an angular resolution of 1◦. See Fig. 4.2
(right) for a schematic view of theHEXTE.

The two clusters can rotate either±1.5 ◦ or ±3.0 ◦ around the pointing position,
and their rocking axis are orthogonal. This allows to obtainfour different background
measurements around the source-pointing direction. Table4.1 summarizes the basic
performance characteristics ofHEXTE. A detailed description of the instrument is
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Figure 4.2: Left: schematic view of thePCA assembly. (Credit: NASA). Right: schematic
view of theHEXTE clusters. The phoswich detector assemblies are labeled. (Figure from
UCSD).

given in Rothschild et al. (1998).

4.1.3 The All Sky MonitorASM

The ASM consists of three rotating cameras (Scanning Shadow Cameras, SSC),
which scan80 % the X-ray sky in the(2 − 12) keV band in everyRXTE revolu-
tion. Each of the SSC cameras has a one-dimensional mask 50% open (see Sect. 4.2
for details on coded masks) and a position-sensitive proportional counter PSPC con-
taining a 95% Xe– 5%CO2 mixture. Basic performance characteristics of theASM
are given in Table 4.1. A detailed description of the camerasand the detectors can be
found in Levine et al. (1996).

TheASM allows to detect transient sources and other time-variablephenomena,
and provides long term light curves of bright X-ray sources.TheASM /RXTE team3

providesASM light curves athttp://xte.mit.edu/ASM_lc.html, updated
on a near-weekly basis. The data is processed on board by the EDS, which also
controls the rotation of the SSC cameras.

4.2 INTEGRAL

The International Gamma-Ray Astrophysics LaboratoryINTEGRAL (Winkler et al.
2003) was launched on October 17, 2002. Its main scientific goals are to perform
high-resolution spectroscopy with fine imaging and accurate positioning of gamma-
ray emitting sources.INTEGRAL ’s fine imaging capability as well as large field of
view provide an ideal instrument to discover soft-gamma-ray sources. Its instruments

3at MIT and the Goddard Space Flight Center SOF and GOF
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Figure 4.3: Schematic view of theINTEGRAL spacecraft. TheIBIS andJEM-X coded masks
are labeled (located 3.2 m above the detection plane), as well as the spectrometerSPI, the
optical monitorOMC and the star trackers. Overall dimensions of the spacecraftare 4 m×

6 m, excluding the solar arrays. (Image source: ESA).

cover a broad energy range from∼ 3 keV up to∼ 10 MeV. It carries two main
gamma-ray instruments, the spectrometerSPI (20 keV−8 MeV) and the imagerIBIS
(20 keV − 8 MeV), as well as two monitoring instruments in the X-ray and optical
ranges,JEM-X (3 − 35 keV) andOMC (V-band). See Fig. 4.3 for a schematic view
of the payload and service modules.

INTEGRAL has been launched into a high eccentric orbit, taking three days for
one revolution around the Earth. The orbit was chosen in a waythat minimizes the
background noise due to protons trapped in the radiation belt, and has the advantage
that it allows to perform long uninterrupted observations.

4.2.1 Imaging withINTEGRAL

The X-ray and gamma-ray instruments on boardINTEGRAL make use of the coded
mask technique to obtain images of the sky. BelowE ∼ 10 keV it is possible to focus
X-rays using grazing incidence. However, aboveE ∼ 10 keV nowadays the only pos-
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Figure 4.4: Basic illustration of coded-mask imaging. The flux from two sources is recorded in
the detector coded by the mask. A deconvolution has to be applied to the shadowgram recorded
in the detector to reconstruct the image from the sky. (Figure from Caroli et al. 1987).

sibility to obtain images is to use the coded mask technique.A coded mask consists
of a plaque with opaque and transparent elements placed above the detector plane.
The basic concept behind a coded mask is the pinhole camera, an opaque plaque with
one transparent element or hole, placed between the source and the detector plane,
which produces an image on the detector plane. In a coded-mask telescope, X-rays
coming from the sources in the field of view are coded trough the mask, and a shad-
owgram is recorded on a position sensitive detector. Imaging with coded-masks is
a two-step process, since after obtaining the shadowgram, adeconvolution process
has to be applied in order to obtain the image of the sky. Details on this process are
given in Chapter 5, Sec. 5.2.3. Fig. 4.4 illustrates the basic concept of coded-mask
imaging. Fig. 4.5 shows the Point Spread Function (PSF) in coded-mask telescopes,
which is, in contrast to classical imaging systems, spread all over the detector. Two
different fields of view are defined in coded-masks telescopes: Fully Coded Field of
View (FCFOV), for which all the source flux is modulated by themask, and Partially
Coded Field of View (PCFOV), for which only a fraction of the source flux is coded
by the mask (see Fig. 4.6). Details on the design of optimum coded-mask telescopes
can be found in Proctor et al. (1979). Further details on coded-mask telescopes can
be found for example in Caroli et al. (1987) or Skinner & Ponman (1994), and at
http://www.sron.nl/~jeanz//cai/.

Coded mask telescopes have an advantage compared to focusing X-ray telescopes,
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Figure 4.5: Left panel: Classical focusing system and its PSF. Right panel: coded-mask system
and its PSF spread all over the detector. (Fig. from Skinner 2004).

and that is their large field of view. Even if the angular resolution of coded mask
telescopes is worse than that of focusing X-ray telescopes (e.g.∼arcsecond forXMM-
Newtonor Chandracompared to∼arcminutes forINTEGRAL IBIS , see below), the
field of view is much larger (for instance 16◦ for INTEGRAL SPI compared to 30 ’
for Chandraor XMM-Newton), allowing to discover new X-ray sources or transients
which otherwise would not have been detected.

An advantage of imaging X-ray telescopes is that the background is measured si-
multaneously with the source. In non-imaging instruments,the background can be
modeled (e.g. inPCA) or measured with rocking instruments (e.g. inHEXTE).

In the following sections, brief descriptions of the four instruments on boardINTE-
GRAL are given.

4.2.2 SPI

TheSPI telescope operates in the20 keV− 8 MeV range. It provides medium angu-
lar resolution together with high energy resolution, allowing to resolve astrophysical
lines and to perform spectroscopy.

The coded mask has a HURA pattern (Hexagonal Uniform Redundant Array, see
Cook et al. 1984), and the opaque cells are made of tungsten. It has a 75 % trans-
parency atE = 35 keV, and reaches 85 % transparency atE = 300 keV.

The position sensitive detector inSPI is made of the semi-conductor germanium
(Ge). During many years the workhorse in gamma-ray astronomy have been NaI



Chapter 4.2: INTEGRAL 53

Figure 4.6: Illustration of Fully Coded Field of View and Partially Coded Field of View in a
coded mask telescope. (Figure from Caroli et al. 1987).

scintillator detectors. However, Ge detectors have the advantage to offer a very high-
energy resolution, but have the inconvenient that they require cooling down toT ∼
90 K. Details on Ge and other detectors used in gamma-ray astronomy can be found
in Gehrels et al. (1988).

The detector inSPI is an array made of 19 germanium detectors, with an hexagonal
shape in an area of 508 cm2. The detector is cooled down atT ∼ (85 − 90) K with a
cryogenic system.

The mask is much larger than the detector, with only 1.7 m separation, which gives
the wide field of view of 16◦ (see Fig. 4.7). Basic instrument characteristics are
summarized in Table 4.2. A detailed description ofSPI can be found in Vedrenne
et al. (2003).

4.2.3 IBIS

TheIBIS telescope operates in the15 keV−10 MeV range, and is optimized for high
angular resolution. The detection system is formed by two independent detectors,IS-
GRI andPICsIT. ISGRI is optimized for low energies,15 keV−1 MeV, andPICsIT4

is optimized for higher energies,200 keV− 10 MeV.
The coded mask is based on a cyclic replication of a MURA (Modified Uniformly

Redundant Array, see Gottesman & Fenimore 1989) of order 53.It is an array1064 ×
1064 × 16 mm3 made of95 × 95 individuals cells. Approximately 50 % of the cells
are opaque to photons.

4Due to limitations of the public software available to analyze INTEGRAL data (Off-line Science
Analysis OSA, available in the Integral Science Data CenterISDC, Geneva), at the momentPICsIT is
limited to very strong sources and will not be used in this thesis
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Table 4.2:SPI and IBIS performance parameters, from Vedrenne et al. (2003) and Ubertini
et al. (2003). Continuum sensitivity in units ofph cm−2 s−1 keV−1, line sensitivity in units of
ph cm−2 s−1, for a 3σ detection and106 s observation.

SPI IBIS
Energy Range 18 keV− 8 MeV 15 keV− 10 MeV
Sensitive Area 508 cm2 Ge 2600 cm2 CdTe

2890 cm2 CsI
Energy resolution (FWHM) 3 keV @ 1.7 MeV 8 keV @ 100 keV
Continuum Sensitivity @100 keV 5.5 × 10−6 6 × 10−7

Line Sensitivity @100 keV 3.3 × 10−5 1.9 × 10−5

Fully Coded Field of View 16◦ (diameter) 9◦ × 9◦

Angular Resolution (FWHM) 2.5◦ 12 ’
Point Source Location Accuracy 10 ’ 30 ”
Absolute timing accuracy ≤ 200 µs ≤ 200 µs

ISGRI is made of CdTe semiconductor detectors. The small size of the detectors
(2 mm thick,4×4mm) allows to obtain a pixelated image with high spatial resolution.
Each CdTe detector is read out by its own dedicated electronics. There are in total
16384 detectors (128×128), in a total area of2600 cm2. Basic instrument character-
istics are summarized in Table 4.2. A detailed description of the instrument can be
found in Lebrun et al. (2003).

4.2.4 JEM-X

The Joint European Monitor for X-rays operates in the3 − 35 keV range. Operating
simultaneously withIBIS andSPI, JEM-X provides low energy data complementary
to the gamma-ray data. Its spacial resolution is higher thanin the gamma-ray instru-
ments, which helps in the identification of sources.JEM-X consists of two identical
telescopes,JEM-X1 andJEM-X2, each with its own mask, detector and associated
electronics.

The coded mask is a hexagonal array (HURA pattern, HexagonalUniform Redun-
dant Array, see Cook et al. 1984) made of 22 501 elements, with25 % open area.

The JEM-X position sensitive detector is a microstrip gas chamber. Microstrip
detectors were developed to replace the wires on proportional counters, and contain
narrowly spaced conductor strips. See Oed (1988) for details on microstrip detectors.
Multiwires proportional counters consist of a large grid ofthin anode wires on a flat
plate placed between two large flat plates with cathode wire grids. This is placed
inside the gas detector, and allows to localize the events that hit the detector in two di-
mensions. The gas is a mixture of 90% xenon and 10% methane (at1.5 bar pressure),
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Table 4.3:JEM-X andOMC performance parameters, from Lund et al. (2003) and Mas-Hesse
et al. (2003). Continuum sensitivity in units ofph cm−2 s−1 keV−1, line sensitivity in units of
ph cm−2 s−1, for a 3σ detection and106 s observation.

JEM-X OMC
Energy Range 4 keV–35 keV 500 nm–600 nm
Sensitive Area 500 cm2 CCD

(eachJEM-X unit) 2061×1056 pixels
Energy resolution (FWHM) 2.0 keV @ 22 keV -
Continuum Sensitivity @6 keV 1.2 × 10−5 -
Line Sensitivity @100 keV 1.9 × 10−5 -
Fully coded field of view 4.8◦ (diameter) 5◦ ×5◦

Angular Resolution (FWHM) 3 ’ 25 ”
Point Source Location Accuracy 15 ” 6 ”
Absolute timing accuracy (3 σ) ≤ 200 µs >1 s

with 500 cm2 sensitive area. A detailed description ofJEM-X can be found in Lund
et al. (2003). The basic instrument characteristics are summarized in Table 4.3.

Currently onlyJEM-X1 is operated, because at the beginning of the mission a
gradual loss in sensitivity in bothJEM-X units took place due to the erosion of the
microstrip anodes.JEM-X is operated at a lower voltage and therefore at a lower
gain, to reduce the anode damage rate.

4.2.5 OMC

The Optical Monitoring Camera on boardINTEGRAL provides simultaneous V-band
photometry (centered at 550 nm) of the gamma-ray sources observed withSPI and
IBIS . It allows to identify optical counterparts of high-energysources discovered
with the gamma-ray instruments. TheOMC has refractive optics, focused onto a
CCD detector. The basic performance parameters are summarized in Table 4.3. More
details can be found in Mas-Hesse et al. (2003).

4.2.6 Dithering

The four instruments on boardINTEGRAL have very different fields of view, as
shown in Fig. 4.7. In order to reduce the systematic effects on spatial and background
variations, dithering observation modes are used. The dithering consists of several
off-pointings with respect to the target in steps of 2◦. There are two dithering patterns
in INTEGRAL : rectangular and hexagonal. The hexagonal pattern is well suited for
single known gamma-ray point sources. The rectangular pattern is more appropriate
for crowded fields of view, for sources with unknown positions and for diffuse sources.
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Figure 4.7: Fully coded field of view and dithering pattern for all instruments on boardINTE-
GRAL . (Figure from Jensen et al. 2003).

These patterns are shown in Fig. 4.7.



CHAPTER 5

A 0535+26 observations withRXTE and INTEGRAL

5.1 Overview of the August/September 2005 outburst.

A 0535+26 remained in quiescence for more than 11 years, since the 1994 giant out-
burst until 2005 (see Chapter 3). In May/June 2005 (MJD 53490–53550) a giant (type
II) outburst took place, associated with the periastron passage of the source. The out-
burst unfortunately could not be observed by most astronomical satellites due to Sun
constraints (Tueller et al. 2005). Two subsequent normal (type I) outbursts took place
in August/September (MJD 53605–53625)and December 2005 (MJD 53720–53740),
in the successive periastron passages. TheRXTE ASM andSwift BAT light curves
of A 0535+26 (MJD 53480–53750) showing the three outbursts are plotted in Fig. 5.1.
During the giant outburst, the highest value of the flux measured with ASM was
F(2−10) keV ∼ 1.58 Crab andF(15−50) keV ∼ 5.7 Crab measured withSwift BAT 1.
During the August/September normal outburst,ASM registered a maximum flux of
F(2−10) keV ∼ 173 mCrab andSwift BAT F(15−50) keV ∼ 0.88Crab. The weaker nor-
mal outburst in December 2005 reachedF(2−10) keV ∼ 110 mCrab in theASM and
F(15−50) keV ∼ 0.44 Crab inSwift BAT .

The normal outburst in August/September 2005 was observed with INTEGRAL
andRXTE through the activation of aTarget of Opportunityprogram. The timetable
of the observations is summarized in Table 5.1, and all the individualRXTE pointings
are listed in Appendix A. TheASM andBAT light curves relative to the type I out-
burst of August/September (MJD 53600–53640) are shown in Fig. 5.2. In the same
figure the times of theRXTE and INTEGRAL pointings are indicated. A sketch
of the 111.1 day orbit of the neutron star around the optical companion is shown in
Fig. 5.3, with the section of the orbit in which theINTEGRAL andRXTE observa-

1The Crab is typically used in X-ray astronomy as calibrationsource and as a unit of measure for
the flux. 1 Crab in the (2-10) keV energy range corresponds to aflux of approximatelyF(2−20) keV ∼

2.3 × 10
−8 erg cm−2 s−1. The Crab nebula flux is about 75ASM counts s−1 (2 − 10 keV) and 0.2263

Swift BAT counts cm−2s−1 (15 − 50 keV).
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tions were performed highlighted. The∼ 200 ks INTEGRAL observation is divided
in 56science windows(see Sec. 5.2.3), and the∼ 140 ksRXTE observation consists
of 44 pointings.
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Figure 5.1: Top panel:RXTE ASM light curve (2 − 10 keV) of A 0535+26 showing the
giant outburst and subsequent normal outbursts in 2005. Bottom panel:Swift BAT light curve
(15 − 50 keV) during the same time interval. The vertical dotted lines indicate the periastron
passages (ephemeris from Finger et al. 2006).

From the analysis of theASM light curve of the August/September 2005 outburst
the presence of a flare is detected in the rise to the peak, witha duration ofτflare ∼1
day. TheSwift BAT light curve reveals that the flare seen withASM is just one of
a collection of flares occurred before the periastron passage. After that, the outburst
presents a smoother evolution. A detailed analysis of the observations during the
main outburstis presented in Chapter 6 while the analysis of the observations of the
pre-outburst flareis described in Chapter 7.
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Figure 5.2: Top panel:RXTE ASM light curve of A 0535+26 during the normal outburst in
August/September 2005. The start and stop times of ourINTEGRAL observation are indicated,
as well as each of the individualRXTE observations and the periastron passage. Bottom panel:
Swift BAT light curve during the same outburst. The flare during the rise to the peak of the
outburst seen in theASM light curve is one of a collection of flares seen in theBAT light
curve (ephemeris from Finger et al. 2006).

Table 5.1: Log of the observations used in this work. The observation ID, start and stop time
and total observation time are given. Appendix A contains all the RXTE pointings.

Obs.ID start-stop time (MJD) duration
INTEGRAL 03200490001 53613.46–53615.89 ∼ 200 ks

(56 scws)
RXTE P91085, P91086 53608.7–53638.8 ∼ 140 ks

(44 pointed obs.)
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Figure 5.3: Sketch of the 111.1 days orbit of A 0535+26 aroundthe optical companion
HDE 245770. The red line indicates the fraction of the orbit during which theINTEGRAL
andRXTE observations were performed, with an arrow indicating the direction of motion of
the neutron star. The periastron time is represented with a square (ephemeris from Finger et al.
2006).

5.1.1 Optical light curve withOMC

The binary system A 0535+26 happens to be in theINTEGRAL FOV of the rou-
tine observations of the Crab source performed for calibration purposes. No X-ray
emission from A 0535+26 was observed (except during a flare in2003, Hill et al.
2007), while the optical companion HDE 245770 has been periodically monitored
with theOMC. The evolution of the visual magnitude for the available observations
of A 0535+26 withOMC2 is shown in Fig. 5.4 (in Chapter 6, Fig.6.3, theOMC light
curve corresponding to theINTEGRAL observation in 2005 is shown). A decline in
the optical brightness of the star is observed in the August/September 2005 outburst,
reaching a minimum ofmv = 9.570 ± 0.012. After that, the optical magnitude has
increased again, reachingmv = 8.881 ± 0.012.

As observed by Lyutyi et al. (1989) and Lyuty & Zaĭtseva (2000) in past giant
outbursts of A 0535+26, the optical magnitude of HDE 245770 decreased prior to the
observed giant outbursts, and increased during the outburst. This was also seen in

2Based on data from theOMC Archive at LAEFF (http://sdc.laeff.inta.es/omc/index.jsp), pre-processed
by ISDC
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Figure 5.4: Top panel:OMC light curve of A 0535+26 using all availableINTEGRAL obser-
vations. Bottom:ASM (2 − 10 keV) X-ray light curve for the same period of time.

V 0332+53: X-ray outbursts were preceded by optical brightening in 1983, 1989 and
2004 (Kiziloglu et al. 2008). The same behavior is seen in theOMC light curve, with
an increase of the optical flux before 2005 reaching a minimumof mv = 9.036 ±
0.012 in March 2004.

5.2 RXTE and INTEGRAL data analysis

5.2.1 X-ray spectral analysis

The spectral analysis ofRXTE andINTEGRAL data was performed with the X-ray
Spectral Fitting PackageXSPEC v11.33 (Arnaud 1996), provided by the HEASARC4.

The count rate observed with an X-ray detector,C(I) (photon counts per instru-
ment channel) is not the actual spectrum of the sourcef(E). The actual spectrum of

3http://heasarc.gsfc.nasa.gov/docs/xanadu/xspec/xspec11/index.html
4NASA’s High Energy Astrophysics Science Archive Research Centerhttp://heasarc.gsfc.

nasa.gov/docs/software/ftools/ftools_menu.html
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Table 5.2: Critical∆χ2 to calculate confidence regions for the cases used in this work (values
from Avni 1976).

∆χ2

Confidence level (%) No. of interesting parameters
1 2

68 % (1σ) 1.00 2.30
90 % 2.71 4.61
99 % (3σ) 6.63 9.21

the source relates to the observed spectrum in the followingway:

C(I) =

∫ ∞

0

f(E)R(I, E)dE (5.1)

whereR(I, E) is thedetector instrumental response, proportional to the probability
that a photon of energyE is detected in the channelI. Inverting this equation will
give the spectrum of the source. But this inversion is not unique. The usual approach
to solve this problem is to define a modelf ′(E), and calculate an observed spectrum
Cp(I) by convolvingf ′(E) with the responseR(I, E). We then fit this calculated
spectrum with the observed one until we obtain a “good match”between the con-
volved model and the measured data. Typicallyχ2 statistic is used, which assumes a
Gaussian distribution for the spectral channels. Theχ2 is defined as:

χ2 =
∑ (C(I) − Cp(I))2

σ(I)2
(5.2)

whereσ(I) is the error for channelI. If χ2 exceeds a critical tabulated value, the
model used is not appropriate. The reducedχ2 is defined asχ2

red = χ2/dof, where
dof is the number of degrees of freedom. Generally,χ2

red ≈1 indicates a good fit (see
Bevington & Robinson 1992), but does not imply that the modelis theonly possible
one. In general a model will be acceptable ifχ2

red ≈ 1 is obtained together with an
acceptable physical explanation for the model.

Once a best fit model is obtained, confidence limits for the model parameters can
be obtained. The method used here is described in Avni (1976)and implemented in
XSPEC. This is done varying the parameter value until theχ2 increases by a particu-
lar amount above the best fit value. The critical∆χ2, or amount thatχ2 is allowed to
vary, depends on the confidence level required and on the number of parameters that
are being varied. Typical values for the critical∆χ2 for one and two parameters of
interest are given in Table 5.2.

In order to perform spectral fitting, the instrumental response (R(I, E) in Eq. 5.1)
has to be known. The response, as described above, is a continuous function ofE,
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proportional to the probability that a photon of energy E is detected in a channelI.
The continuous function is converted into a discrete function, the response matrix
RD(I, J), such as:

RD(I, J) =

∫ EJ

EJ−1

R(I, E)dE/(EJ − EJ−1) (5.3)

The response matrix includes non-linearities of the detector, like escape peaks5

or Compton scattered photons. The effective area and the quantum efficiency as a
function of the energy are usually taken into account via an auxiliary response file,
ARF, that must be multiplied byRD(I, J).

5.2.2 RXTE data extraction

RXTE data were extracted using theFTOOLS v6.3.16 package provided by the
HEASARC. Information on theRXTE data extraction is available atThe ABC of
XTEandTheRXTE Cook Book, both available at theRXTE GOF7. Specific scripts
mainly developed at AIT and at the University of Erlangen-Nuremberg were used for
the data reduction. A description of these tools is available athttp://pulsar.
sternwarte.uni-erlangen.de/wilms/research/analysis/rxte/.

The selection of the data, and creation of good time intervals (GTIs), were per-
formed according to the following criteria, following theRXTE GOF recommenda-
tions: observations performed within 30 min of the South Atlantic Anomaly8 passage
were rejected. The minimum source elevation above the horizon allowed was 10◦ to
avoid X-ray contamination from the Earth’s limb. And forPCA we excluded data for
which the electron ratio was higher than 0.1 in at least one ofthe detectors. This is
a measure of the electron contamination, given by a certain ratio of veto rates in the
detector (Wilms et al. 1999). With those GTIs, using the appropriateFTOOLS v6.3.1
for each task, we extracted high resolution spectra and light curves, performed the
modeling of thePCA background and generated the response matrices.

Pulse phase resolved analysis has been performed with theikfasebin tool based
on fasebin from FTOOLS v6.3.1, which takes theHEXTE dead time correction

5The detection of photons is mainly due to photoabsorption bythe detector gas. As a consequence of
the photoabsorption, a characteristic fluorescence photon(or an Auger electron) is emitted. In most of
the cases, this fluorescence photon is reabsorbed near the interaction site. However, in some cases (for
instance if the photoelectric absorption takes place near the surface of the detector) the X-ray can escape
the detector. In this case, the energy deposited in the detector is smaller by an amount of energy equals
to the original X-ray photon energy minus the characteristic X-ray energy. This produces a peak in the
response function or “escape peak” (Knoll 2000).

6http://heasarc.gsfc.nasa.gov/docs/software/ftools/ftools_menu.html
7Guest Observer Facilityhttp://heasarc.gsfc.nasa.gov/docs/xte/xte_1st.html
8South Atlantic Anomaly (SAA): dip in the Earth’s magnetosphere that produces a higher particle flux

in that region, that can contaminate the observations
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into account (Kreykenbohm 2004). Dead time correction inHEXTE data is necessary,
because the movement of the cluster while rocking is treatedas dead time in the off-
source data, and without this correction the background subtraction would be wrong.

We included 0.5% systematic errors forPCA data. For most of our observations the
PCA count rate is large and the uncertainty is dominated by systematic uncertainties
and not Poisson errors. In the case ofHEXTE, the uncertainty is dominated by the
Poisson error of the data, because the count rate at higher energies and the effective
area of the detector are smaller. We therefore included no systematic errors in the
HEXTE data.

5.2.3 INTEGRAL data extraction

The INTEGRAL data analysis was performed withOSA, the INTEGRAL Off-line
Scientific Analysis software (available at ISDC9) following the instructions from the
JEM-X, IBIS andSPI cookbooks. For all theINTEGRAL instruments, the analysis
is made of several steps, in which corrections are applied tothe data, the image re-
construction is performed and the spectra and light curves are extracted. A detailed
explanation of these steps is given in theIntroduction to theINTEGRAL Data Anal-
ysisavailable at ISDC.

Due to the dithering pattern (see Chapter 3),INTEGRAL observations are made of
many pointings of∼30 minutes separated by slews. Each of these pointings is called
science window, that are grouped inobservation groups.

As was mentioned in Sec.4.2.1,INTEGRAL makes use of the coded mask tech-
nique. In the following the basic concept in deconvolving coded mask data, relevant
to INTEGRAL analysis, is summarized.

Let S be the sky image, M the mask array and B the background. The mask is
made of 1 (transparent) and 0 (opaque) elements. The shadowgram recorded on the
detector will be given by the convolution of the sky image with the mask array plus
the background,

D = S ⊗ M + B (5.4)

By building an array G such asM ⊗ G = δ (whereδ is the Dirac’s delta function),
the deconvolved image S’ on the sky can be obtained:

S′ = D ⊗ G = S + B ⊗ G (5.5)

One problem of coded mask instruments, compared to focusingtelescopes, is that
the source of interest can be contaminated by bright sourcesin the field of view. Con-
tamination can occur using theJEM-X standard spectral extraction tool (seeknown
issuesof theOSA software athttp://isdc.unige.ch/?Soft+download).

9INTEGRAL Science Data Centrehttp://isdc.unige.ch/index.cgi?
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Therefore we checked that theJEM-X A 0535+26 spectrum is not contaminated by
the Crab, that was observed simultaneously. We extracted A 0535+26JEM-X spec-
tra for all the science windows, and also excluding the science windows which were
pointing closer to the Crab (dithering pointings 2 and 7). The flux of both spectra is
the same, so we are sure that the Crab is not contaminating ourJEM-X A 0535+26
spectra. The Crab is a very well known source typically used for calibration (Toor
& Seward 1974, Kirsch et al. 2005). Systematics of 3 % forJEM-X were evaluated
from the Crab spectrum in the same observation.

We have made use of alternative calibration files provided byINAF-IASFPa to
extractIBIS (ISGRI) data. Instead of the standard LUT2 (look up table) file provided
with OSA, we used a LUT2 which corrects the Charge Loss effect that provides a
better energy correction of theIBIS (ISGRI) events. We used ARF files provided by
the IASF-Pa group calibrated with the simultaneous Crab observations. Details are
given in Mineo et al. (2006) and the alternative calibrationfiles can be downloaded
fromhttp://www.ifc.inaf.it/~ferrigno/integral/.

High resolution light curves were extracted using the alternativeii_light tool,
because this is not possible with the standardOSA tool. The ISDC cookbook recom-
mends the use ofii_light to analyze temporal behavior only within one science
window.OSA builds shadowgrams for each requested energy and time bin toproduce
the light curves, whileii_light makes use of the PIF10 to create the light curves.
This alternative method has been successfully used in Fritzet al. (2006) and Kreyken-
bohm et al. (2008). The last author performed tests on all public available data of the
Crab pulsar up to revolution 464 and checked thatii_light produces count rates
consistent with those obtained with the standardOSA software for sources with an
off-axis angle up to 14◦. Since A 0535+26 lies in the fully coded field of view in our
observations, the use ofii_light is justified.

10PIF: Pixel Illuminated Fraction, number between 0 and 1 thatrepresents the theoretical degree of
illumination of each detector pixel for a given source in thesky



CHAPTER 6

The main outburst

In this chapter we present results from the timing and spectral analysis of the ob-
servations of A 0535+26 during the August/September 2005 outburst performed with
RXTE andINTEGRAL . These results will be then compared to those obtained dur-
ing thepre-outburst flarein Chapter 7. As we will see, there is observational evidence
of a change during the flare compared to the rest of the outburst.

During the data extraction process, an image has been produced for each science
window. An IBIS mosaic image adding all the science windows in shown in Fig. 6.1,
in which A 0535+26 and the Crab can be seen.

6.1 Overview:RXTE and INTEGRAL light curves

We extractedINTEGRAL andRXTE light curves of all the A 0535+26 observations.
An overview of the outburst is given in Fig. 6.2, which shows the∼ 3− 30 keV PCA
light curves of the 44RXTE pointed observations, extracted with 128 s resolution
[MJD 53608.7–53638.8]. In this chapter we focus on the observations of the source
during themain outburst. With main outburstwe refer to all observations except
the ones performed during thepre-outburst flare[MJD 53610.595–53610.755], as
indicated in the figure.JEM-X andIBIS light curves of theINTEGRAL observation
[MJD 53613.46-5361989], near the peak of the outburst, are shown in Fig. 6.3. Those
light curves have also been extracted with 128 s resolution.TheOMC light curve of
the sameINTEGRAL observation is also plotted in the figure. A variability in the
optical flux in seen during the observation, with short flareswith a time scale of the
order of 10 ks, and a change in the optical magnitude up to∆V ∼ 0.7. Trunkovsky
(1995), from more than ten years of monitoring the optical companion, reported of
rapid changes in the optical variability with similar time scales, sometimes correlated
with the X-ray pulsar outbursts. The author proposed that such optical variability may
be caused by irregular activity of the unstable gaseous envelope around the Be star
(see also Lyuty & Zăitseva 2000).
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Figure 6.1:20−40 keV IBIS mosaic image. Left panel: intensity mosaic image of A 0535+26.
The white boxes show the catalog sources. Right panel: significance mosaic image. The green
boxes show the detected sources (A 0535+26 and the Crab).

6.2 Pulse period determination

The first step of the analysis is the determination of the pulse period of the neutron
star. In the 1975 giant outburst, Rosenberg et al. (1975) discovered pulsations of the
neutron star with a period of aP ∼ 104 s. As seen in Chapter 3, the source shows
an overall spin-down trend during quiescence, while duringgiant outbursts a spin-up
has been observed. We determined the pulse period usingINTEGRAL andRXTE
data and studied its evolution during the outburst. In Sec. 6.2.1 a first estimate of the
pulse period fromINTEGRAL data using theepoch foldingtechnique is given. A
more accurate determination of the pulse period using bothINTEGRAL andRXTE
data follows in Sec. 6.2.2.

6.2.1 First estimate: epoch folding

The pulse period can be obtained using theepoch foldingtechnique, described in
Leahy et al. (1983). The basic steps of this method are the following: photon arrival
times are barycentric corrected to eliminate the effect of the movement of the satellite
around the Earth and the Earth around the Sun. These arrival times are then corrected
for the movement of the neutron star on the binary orbit. The light curve is folded
with a range of trial periods, and aχ2 maximization method is applied, calculating
the deviation of each profile from a flat distribution. The highest value ofχ2 will give
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the best estimate for the period.
We applied the epoch folding technique toIBIS andJEM-X light curves, extracted

with ∆t = 1 s time resolution. We performed barycentric correction to the photon
arrival times, as well as the binary correction using the updated ephemeris from Finger
et al. 2006 (given in Table 3.1). To produce the trial pulse profiles we used 100
different trial periods in the rangePtrial ∈ [103 − 103.45] s and 80 phase bins for
the profile. The energy range used forIBIS is 25 − 35 keV and5 − 35 keV for JEM-
X . The result is shown in Fig. 6.4. As best value for the pulse period we take the
maximum of theχ2 fitted to a Gaussian. The FWHM of the distribution gives an
upper limit for the uncertainty, and can be calculated asP 2/te approximating the
distribution by an isosceles triangle (whereP is the best period andte the elapsed
time). We obtained the following value for the pulse period both with JEM-X and
IBIS : P = (103.39± 0.05) s.

6.2.2 Phase connection method

A more accurate value for the pulse period has been obtained using thephase connec-
tion method (Fritz et al. 2006, Ferrigno et al. 2007). The first step of the method is
to divide the barycentric and binary corrected light curve into intervals, each of them
with good enough statistics to reproduce the pulse profile. For each light curve, a
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Figure 6.3: OMC (top panel),JEM-X (middle panel) andIBIS (bottom panel) A 0535+26
light curves of the∼ 200 ks INTEGRAL observation. The observation was performed shortly
before the peak of the outburst.

pulse profile is produced using as first estimate for the period the one obtained from
epoch folding. A stable feature of the pulse profile is selected as reference, and this
reference phase is converted to absolute pulse arrival time. From the differences of
those times for the different pulse profiles, the number of cycles between the different
profiles (very close to an integer) can be determined.

The absolute pulse arrival times can be calculated using thefollowing expansion
(Lyne & Graham-Smith 1990):

T = T0 + nP +
1

2
n2PṖ + . . . (6.1)

where n is the number of cycles,P the pulse period,̇P the period derivative andT0

a reference time. Excluding higher order terms, the values of P andṖ are modified
in an iterative process, until the difference between the observed and calculated pulse
arrival times is minimized.

The final values ofP andṖ are determined by fitting the values ofT − T0 vsn to
a second order polynomial. The coefficients of the polynomial allow to obtainP and
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Figure 6.4: χ2 distributions obtained from epoch folding forJEM-X (left panel) andIBIS
(right panel). The best values for the period and the maximumχ2 obtained are indicated in the
figures.

Ṗ (comparing with Eq. 6.1) and their correspondent uncertainties.

6.2.2.1 Phase connection withINTEGRAL IBIS

We first applied thephase connectionmethod to theIBIS data. We extracted theIBIS
(ISGRI) 15− 60 keV light curve with∆t = 1 s resolution and divided it into 27 light
curves oft ∼ 6 ks each (grouping every 2 science windows). For each of theselight
curves we produced a pulse profile, using the period obtainedfrom epoch folding.
We then selected a reference phase, and calculated the absolute pulse arrival time of
that reference phase. The reference phase used from the pulse profiles is shown in
Fig. 6.5 (left panel). We used the mid point of the sharp edge in the pulse profile. We
performed a linear fit using the pulse profile data points corresponding to the edge,
and determined the mid point. The number of cycles between those reference phases
is then counted.

Eq. 6.1 allows to calculate the absolute pulse arrival timesusing the number of
cycles. An iterative process is applied to determine the pulse period. The result is
given in Table 6.1. The pulse period evolution of A 0535+26 since its discovery in
1975 until 2005 is shown in Fig. 6.6.

Table 6.1: Pulse period measured withINTEGRAL IBIS (ISGRI), and formal (non-significant)
value for the spin-up.

P = (103.39315 ± 0.00005) s for MJD 53614.5137

Ṗ = (−3.7 ± 2.0) × 10−9 s s−1
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6.2.2.2 Phase connection withRXTE

We applied the same method to determine the pulse period using RXTE data. For
each available observation, we extracted barycentric-correctedPCA and HEXTE
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light curves and corrected the photon arrival times for the orbital motion. We then
produced pulse profiles using as trial period the one obtained with the INTEGRAL
observations. For bothPCA andHEXTE we determined a reference phase in the
pulse profiles. As phase reference we selected the midpoint of a sharp edge present
in the pulse profiles, an apparently stable feature (see Fig.6.5 right panel).

The pulse period is approximately constant during the initial pre-outburst flare,
and a significant spin-up is measured after periastron. The period evolution after the
periastron can be described by a third-order polynomial. The results of the fit are
provided in Table 6.2. The period at any time during the outburst is well-described
using those functions, and± 5 ms is a conservative estimate of the uncertainty. It is
consistent with the period measured usingINTEGRAL data within uncertainties. The
function describing the period evolution is plotted in Fig.6.7. It should be noted that
the sharp change of the pulse period at periastron is an artificial feature of the model
used, the real transition is smoother. The best values obtained for the pulse period are
given in Appendix B.
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Table 6.2: Formal function describing the pulse period evolution during the outburst. The
reference for the third order polynomial fit is MJD 53618. From MJD 53629 on the period is
essentially constant.

MJD 53608.70− 53613 53613− 53629

P (s) 103.3960(5) 103.3883(5)

Ṗ (10−8s/s) - −1.69(4)

P̈ (10−14s/s2) - 0.9(3)

d3P/dt3(10−20s/s3) - 2.5(9)

6.3 Pulse profiles

Applying the measured pulse period and its derivatives to fold light curves, we stud-
ied the energy dependent pulse profiles both withINTEGRAL andRXTE. Fig. 6.8
shows the pulse profiles obtained withJEM-X and IBIS (left panel) andPCA and
HEXTE (right panel), from∼ 3 keV to up to200 keV. Two pulse cycles are shown
for clarity. TheRXTE observation was performed relatively near to theINTEGRAL
observation, at a similar luminosity level, and the energy dependent pulse profiles
with INTEGRAL andRXTE as expected do not show significant differences. Sim-
ilar to other accreting pulsars, the source shows a complex profile in the low energy
range (∼ 2−20 keV). A simpler double-peak profile is observed fromE ∼ 20 keV to
E ∼ 45 keV. At higher energies the second peak is significantly reduced. The source
is observed to pulsate up toE ∼ 120 keV, while aboveE ∼ 120 keV no modulation
is detected.

We also studied theRXTE pulse profile evolution during the outburst. A selection
of pulse profiles at different luminosity levels during the outburst has been made, and
several similar observations have been grouped to increasethe statistics. An overview
of the evolution of the energy dependent pulse profiles during the outburst is given
in Fig. 6.9. The pulse profiles during the main part of the outburst do not show
dramatic differences. They do show some differences (e.g. between phases 0.8–1
between groups 2 and 3 in Fig. 6.9), but they evolve slowly remaining very similar
for days. The individual pulse profiles of the 44RXTE pointed observations are
shown in Appendix C.

We wish however to mention that the light curve presents a strong pulse to pulse
variation, which disappears when averaging over several pulses. This can be seen in
Fig. 6.10, where thePCA light curve is shown overplotted with the pulse profile for
several cycles.

The pulsed fraction from a pulse profile in a given energy range is defined as:
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PF =
Fmax− Fmin

Fmax + Fmin
, (6.2)

whereFmax andFmin are the maximum and minimum values of the flux in the pulse
profile.

The pulsed fraction of A 0535+26 as a function of the energy using PCA and
HEXTE data has been calculated. As an example, the pulsed fractionfor oneRXTE
observation using all phases is shown in Fig. 6.11 (left panel). AboveE ∼ 20 keV
the pulsed fraction increases with the energy. However, a decrease of the pulsed frac-
tion with increasing energy belowE ∼ 20 keV is observed. At low energies, the
photospheric absorption plays an important role. We have recalculated the pulsed
fraction removing the phases corresponding to the sharp dippresent in the low en-
ergy pulse profiles (phases 0.05–0.15 in the right panel of Fig. 6.8). As can be seen
in Fig. 6.11 (left panel), the decrease of the pulsed fraction with increasing energy
is caused by this sharp dip. The dip, which is an extremely stable feature along the
whole outburst, can be due to a strong absorption, and is responsible for the change
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els during the August/September 2005 normal outburst. The upper panel contains thePCA
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in the pulsed fraction evolution. However, even with the exclusion of this dip there
is still a slight decrease of the pulsed fraction with increasing energies for energies
below E ≈ 5 keV. We explored this behavior in the phase resolved spectra(see
Section 6.4.3).

The evolution of the pulsed fraction during the outburst, and therefore its evolution
with the luminosity, has also been studied. For this purposetwo energy bands have
been selected:5− 20 keV (PCA data) and20− 40.8 keV (HEXTE data). The pulsed
fraction evolution during the outburst is plotted in the right panel of Fig. 6.11. Dur-
ing the rise to the peak of the outburst, the pulsed fraction presents a scatter in both
energy ranges, and no correlation between the pulsed fraction and the luminosity is
seen. On the other hand, during the decay of the outburst the5 − 20 keV pulsed frac-
tion increases with decreasing luminosity. This correlation can not be assessed with
theHEXTE data because at lower luminosities and higher energies the uncertainties
become too large.

During the giant outburst in 1994, quasi periodic oscillations were found, confirm-
ing the presence of an accretion disk. Apart from the pulse period and its harmonics,
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Figure 6.11: Left panel: A 0535+26 pulsed fraction as a function of the energy forRXTE
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we found no QPO-like features in the power spectrum of the August/September 2005
normal outburst (see Fig. 6.12).

6.4 Spectral analysis

X-ray spectra of A 0535+26 have been extracted forRXTE andINTEGRAL . Both
instruments allow to perform broad band spectroscopy, for energies from a few keV
up to∼ 200 keV.

In accreting X-ray pulsars, the continuum spectrum is typically modeled with a
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Figure 6.12: A 0535+26 power spectrum fromIBIS light curve. A strong peak at the pulsar
spin-frequencyν = 1/P ∼ 9.6 mHz (and harmonics of the frequency) is seen. We find no
evidence for QPOs.

power law with a cutoff at higher energies. The cutoff for most accreting pulsars lies
in the5 − 25 keV range, and the power law index is in most of the casesα . 1.5
(Coburn et al. 2002, see also Sec. 2.2.4 in Chap. 2). The continuum can be modified
by a Fe fluorescence line at 6.4 keV, and as seen in Chapter 2 (Sect. 2.2.6) cyclotron
absorption lines modify the continuum of some accreting X-ray pulsars.

The most common functions to phenomenologically model the continuum of ac-
creting X-ray pulsars are the following: (the names of the models and parameters as
are those used inXSPEC).

Powerlaw with an exponential cutoff,cutoffpl:

F (E) = KE−αe−E/Efold (6.3)

where K is the powerlaw normalization,α the photon index andEfold the folding
energy.

Powerlaw with a high energy cutoff,highecut:

F (E) =

{

KE−α E < Ecut

KE−αe(Ecut−E)/β E > Ecut
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whereK is the normalization,α the photon index,β the folding energy andEcut the
cutoff energy. This function has a discontinuity in the firstderivative atE = Ecut that
can produce a line-like feature in the residuals atE ∼ Ecut. This is usually solved
adding a Gaussian line in absorption atE = Ecut (e.g. mplcut in Coburn et al.
2002) or adding a smoothing function around the cutoff energy (Burderi et al. 2000).

Negative positive exponentialnpex (Mihara 1995):

F (E) = (A1E
−α1 + A2E

+α2)e−E/kT (6.4)

Powerlaw with Fermi-Dirac cutofffdcut (Tanaka 1986):

F (E) = AE−α 1

1 + e(E−Ecut/Efold)
(6.5)

We tried the above models to fit the X-ray continuum of A 0535+26, and we se-
lected thecutoffpl, because it is the simplest model that reproduces the data well.
We included in the model a fluorescence Fe line at 6.4 keV modeled with a Gaussian
line. The line results do not depend strongly on the model forthe continuum chosen.

6.4.1 Cyclotron lines

Both in INTEGRAL and RXTE two strong absorption features are present in the
residuals at energies aroundE ∼ 46 keV andE ∼ 102 keV, interpreted as cyclotron
resonance scattering features (fundamental and first harmonic). To model the absorp-
tion features, we used a Gaussian optical depth profile, which modifies the continuum
in the following way:

F (transmitted flux) = F (intrinsic) × e−τ(E), (6.6)

with
τ(E) = τce

−(E−Ec)
2/(2σ2

c ) (6.7)

whereEcyc is the energy of the cyclotron resonance,τc is the optical depth at the
resonance energy andσc is the width (Coburn et al. 2002).

The fit of INTEGRAL data without including absorption lines in the model gives
a χ2

red = 26.7/255 dof. After the inclusion of a line atE ∼ 46 keV, χ2
red improves

to 1.98/222 dof. The improvement of the fit when including a second line atE ∼
102 keV is less dramatic, but theχ2

red is further reduced to 1.39/219 dof. The best fit
parameters including two absorption lines are given in Table 6.3.

We performed a spectral analysis of all the availableRXTE observations, for en-
ergies above 5 keV. Using data below 5 keV, theRXTE data is compatible with a
black body component atkBT ∼ 1.2 keV. However, due to a feature in the resid-
uals around∼ 4.7 keV (instrumental xenon L edge, see Rothschild et al. 2006),we
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Table 6.3: Best fit parameters forINTEGRAL andRXTE data.RXTE observation is observa-
tion 16 from Appendix A. Errors are 90% confidence for one parameter of interest.

INTEGRAL RXTE

α 0.66+0.03
−0.02 0.55+0.02

−0.02

Efold(keV) 17.5+0.2
−0.2 17.7+0.3

−0.3

Ecyc,1(keV) 45.9+0.3
−0.3 46.1+0.4

−0.5

σcyc,1 (keV) 9.0+0.3
−0.3 10.3+0.5

−0.5

τcyc,1 0.40+0.01
−0.01 0.48+0.02

−0.02

Ecyc,2(keV) 102+4
−3 102+4

−3

σ2(keV) 8+2
−2 8+3

−3

τ2 1.1+0.4
−0.3 1.0+0.4

−0.3

χ2
red/dof 1.40/219 1.10/211

Flux(20−50) keV (erg cm−2 s−1) (5.848+0.007
−0.016) × 10−9 (6.042+0.017

−0.003) × 10−9

excluded data for energies below 5 keV in our analysis. For the observations with
higher flux and good statistics, two Gaussian absorption lines atE1 ∼ 46 keV and
E2 ∼ 102 keV were necessary in the model. In some of the observations only one
line atE1 ∼ 46 keV was included in the model. For the low luminosity observations
during the decay of the outburst no absorption lines were added to the model. As
an example, forRXTE observation 16 from Appendix A, the fit to the data with no
absorption lines in the model gives aχ2

red = 13.8/217 dof. Including one absorption
line at∼ 46 keV improves the fit toχ2

red = 1.14/214 dof, and including a second line
at ∼ 102 keV further reduces theχ2

red to 1.10/211 dof. In Table 6.3 the best fit pa-
rameters of thisRXTE observation, performed at a similar luminosity level than the
INTEGRAL observation, are given. The best fit parameters for all the otherRXTE
observations are given in the Appendix D.

In Fig. 6.13INTEGRAL andRXTE spectra are shown. The upper panel includes
the data plus model, and the lower panels show the residuals from a fit without includ-
ing absorption lines, including one line and including two lines.

In order to evaluate if the absorption features detected in the residuals are real or
an artifact of the model used, we calculated the energy of theresonance adopting the
different models for the continuum defined above. The best fitparameters for the
cyclotron line using the different models are given in Table6.4, and allow to confirm
that the cyclotron line energy is model independent.

The ratio between the pulse phase averaged centroid energiesEcyc,2 : Ecyc,1, cal-
culated using theINTEGRAL values, is2.23 ± 0.04 : 1 (at 68% confidence level).
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Figure 6.13:INTEGRAL (left panel) andRXTE (right panel) phase average spectra. In both
figures the upper panel shows the data plus model. The three lower panels show, from top to
bottom, the residuals of a fit without absorption lines, including one absorption line atE ∼

46 keV and including two absorption lines atE ∼ 46 keV andE ∼ 102 keV.

From the values obtained of the cyclotron energy, it is possible to estimate the mag-
netic field (see Chapter 2, Sec. 2.2.6). Taking into account the gravitational redshift,
the cyclotron energy (and magnetic field) will be shifted to ahigher position. In
Table 6.5 the magnetic field derived from the cyclotron energy measured withIN-
TEGRAL for different values of the gravitational redshift z=0, z=0.19 (assuming
R = 14 km, M = 1.4 M⊙) and z=0.3 (assumingR = 10 km, M = 1.4 M⊙) is given.

The deconvolved spectrum and the best fit model forINTEGRAL andRXTE data
are plotted in Fig. 6.14.

6.4.2 Cyclotron line energy evolution with X-ray luminosity

RXTE monitoring observations have allowed to study the evolution of the spectral
parameters during the outburst. Of special interest is the evolution of the cyclotron
line energy with the luminosity, since it can reflect variations of the line forming
region (see Chapter 2, Section 2.3.1.1).

The centroid energy of the fundamental CRSF versus the X-rayluminosity during
the main outburst is shown in Fig. 6.15. The luminosity was calculated assuming a
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Table 6.4: Cyclotron line parameters of A 0535+26 using different models for the continuum
for RXTE observation 16 from Appendix A. The errors are 90 % confidencefor one parameter
of interest. In this work we adopted thecutoffpl model.

cutoffpl mplcut fdcut npex

Ecyc,1(keV) 46.1+0.5
−0.5 46.0+0.6

−0.5 45.9+0.5
−0.6 46.0+0.6

−0.6

σ1(keV) 10.1+0.5
−0.5 10.1+0.6

−0.6 11+0.8
−0.8 10.0+0.5

−0.5

τ1 0.45+0.02
−0.02 0.46+0.03

−0.03 0.58+0.06
−0.07 0.470.02

−0.2

Ecyc,2 (keV) 103+5
−3 103+4

−3 101+5
−3 102 (fixed)

σ2(keV) 8+3
−3 8+3

−3 7+4
−3 8 (fixed)

τ2 1.0+0.4
−0.3 1.0+0.4

−0.3 0.9+0.5
−0.3 1.0+0.3

−0.2

χ2
red/dof 1.08/364 1.05/360 1.00/362 1.08/364

Table 6.5: Magnetic field of A 0535+26 derived from the cyclotron line energy measured with
INTEGRAL using Eobs

cyc [keV](1 + z) = 11.6B12 for different values of the gravitational
redshift.

z = 0 z = 0.19 z = 0.3

B (1012 G) ∼3.96 ∼4.71 ∼5.14

distance to the system ofd = 2 kpc (Steele et al. 1998). Values of the cyclotron line
measured fromSuzakuobservations of the declining phase of the outburst (Terada
et al. 2006), as well as from aTTM & HEXE observation of the April 1989 giant
outburst (Kendziorra et al. 1994) are included in the figure.

The evolution of the cyclotron line energy and of the continuum parameters (pho-
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Figure 6.14: Energy unfolded spectrum and model of A 0535+26. Left panel: INTEGRAL
observation. Right panel:RXTE observation 16 from Appendix A.
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Figure 6.15: Evolution of the energy of the fundamental linein different luminosity states in the
3–50 keV range for ourINTEGRAL andRXTE values. We included data points fromSuzaku
(Terada et al. 2006) from the declining phase of the August/September 2005 outburst and values
from TTM/HEXE(Kendziorra et al. 1994) from the March/April 1989 giant outburst.

ton index and folding energy) for the observations in which the cyclotron line was
detected are plotted in Fig. 6.16. As seen in Fig. 6.15, thereis no significant corre-
lation between the cyclotron line energy and the luminosity, with the cyclotron line
energy remaining constant within uncertainties during themain outburst. The rise to
the peak of the outburst presents a hard, relatively constant spectrum, withα ∼ 0.6.
The decay of the outburst shows a smooth softening of the spectrum, reaching a pho-
ton index ofα = 1.00 ± 0.03.

6.4.3 Phase resolved spectroscopy

Depending on the rotational phase of a neutron star, the observer looks at the emission
region from different angles. Therefore, one would expect the spectral parameters ob-
tained at different rotational phases to differ. We have performed pulse phase resolved
spectroscopy for A 0535+26 to study this possible effect. Wehave extractedRXTE
spectra for ten phase intervals. The evolution of the spectral parameters as a function
of the phase is plotted in Fig. 6.17. In Fig. 6.18, the pulse phase evolution of the
centroid energy of the fundamental and first harmonic cyclotron lines is plotted, as
well as the ratio between the first harmonic and fundamental cyclotron energies. Ta-
ble 6.6 contains the best fit values from the phase resolved analysis. The cyclotron
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Figure 6.16: Evolution of the cyclotron line energy, photonindex and folding energy during
themain outburst.

line slightly varies with the pulse phase. The centroid energy is smaller during the
main peak of the pulse profile (phase interval0.1− 0.2) and increases with the phase
reaching a maximum in the phase interval0.5− 0.6. The separation of the maximum
and minimum is∼ 5 keV (∼ 11%). We can conclude that the variation in the cy-
clotron line energy between the maximum and minimum values is significant at a5σ
level. The ratio between the two cyclotron linesEcyc,2 : Ecyc,1, rather than being
constant, presents a variation with the pulse phase, reaching2.38± 0.05 : 1 for phase
0.1 − 0.2 compared to1.95 ± 0.07 : 1 (at 68% confidence level) in the phase inter-
val 0.6 − 0.7. The continuum parameters of A 0535+26 show a significant variation
within the pulse phase. The photon index reaches a minimum during the main pulse,
revealing a harder spectrum.
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Table 6.6: Best fit values of phase resolved analysis. The first column (PI) gives the phase
interval. The first harmonic width and depth have been fixed toσcyc,2 = 8 keV andτcyc,2 = 1
respectively. In phase intervals 0.8–0.9 and 0.9–1.0, the first harmonic energy has also been
fixed toEcyc,2 = 103 keV. The uncertainties are 90% confidence for one parameter of interest.

PI α Efold Ecyc(1,2) σcyc(1,2) τcyc(1,2) χ2
red/dof

0.0–0.1 0.29+0.06
−0.06 15.2+0.5

−0.6 44.8+1.0
−0.9 11.1+1.5

−1.1 0.65+0.07
−0.03 1.76/180

106+7
−6 10 1

0.1–0.2 0.24+0.14
−0.02 17.2+0.8

−1.3 43.3+0.9
−0.9 14.5+1.0

−0.9 0.68+0.13
−0.04 1.29/94

103+3
−3 10 1

0.2–0.3 0.60+0.03
−0.04 19.8+0.6

−0.6 44.2+0.9
−0.9 11.5+1.4

−1.2 0.50+0.05
−0.05 1.10/197

105+4
−3 10 1

0.3–0.4 0.85+0.03
−0.03 22.5+0.7

−0.7 45.4+1.1
−1.0 10.7+1.4

−1.2 0.38+0.04
−0.03 1.36/198

103+3
−3 10 1

0.4–0.5 0.86+0.03
−0.03 21.5+0.7

−0.7 45.9+1.3
−1.2 8.5+1.5

−1.3 0.31+0.04
−0.04 1.42/190

103+4
−4 10 1

0.5–0.6 0.70+0.03
−0.03 18.7+0.8

−0.7 48.4+1.4
−1.3 8.8+1.5

−1.3 0.35+0.05
−0.05 1.41/175

99+6
−5 10 1

0.6–0.7 0.59+0.04
−0.04 17.3+0.8

−0.7 48.2+1.4
−1.3 8.7+1.4

−1.3 0.37+0.05
−0.05 1.46/182

94+6
−4 10 1

0.7–0.8 0.44+0.03
−0.03 15.9+0.6

−0.5 46.5+1.2
−1.0 8.6+1.2

−1.1 0.45+0.05
−0.05 1.25/182

102+7
−5 10 1

0.8–0.9 0.37+0.03
−0.03 15.1+0.5

−0.5 45.5+1.0
−0.9 9.1+0.9

−0.8 0.69+0.06
−0.06 1.36/97

103 10 1

0.9–1.0 0.27+0.12
−0.12 11.4+1.4

−1.1 44.1+2.1
−1.7 7.2+1.8

−1.5 0.89+0.17
−0.15 0.98/97

103 10 1

6.5 Discussion of results

6.5.1 Pulse period and pulse profiles

The pulse period of the neutron star appears to be constant during the beginning of
the outburst,P = 103.3960(5) s, and a spin-up starts around the periastron,Ṗ =
(−1.69 ± 0.04) × 10−8 s/s measured at MJD 53618. The pulse period falls expo-
nentially at the end of the outburst. As seen in Chap. 3 (Sec. 3.2.1), a spin-up of
ν̇ ∼ 0.6 × 10−11 Hz s−1 was measured during the June 1983 giant outburst (Sembay
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Figure 6.17: Best fit parameters of A 0535+26 as a function of the pulse phase forRXTE
observation 16 (Appendix A). The diamonds in the first three panels show the evolution of
the fundamental cyclotron line parameters energyEcyc, width σ and depthτ as a function of
the pulse phase. The diamonds in the two lower panels show theevolution of the continuum
parameters as a function of the pulse phase. The dashed line connecting the diamonds is shown
to guide the eye. In all panels the dotted line represents the(44.5–80.6) keVHEXTE pulse
profile. Uncertainties are 90% confidence for one parameter of interest.

et al. 1990), and a spin-up ofν̇ ∼ 1.2× 10−11 Hz s−1 was measured during the 1994
giant outburst (Finger et al. 1996). In this work, a spin-up has been measured for the
first time during a normal outburst of A 0535+26, giving evidence for the presence of
an accretion disk.

Energy dependent pulse profiles of A 0535+26 during themain outburstwere an-
alyzed. We find very complex shape of the pulse profiles for energies belowE ∼
20 keV. A simpler double peak profile is observed fromE ∼ 20 keV toE ∼ 45 keV,
while at higher energies one of the peaks is significantly reduced. The source is ob-
served to pulsate up toE ∼ 120 keV, while aboveE ∼ 120 keV no modulation is



Chapter 6.5: Discussion of results 87

      42

      46

      50

      95

     100

     105

     110

0.0 0.2 0.4 0.6 0.8 1.0
phase

1.8

2.0

2.2

2.4

E
cy

c,
1 

(k
eV

)
E

cy
c,

2 
(k

eV
)

R
at

io
 E

cy
c,

2/
E

cy
c,

1 

Figure 6.18: Best fit values of the cyclotron line energy as a function of the pulse phase: fun-
damental (top panel) and first harmonic (middle panel), represented with diamonds. Values for
RXTE observation 16 (same as in Fig. 6.17). The bottom panel represents the ratio between the
first harmonic and fundamental cyclotron energies,Ecyc,2/Ecyc,1. The dashed line connect-
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detected. A dedicated analysis of the energy dependent pulse profiles will be pre-
sented in Chap. 8. On average, the energy dependent pulse profiles obtained during
the August/September 2005 normal outburst show basic features very similar to those
observed in past giant outbursts in 1980 (Frontera et al. 1985), 1989 (Kendziorra et al.
1994) and 1994 (Bildsten et al. 1997), as can be seen comparing Fig. 3.3 with Fig. 6.8.
This suggests that the basic mechanisms and geometry of the accretion remains stable
for the source.

A strong pulse to pulse variability is however seen in A 0535+26 (see Fig. 6.10).
Strong pulse to pulse variation, giving on average stable pulse profiles, was already
observed for A 0535+26 in past outbursts (Frontera et al. 1985, Kretschmar 1996),
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as well as for other accreting X-ray pulsars, like Vela X-1 (Staubert et al. 1980), and
GX 1+4 (Elsner et al. 1985). For GX 1+4, the authors suggest that the variability
might be caused by time-variable processes occurring in theneutron star magneto-
sphere, away from the region of the pulse formation. Plasma sheets, filaments and
blobs of matter may penetrate deep into the magnetosphere away from the polar re-
gions (Elsner & Lamb 1976), causing the variations seen frompulse to pulse. But
this could also be explained with changes in the physical conditions at the base of
the accretion column, resulting from variations in the accretion flow. The mecha-
nism causing the variability in the single pulses, in contrast to the stable pulse profile
shapes, is up to date highly unknown.

As seen in Fig. 6.11 (left panel), for energies aboveE ∼ 20 keV the pulsed fraction
is found to increase with the energy. The increase of the pulsed fraction with the
energy is a known feature in accreting pulsars (see e.g. White et al. 1983). It was
already reported for A 0535+26 in Frontera et al. (1985), as well as for 4U 0115+64
in Tsygankov et al. (2007), GX 1+4 (Ferrigno et al. 2007), OAO1657-415 (Barnstedt
et al. 2008), EXO 2030+375 (Klochkov et al. 2008a), and for a selection of other
accreting pulsars in Lutovinov & Tsygankov (2008). These last authors propose that
the increase of the pulsed fraction with the energy is causedby the fact the harder
photons are emitted closer to the neutron star surface, and this region can be obscured
during certain rotational phases.

For A 0535+26, we have found a decrease of the pulsed fractionwith increasing
energies in the∼ (3 − 20) keV range. To our knowledge, this is the first time that
a decrease of the pulsed fraction with the energy for an accreting X-ray pulsar is
reported. The pulsed fraction of 4U 0115+64 was calculated down toE ∼ 3 keV in
Tsygankov et al. (2007), and it was found to increase with theenergy at all energies.
As seen in Sec. 6.3, the decrease is mainly caused by the sharpdip present in the pulse
profiles at low energies (see left panel of Fig. 6.11). This was explored with phase
resolved spectroscopy (Sec. 6.4.3). We would have expecteda stronger absorption
in the phases around the sharp dip. However, no absorption was present in the low
energy spectra. It should be noted however that due to the instrumental xenon L edge,
it is difficult to model the spectrum below 5 keV, and we have excluded data below
5 keV in the analysis.

During the rise to the peak of the outburst a scatter of the pulsed fraction, showing
no correlation with the X-ray luminosity, is observed. A possible interpretation will
be given in Chapter 7, motivated by the findings related to thepre-outburst flare.

During the decay of the outburst, however, there is a correlation between the pulsed
fraction and the X-ray luminosity. As the luminosity decreases, the pulsed fraction in-
creases. The evolution of the pulsed fraction of 4U 0115+64 with the luminosity was
presented in Tsygankov et al. (2007), where a decrease of thepulsed fraction with
increasing luminosity was reported. The authors explain itwith the fact that the geo-
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metrical size of the emission region increases with the luminosity (or accretion rate),
and therefore the pulsations are smeared out at higher luminosities. This trend is seen
in A 0535+26 during the decay of the outburst. As the accretion rate decreases, the
size of the emitting region becomes smaller, causing the pulsed fraction to increase,
since the emission region can be obscured during a larger fraction of the rotational
phase.

6.5.2 Cyclotron lines

Our observations have allowed to confirm the presence of the fundamental cyclotron
line at Ecyc,1 ∼ 46 keV, with the first harmonic atEcyc,2 ∼ 102 keV. As seen in
Chap. 2, cyclotron lines are theonly direct way to measure the neutron star mag-
netic field. We find a magnetic field of the order ofB ∼ 5 × 1012G for A 0535+26.
We find a ratio between the measured pulse phase averaged centroidsEcyc,2, Ecyc,1

of 2.23 ± 0.04 : 1, that deviates from the harmonic relation. A non-harmonic ra-
tio has been found between the fundamental and the harmonicsin other sources (in
4U 0115+64, Santangelo et al. 1999b, and marginally in Vela X-1, Kreykenbohm et al.
2002). A non-harmonic ratio is actually expected when introducing relativistic cor-
rections (Eq. 2.33), but this effect is very small, and in anycase the expected spacing
is smaller than the harmonic one. The effect of higher ratiosin cyclotron lines was
studied by Nishimura (2005), who proposed that the deviations from the harmonic
ratio originate in a magnetic field that varies significantlyin the line forming region.
This is still a debated topic under investigation (see e.g. Schönherr et al. 2007).

The evolution of the cyclotron line energy with the X-ray luminosity has been
studied, in the context of the recent findings by Tsygankov etal. (2007) and Staubert
et al. (2007). A review of these results, in agreement with the theory developed by
Basko & Sunyaev (1976), was given in Sec. 2.3.1.1. To briefly summarize, for some
sources (for instance V 0332+53) a negative correlation between the cyclotron line
energy and the X-ray luminosity has been found. On the other hand, for Her X-1 a
positive correlation between the cyclotron line energy andthe X-ray luminosity exists
(Staubert et al. 2007). This has been interpreted with a change of the height of the
line forming region with the X-ray luminosity, with a different behavior for sub- and
super-Eddington regimes. In the case of A 0535+26, considering all our values from
RXTE andINTEGRAL , as well asSuzaku(Terada et al. 2006) andTTM & HEXE
(Kendziorra et al. 1994), no correlation is detected, suggesting that the line forming
region does not vary with the luminosity of the system. The absence of a negative
correlation between the cyclotron line energy and the luminosity, together with the
fact that all the measurements have been performed at low luminositiesL(3−50) keV .

1037erg s−1 (except theHEXE data, for which the too large uncertainties do not allow
to distinguish any positive or negative correlation) suggests that A 0535+26 is in the
sub-Eddington regime. It will be interesting to observe A 0535+26 during a giant
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outburst with the present generation of X-ray satellites, to study the behavior of the
cyclotron line energy at higher luminosities.

We have studied the behavior of the cyclotron line energy as afunction of the
pulse phase. Due to the rotation of the neutron star, the observer sees the emission
region under different angles. Therefore, a variation of the cyclotron line parameters
is expected to emerge with the pulse phase, as seen in line profile simulations (Araya
& Harding 1999, Araya-Góchez & Harding 2000, Schönherr et al. 2007). This is
actually what has been observed for a number of sources, likeHer X-1, Vela X-1,
4U 0115+64 or GX 301-2 (see for instance Klochkov et al. 2008b, La Barbera et al.
2003, Mihara et al. 2004, Kreykenbohm et al. 2004 and reviewsfrom Santangelo
et al. 1999a and Heindl et al. 2004). On the other hand, for V 0332+53 no significant
variation of the cyclotron line energy with the pulse phase was found, and a relatively
simple accretion geometry was suggested to explain this effect (Pottschmidt et al.
2005).

Compared to most of the above reported sources, for A 0535+26we have found
a less dramatic variation of the cyclotron line energy with the pulse phase. The cy-
clotron line energy is lower during the main peak of the pulseprofile,E = 43+0.9

−0.9 keV
and about half a pulse phase later reachesE = 48.2+1.4

−1.3 keV (at 90% confidence), im-
plying a lower magnetic field during the main peak of the pulseprofile. This can be
qualitatively explained with the following picture. We consider the formation of a
“fan beam” pattern in the source during the main part of the outburst, and assume
that the main peak of the profile corresponds to the instant when the observer looks
directly along the accretion column (evidence for this willbe discussed in Chapter 7).
Assuming that a radiative shock has formed in the column at a certain height from
the neutron star surface, the magnetic field is expected to belower during the main
peak of the profile, since due to the higher optical depth in the shock, we can’t look
deep into the accretion column. However, about half a pulse phase later, we look at
the column from one side, and therefore we can observe closerto the neutron star
surface, explaining the higher cyclotron line measured.

Due to the angle dependence of the scattering cross-sections (Harding & Lai 2006,
discussed in more detail in Chapter 7, see Eqs. 7.7, 7.8 and Fig. 7.11), harder photons,
originated closer to the polar cap, escape more effectivelyin the direction parallel to
the magnetic field. This can explain the hardening we observein the main peak of
the pulse profile. A hardening of the spectrum during the mainpeak of the pulse
profile has also been observed for Her X-1. In this case however the evolution of the
cyclotron line with the pulse phase is different, probably due to the “pencil beam”
pattern believed to exist for this source (Klochkov et al. 2008b).

However we would like to mention that one has to be careful when interpreting
the results from phase resolved spectroscopy. As seen in Sec. 2.3.2 (in Chap. 3),
relativistic light deflection plays an important role in theemission a distant observer
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sees from a neutron star (see Fig. 2.23). Therefore, in everyrotational phase we can
be seeing emission from both magnetic poles. This mixing of the components of
both magnetic poles makes the interpretation of phase resolved spectroscopy not a
straightforward task.

6.5.3 Torque theory and spin-up.

We have obtained a value for the magnetic field of A 0535+26 ofB ∼ 5 × 1012 G,
using the fundamental cyclotron line measured in the X-ray spectrum. It is possible
to test the theory of accretion by estimating the magnetic field derived from it. Ac-
cording to the theory of accretion, (see Sec. 2.2.1), fluctuations in the mass accretion
rate produce fluctuations in the accretion luminosity and inthe accretion torque. The
theory of accretion (Ghosh & Lamb 1978, revisited in Lovelace et al. 1995, Wang
1996 or Wang 1997), predicts the following relation betweenthe X-ray fluxFX (or
X-ray luminosityLX = 4πd2FX) and the spin-up, already discussed in Chapter 2
(Eq. 2.28):

−Ṗ = 5.0 × 10−5µ
2/7
30 n(ωs)S1(M)(PL

3/7
37 )2 (syr−1), (6.8)

(see Sec. 2.2.1 for the meaning of the different terms in the above expression).
Fitting observed values of spin-up as a function of the X-rayflux to Eq. 6.8 allows

to estimate the dipole magnetic momentµ and the distanced to the source (method
described in Popov 2000, based on Lipunov et al. 1992).

We have applied this method to A 0535+26, using the values obtained for the spin-
up (Sec. 6.2.2.2). For A 0535+26, a relation between the spin-up and the X-ray flux
during a giant outburst was already reported in Finger et al.(1996). However, our
2005RXTE observations provide the first evidence for a spin-up duringa normal
outburst.

The spin-up at different times during the outburst has been calculated approximat-
ing every four successive values ofP with a straight line, and we have derived the
flux from the spectra for these different times. We have fittedour data to Eq. 6.8,
leaving as free parameters the distance and the magnetic moment. We have assumed
the following neutron star parameters:R = 14 km, M = 1.4 M⊙ andI = 2

5MR2,
as well asR = 10 km for comparison. The data and the model, forR = 14 km, are
plotted in Fig. 6.19. As can be seen, there is a good agreementbetween the measure-
ments and the model. From the fit, the following values for themagnetic moment
and the distance are obtained:µ30 ∼ 9, d ∼ 1.2 kpc. Using Eq. 2.8, the obtained
magnetic moment implies a surface magnetic field ofB ∼ 6.5 × 1012 G. Using the
canonical radius of the neutron starR = 10 km and leaving both the distance and the
magnetic moment free givesµ30 ∼ 6.43 andd ∼ 1.045 kpc. The magnetic moment
implies a magnetic field of B∼ 4.7 × 1012 G. Due to all the model parameters that
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Figure 6.19: A 0535+26 values for the spin-up vs. the flux, fitted to the Ghosh & Lamb (1979b)
model.

are unknown, these values should only be taken as approximations. These values are
however consistent with the magnetic field derived from the cyclotron energy. We can
conclude that the theory of accretion is valid for A 0535+26,reproducing a magnetic
field value consistent with the magnetic field measured from the cyclotron lines.

If we fix the distance tod = 2 kpc (reported value in Steele et al. 1998), for
R = 14 km we obtain a magnetic moment ofµ30 ∼ 0.23, that implies a surface
magnetic field ofB ∼ 0.17 × 1012 G. This too low value for the magnetic field
lies probably on the fact that the model depends on several assumptions like disk
accretion, assumptions for the mass, radius, moment of inertia . . . For R = 10 km,
fixing the distance tod = 2 kpc givesµ30 ∼ 0.06, that implies an even lower surface
magnetic field ofB ∼ 0.04 × 1012 G.

UsingR = 14 km and assuming a dipole field configuration, with the values of the
magnetic field derived from the cyclotron line and from the torque theory, one can
estimate the height of the line forming region above the neutron star surface to be
∼ 1.3 km. But considering the uncertainties of the model, this value should be taken
with a grain of salt.



CHAPTER 7

Pre-outburst flaring activity

The observational results and physical interpretation presented in this chapter have
been published in Caballero et al. (2008b) and Postnov et al.(2008) respectively. This
chapter is based on these two publications.

7.1 Observations during thepre-outburst flare

RXTE performed three observations during a flare that took place before the peri-
astron, during the rise to the peak of the outburst, in the interval MJD [53610.595–
53610.755]. The flux during the flare reachedF(3−50) keV = 479 mCrab (luminosity
L(3−50) keV = 0.91× 1037 erg s−1), comparable to the flux reached at the peak of the
outburst,F(3−50) keV = 493 mCrab (luminosityL(3−50) keV = 0.93 × 1037 erg s−1).
The PCA light curve of the outburst and a zoom on thepre-outburst flareare plot-
ted in Fig. 7.1. The timing and spectral analysis of the source has revealed different
properties during the flare compared to the rest of the outburst. As already mentioned
in Chapter 5.1, the inspection of theSwift-BAT light curve reveals that the flare ob-
served withRXTE is just one of a collection of flares (Fig. 5.2).

7.1.1 Change in the energy dependent pulse profiles

We studied the energy dependent pulse profiles during thepre-outburst flare. Strong
changes in the pulse-profile shape with photon energy are observed for both the
main outburst and pre-outburst flare but in quite different ways. Fig. 7.2 shows
pulse profiles from observation number 4, performed during the pre-outburst flare,
and for observation 16, performed close to the maximum of themain outburst (Ap-
pendix A). Observation 16 was chosen because of its high dataquality and the pulse
profiles are representative of data acquired during the outburst peak. The low-energy
(E . 20 keV) pulse profiles in both cases show a complex pattern, but different struc-
tures and evolution. At higher energies (E & 20 keV) both pulse profiles show a
simpler double-peak shape. During the main outburst, one ofthe peaks is strongly
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Figure 7.1: PCA light curves for the available observations of the August/September 2005
outburst. The inset shows a zoom of the threeRXTE observations during thepre-outburst
flare.

reduced above the cyclotron energy, while during the pre-outburst flare there is a
smooth evolution towards higher energies without a noticeable change crossing the
cyclotron energy.

7.1.2 Change in the cyclotron line energy

We have studied the phase-averaged spectra of the observations during thepre-outburst
flare. The model selected for the X-ray continuum is the same as themodel used for
the observations during themain outburst(see Sec. 6.4), a power law times an ex-
ponential cutoffcutoffpl plus a Gaussian emission line to account for the Fe Kα
fluorescence line. The cyclotron-centroid energy is measured at a higher value than
during the main part of the outburst, reachingEcyc = 52.0+1.6

−1.4 keV, compared to
Ecyc = 46.1+0.5

−0.5 keV during the main outburst (at 90% confidence). Table 7.1 con-
tains the best-fit values for the three observations during the pre-outburst flare and
for the sum of these observations, as well as the best-fit values for the main outburst
(observation 16) for comparison.

To study the significance of the change, we have producedχ2 contour plots for
the observations during the flare and during the main outburst. As an example, in
Fig. 7.3 contour plots are shown for observation 16 and for the sum of three avail-
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Figure 7.2:PCA andHEXTE background subtracted pulse profiles from one observation dur-
ing the pre-periastron flare (obs. 4), withL(3−50) keV ∼ 0.91 × 1037 erg s−1, and from one ob-
servation near the maximum of the outburst (obs. 16), withL(3−50) keV ∼ 0.93× 1037 erg s−1.
Two pulse cycles are shown for clarity. In the upper panel thePCA light curve is shown. The
dashed vertical lines indicate the times of the corresponding observations.
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Table 7.1: Best-fit values for the available observations during the pre-outburst flare, where
the CRSF energy is measured at a higher position, for the sum of the observations during
the flare, and for one observation close to the maximum of the main outburst.Ecyc,1, σcyc,1

andEfold are given in keV. The given flux is in the(5 − 50) keV energy range, in units of
10−8 erg cm−2 s−1. Errors are90% confidence for one parameter of interest (χ2

min + 2.7).

Pre-outburst flare Main out.

Obs. 3 Obs. 4 Obs. 5 sum 3-5 Obs. 16

Ecyc,1 48.3+1.1
−1.0 50.2+1.8

−1.6 52.0+1.6
−1.4 49.9+0.8

−0.8 46.1+0.5
−0.5

σcyc,1 6.4+1.0
−1.0 8.7+1.4

−1.3 10.8+1.3
−1.1 8.6+0.7

−0.7 10.1+0.5
−0.5

τcyc,1 0.27+0.03
−0.03 0.57+0.08

−0.08 0.53+0.06
−0.06 0.40+0.03

−0.03 0.47+0.03
−0.02

Efold 18.2+0.4
−0.4 18.8+1.0

−1.0 19.2+0.8
−0.7 18.3+0.4

−0.4 18.0+0.4
−0.3

α 0.73+0.02
−0.02 0.91+0.04

−0.04 0.83+0.03
−0.03 0.77+0.02

−0.02 0.59+0.02
−0.02

Flux 1.780+0.007
−0.013 0.944+0.004

−0.018 1.189+0.005
−0.014 1.369+0.007

−0.008 1.569+0.006
−0.007

χ2
red/dof 1.19/170 0.88/170 0.90/17 1.18/220 1.19/214

able observations during the pre-outburst flare. In observation 16 we included a har-
monic cyclotron line with the energy fixed atEcyc = 102.5 keV (it is measured at
Ecyc=102.5+4.5

−3.3 keV at 90 % confidence). We conclude from the contour plots that
the change in energy is statistically significant.

Fig. 7.4 shows the evolution of the CRSF energy during the outburst, as well as
the evolution of the continuum parameters (photon indexα and folding energyEfold)
for the observations in which the cyclotron line was significantly detected. The con-
tinuum parameters are quite variable at the beginning of theoutburst. The spectrum
at the beginning of the outburst appears to be softer, with photon indexα ∼1.2, and
then becomes harder in the flare. The rising part of the main outburst presents a harder
spectrum, withα ∼ 0.6. To compare the spectral shape of A 0535+26 during thepre-
outburst flareto the rest of the outburst, energy unfolded spectra are shown in Fig. 7.5.
The harder spectrum during the main outburst can be appreciated in the figure.

7.2 Evidence for magnetospheric instability

7.2.1 Summary of results

During the rise to the peak of the outburst of A 0535+26 there are significant changes
in the timing and spectral behaviour with respect to the mainoutburst that point to a
different physical scenario. They can be summarized as follows:

Feature 1. During the rise to the peak of the outburst, an X-raypre-outburst flare
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Figure 7.3: Efold vs Ecyc (left) and σ vs Ecyc (right) contour plots for one obser-
vation near the maximum (observation 16 in Fig. 7.2) and for the sum of the three
available observations during the pre-outburst flare (solid lines). The contours indicate
χ2

min+2.30(68%), 4.61(90%), 9.21(99%) levels.

of τflare ∼1 day takes place. The luminosity of the flare is comparable tothe one
reached during the peak of the outburst.

Feature 2. The pulse period of the neutron star appears to be constant during
the pre-outburst flare, P = 103.3960(5) s, and a spin-up starts at periastron,Ṗ =
(−1.69 ±0.04) ×10−8 s/s measured at MJD 53618. The pulse period falls exponen-
tially at the end of the outburst.

Feature 3. During thepre-outburst flare, the fundamental cyclotron-line energy
centroid reachesEcyc = 52.0+1.6

−1.4 keV, significantly higher than for the main outburst,
Ecyc = 46.1+0.5

−0.5 keV.
Feature 4. The fundamental cyclotron line energy energy is independent of the

X-ray luminosity (within uncertainties) during themain outburst.
Feature 5. The energy-dependent pulse profiles during thepre-outburst flareare

significantly different from those measured for themain outburst. During themain
outburst, the pulse profiles show an abrupt change above the cyclotronenergy. This
change is not observed in the pulse profiles obtained during thepre-outburst flare.

Feature 6. The flare detected withRXTE is one of a collection of flares with a
characteristic time up to a few times104 s that appear during the rise to the peak of
the outburst. The flux evolution during the spin-up of the neutron star is smoother
(see Fig. 5.2).
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Figure 7.4: First panel:PCA light curve. Second panel: fundamental CRSF energy during the
outburst. Inset shows a zoom on the pre-outburst flare. Thirdand fourth panels: photon index
and folding energy evolution. The solid squares represent values from thepre-outburst flare,
and the diamonds represent the values from themain outburst. Errors are90% confidence for
one parameter of interest (χ2

min+2.7).

We show in the following that the observed flaring activity during the rise to the
peak of the outburst can be due to magnetospheric instability in the unstable regime
that takes place at the onset of the accretion. The instability can cause the plasma
accumulated in the boundary layer between the accretion disk and the magnetosphere
to fall directly onto the neutron star surface, explaining the observational differences
during thepre-outburst flarecompared to the main outburst. In Sec. 7.2.2 a review
of accretion theory is given, followed by the application toA 0535+26 in Sec. 7.2.3.

The flaring activity observed is not exclusive of this outburst of A 0535+26. In other
normal outbursts in 1994 there are hints of flares in theBATSE light curve (Finger
et al. 1996), as can be seen in Fig. 3.1. Similarpre-outburst flareshave been observed
in other Be/X-ray binaries, e.g. GS 1843-024 (Finger et al. 1999) and EXO 2030+375
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Figure 7.5:RXTE energy unfolded spectra of A 0535+26 during thepre-outburst flare(red),
corresponding to the sum of the three observations during the flare, and during themain out-
burst (black, observation 16 from Appendix A.)

(Camero Arranz et al. 2005). The light curves for these two sources showing the
flares are shown in Fig. 7.6. The physical interpretation we propose could also apply
to these sources.

7.2.2 Disk accretion and mass transport in the magnetosphere.

As seen in Chap. 2 (Sec. 2.2.2), the strong magnetic field around the neutron star
disrupts the accretion disk, forcing the plasma to follow the magnetic field lines. A
boundary layer between the disk and the neutron star magnetosphere should exist
from which the matter is gradually captured by the magnetic field lines (see Fig. 7.7).
The matter forms accretion funnels that go towards the magnetic poles of the neutron
star.

Rayleigh-Taylor instability takes place in the interface between two fluids, when
the density of the fluid on the top is higher. The name of these instabilities in the
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Figure 7.6: Pre-outburst flares observed in GS 1843-024 (left panel, Finger et al. 1999) and
EXO 2030+375 (right panel, Camero Arranz et al. 2005).

case of a plasma in a magnetic field is Kruskal-Schwarzschild(Kruskal et al. 1977).
This process is the main mechanism for the transport of matter across the magneto-
sphere. An increase in the accretion rate, causing a densitybuild up in the magne-
tosphere, triggers the instabilities. Kruskal-Schwarzschild instabilities develop at the
inner edge of the disk and allow the matter to drip through themagnetopause and into
the magnetosphere (Scharlemann 1978).

Kelvin-Helmholtz instability can then break-up blobs of matter into smaller pieces
that can be entrained by the magnetic field lines and channeled to the magnetic poles
of the neutron star (Arons & Lea 1976, Arons & Lea 1980). Kelvin-Helmholtz insta-
bility takes place in the plasma-magnetic field interface, caused by the motion of the
plasma with respect to the magnetic field. (More generally, Kelvin-Helmholtz insta-
bility takes place when two fluids move relative to each other. Irrespective of their
densities, the interface is unstable). The effect of these instabilities is the turbulent
mixing of the plasma and the magnetic field, allowing the plasma to be channeled by
the field. The schematic evolution of the Kruskal-Schwarzschild instability in shown
in Fig. 7.8.

There are two regimes for the instability. For low accretionrates, non steady ac-
cretion causing flaring events is expected. At higher accretion rates, a more steady
accretion is expected. Recently, using more realistic assumptions, Romanova et al.
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Figure 7.7: Schematic picture of magnetically threaded disk model from Ghosh & Lamb (1978).
The boundary layer between the magnetosphere and the disk isindicated.

(2008) and Kulkarni & Romanova (2008) have performed 3D MHD simulations that
confirm the basic features of the disk-magnetospheric interaction, revealing the two
possible regimes for accreting neutron stars: stable or unstable. Fig. 7.9 shows the
effect of Kruskal-Schwarzschild instability in the case ofunstable regime, and the
displacement of the magnetic field lines, allowingtonguesof matter to penetrate in
the magnetosphere and to fall directly into the neutron starsurface (Romanova et al.
20081).

The Kruskal-Schwarzschild instability grows initially with time aseΓt, with

Γ2 = kgeff tanh(kzs) (7.1)

wherek is the angular wavenumber,zs is a characteristic scale height above the in-
terface andgeff is the effective gravitational constant near the equatorial plane. geff

includes several terms appart from the gravitational attraction (∝ 1/R2
m), like cen-

trifugal force (∝ ω2Rm), bending of field lines by the instability, curvature of the
magnetic field at the magnetopause (∝ 1/ρmR6

m) or possible velocity gradients in
the plasma flow (details can be found in Baan 1979).

For values ofgeff < 0 there is stability. The condition for the instability to occur
is thatgeff > 0 in the magnetopause (directed towards the neutron star).geff = 0
defines azero-surfaceat a certain distance from the neutron star. Inside this surface,
the magnetopause is unstable, and outside the surface it is stable. As the accretion
rate increases, the magnetopause moves inwards (rm ∝ Ṁ−2/7), until a Kruskal-
Schwarzschild instability occurs.

1animation available athttp://astrosun2.astro.cornell.edu/~romanova/instab.
htm
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Figure 7.8: Development of Kruskal-Schwarzschild instability. Time increases from (i) to
(v). Bubbles and spikes develop (ii). Kelvin-Helmholtz instability causes the formation of the
filaments (iv) that fall almost freely in the magnetosphere.(Figure from Arons & Lea 1976).

7.2.3 Low-mode magnetospheric instability in A 0535+26

From the analysis of Baan (1979) it can be inferred that A 0535+26 at low accre-
tion rates (Ṁ ∼ 1016 g/s) may be on the verge of a Kruskal-Schwarschild instabil-
ity, becoming stable when the mass accretion rate increases. The author shows that
the lowest harmonics are the first to become unstable. The same conclusion arises
from the 3D MHD simulations of the disk magnetospheric interaction via Kruskal-
Schwarzschild instability from Romanova et al. (2008). These 3D simulations show
that for small accretion rates matter is accreted through funnel streams, and at large
accretion rates matter accretes through Kruskal-Schwarzschild instabilities. The sim-
ulations have been performed for quite small magnetospheres, more applicable for
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Figure 7.9: Example of unstable accretion onto a magnetizedneutron star, with filaments pene-
trating the magnetosphere via Kruskal-Schwarzschild instability. The filaments are represented
by density contours, with red indicating the highest density and dark blue the lowest. (Figure
from Romanova et al. 2008).

millisecond pulsars. But we can assume that for A 0535+26, with a large magneto-
sphere, low-mode magnetospheric instability can develop.

We assume the existence of a disk. This assumption is supported by the spin-up
measured during the main outburst. This was the case in past giant outbursts, con-
firmed by the presence of QPOs and spin-up (Sembay et al. 1990,Finger et al. 1996).

Assuming the standardα-theory (Shakura & Syunyaev 1973), the amount of mass
accumulated in the bounday layer can be roughly estimated bythe following expres-
sion:

∆M = ρ2πRa2h∆l ≃ (4 × 1019g)R
7/5
a,9 α−4/5Ṁ

3/5
−10(1 − ξ)3/5 (7.2)

where∆l is the width of the boundary layer,Ra,9 is the stopping radius in units of
109 cm,Ṁ10 is the mass accretion rate in units of10−10M⊙ /yr and

ξ = J̇/(Ṁ
√

GMRa) (7.3)

is the angular mometum flux through the disk normalized to theflux from the stopping
radius. The width of the boundary layer is of the order of the thickness of the disk.
We assume∆l ∼ h ≃ Rm. We also assume the gas pressure to dominate over the
radiation pressure in the boundary layer, the main opacity due to Thomson scattering
and the disk to be Keplerian. At the onset of the accretion,ξ ≃ 0 andα . 0.01.

Using Eq. 7.2, we obtain the following estimate for the amount of matter acumu-
lated in the boundary layer:

∆M ∼ 1021 g
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Figure 7.10: Top left: example of stable accretion onto a magnetized neutron star. Top right:
example of unstable accretion. The surface represents a constant-density surface. The black
lines represent magnetic field lines. The figure in the bottomshow the light curves from the hot
spots in the two cases. The light curve in the unstable regimeis highly irregular. (Figure from
Romanova et al. 2008).

As we saw above, in the case of A 0535+26 low-mode magnetospheric instabiliy
can develop, and break-up the boundary layer in the disk. This means that the1021 g
of matter accumulated in the boundary layer can fall directly onto the neutron star

surface. On a free-fall time scale (tff =
(

R3/GM
)1/2 ∼ 20 s) the1021 g reaching

the neutron star surface can produce a short spike with a luminosity of∼ 1037erg s−1.
This explainsfeature 1 from Sec. 7.2.1.

The amount of matter that falls onto the neutron star surfaceduring the spike (t ∼
104 s), estimated from the light curve, is

∆M ≃
∫

Ṁdt . 1021 g (7.4)

The characteristic timescale of the spike agrees with the time required to replenish
the boundary layer,∆M/Ṁ ∼ 104 s.

To explain the lack of noticeable spin-up during the flare, wecan estimate how
much the spin-up will change during the flare due to the angular momentum supply
from the disk. Assuming a Keplerian disk,

d(Iω)

dt
= Ṁ

√

GMRa (7.5)

Using this expression, we can estimate how much the angular momentum supply
from the disk changes the spin-up during the flares:

∣

∣

∣

∣

∆P

P

∣

∣

∣

∣

= ∆M
P

2πI

√

GMRa (7.6)
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Assuming the moment of inertia of the neutron star to beI = 1045g cm2 and
Ra = Rc = 109 cm gives

∣

∣

∣

∣

∆P

P

∣

∣

∣

∣

. 7 × 10−6

This lies within the uncertainty of the measured period∆P/P ∼ 5 × 10−6 (see
Chapter 6, Sec. 6.2.2.2) and explains why during the flare no spin-up was measured
(feature 2 from Sec. 7.2.1).

The plasma that enters the magnetosphere via low-mode Kruskal-Schwarzschild
instability may become frozen to the magnetic field lines closer to the neutron star
surface, and therefore can follow different field lines thanthose by which the quasi-
stationary accretion takes places. This explains the difference measured in the cy-
clotron line energy during the flare (feature 3 from Sec. 7.2.1). The absence of a
change of the cyclotron line energy with the luminosity suggests the absence of a
radiation-dominated accretion column (feature 4 from Sec. 7.2.1). Therefore, the
emission takes place closer to the neutron star surface, above several hundred me-
ters. Assuming a dipole magnetic field, the observed change in the cyclotron energy
∆Ecyc/Ecyc ∼10% requieres a change in the emission region towards the neutron
star surface of∆R/RNS ∼3%, by about 300 m. The emission is therefore more
likely to originate closer to the neutron star surface. Thisexplains the different pulse
profiles during the flare (feature 5 from Sec. 7.2.1)

The smooth evolution of the pulse profiles at energiesE ≈ Ecyc during thepre-
outburst flarein contrast to the absorption of one of the peaks aboveE ≈ Ecyc in the
main outburstcan be explained with the energy and angle dependence of the photon
scattering cross-section.

Linear polarization of incident photons has two modes: ordinary and extraordinary,
with the electric vector parallel or perpendicular to the plane containing the wave
vector and the magnetic field. For photon energies above the cyclotron energy,E >>
Ecyc, the scattering cross-section for both modes:

σ⊥ ≃ σ‖ ≃ σT (7.7)

whereσT is the Thomson scattering cross-section2, σ‖ is the cross-section for ordi-
nary photons andσ⊥ is the cross-section for extraordinary photons.

For photon energies below the resonance,E << Ecyc:

σ‖ ≃ σT

[

sin2 θ + cos2 θ
(

E
Ecyc

)2
]

σ⊥ ≃ σT

(

E
Ecyc

)2
(7.8)

2
σT =

8π
3

“

e2

mec2

”2
= 6.65 × 10

−25cm2
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whereθ andE are the angle and energy of the incident photon with respect to the
magnetic field (scattering cross-sections from Harding & Lai 2006). The energy and
angle dependence of the cross-sections for A 0535+26 is represented in Fig. 7.11.

The smooth evolution of the pulse profile above the cyclotronenergy during the
flare suggests a “pencil beam” diagram. The photon cross-section for θ ≈ 0◦ changes
smoothly accros the cyclotron resonance.

However, during the main outburst, one of the peaks is strongly reduced. During
the main outburst, the accretion column is higher than during the flare, the density
increases and the column becomes optically thick. A “fan beam” pattern can be ad-
ditionaly formed by extraordinary photons (perpendicularto the magnetic field). The
cross-section of e-photons is smaller than that of ordinaryphotons, (see Fig. 7.11),
and they can escape effectively from much higher optical depths. Above the cyclotron
energy, however, both cross-sections are equal (Eq. 7.7), and the photons can only es-
cape from small optical depths. The strong absoprtion of oneof the peaks can be
explained with the weakening of the “fan beam” component above the cyclotron en-
ergy.

As the accretion rate increases, the neutron star starts spinning-up, and the param-
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eterξ in Eq. 7.2 increases from zero to almost one. Therefore the amount of mass
accumulated in the boundary layer, available for unstable accretion, is strongly re-
duced. The amplitude of the spikes rapidly decreases, and during the spin-up of the
neutron star we do not see strong flaring activity (feature 6 from Sec. 7.2.1). This
suggests that once the neutron star stops spinning-up, flaring activity could appear
again. This is indeed observed in theSwift-BAT light curve (Fig. 5.2).

The scenario described above can also explain evolution of the pulsed fraction
during the outburst (Fig. 6.11). The pulsed fraction shows ascatter coincident with
the flaring activity and unstable regime. It shows a smootherevolution during the
spin-up of the neutron star, when the accretion is believed to be in the stable regime.

Hayasaki & Okazaki (2006) have modeled accretion disks around neutron stars in
Be/X-ray binaries. Their Smoothed Particle Hydrodynamics(SPH) simulations repro-
duce a series of normal outbursts from the accretion disk formed about the neutron
star at periastron. In some cases, single flares are found preceding the outburst max-
imum. We note first of all that the timescale of the flare in their simulations appears
to be too long (10% of the orbital period) compared to the flareduration observed.
The collection of flares seen in theSwift-BAT light-curve of A 0535+26 during the
outburst (Fig. 5.2) are not reproduced by the above simulations. Moreover, this model
does not take into account the disk-magnetospheric interaction.



CHAPTER 8

Pulse profile decomposition

In this chapter pulse profiles of A 0535+26 from a few keV up to∼ 100 keV are
analyzed with a decomposition method. The decomposition ofthe pulse profiles al-
lows to extract information on the geometry of the system andon the beam pattern.
This method is described in detail in Kraus et al. (1995), andit has been applied to
the accreting X-ray pulsars Cen X-3 and Her X-1 in Kraus et al.(1996) and Blum &
Kraus (2000) respectively.

The chapter is organized as follows: in Sec. 8.1 a description of the method is
given, and the assumptions that are made are discussed. In Sec. 8.2, the decomposi-
tion method is applied to theRXTE energy dependent pulse profiles of A 0535+26.
Geometrical parameters of the neutron star are inferred from the decomposition, and
the observable part of the beam pattern is reconstructed. InSec. 8.2.4 a possible
interpretation of the reconstructed beam pattern in terms of a relativistic model is
discussed.

8.1 Description of the method

In Chapter 2 we introduced X-ray pulsars in binary systems. Abasic property of
these systems is the pulsed emission we observe. Models of the emission from a
small column or mound on the magnetic poles of a neutron star can be found for
instance in Kraus (2001) and Kraus et al. (2003). These models predict the beam
pattern or direction dependence of the flux of one emission region as seen by a distant
observer (see Fig. 8.1), including relativistic light deflection. Introducing the rotation
of the pulsar and its geometry, i.e., the orientation of the rotation axis with respect to
the magnetic axis and the location of the magnetic poles, thesingle-pole pulse profiles
can be modeled. This is the pulsed emission that a distant observer would see from
each emission region. The sum of the single-pole contributions gives the total pulse
profile.

In this work a decomposition analysis is applied which inverts the process de-
scribed above. From the observed pulse profile the single-pole pulse profiles are

108
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Figure 8.1: Illustration of beam pattern or emission from one magnetic pole as seen by a distant
observer as a function of the angle between the direction of observation and the magnetic axis
θ.

obtained, and from the single-pole contributions information on the geometry of the
neutron star and the beam pattern can be extracted. Of coursethe backwards process
is not straightforward and involves ambiguities which willbe discussed.

To reconstruct the observable part of the beam pattern is as far as one can go from
the observations with a minimum of assumptions and without involving any model.
Once the visible part of the beam pattern is obtained, it can be used as input to the
construction of an emission region model.

8.1.1 Assumptions

In this work adipole structure of the magneticfield near the surface of the neutron
star is assumed. We must note that this is a simplification, since the neutron star
magnetic field might be more complex and present higher orderterms. This has been
theoretically investigated in Lipunov (1978), Shakura et al. (1991) or Panchenko &
Postnov (1994). The decomposition of the observed pulse profile in two components
is based on symmetry considerations. The basic assumption,which is often adopted
in model calculations, is that theemission regions at the magnetic poles are ax-
isymmetric (see for instance Kraus et al. 2003). Therefore the magneticdipole axis
is a symmetry axis of the emission from the neutron star, and the beam pattern is only
a function of the angleθ between the direction of observation and the magnetic axis.
This makes the single-pole pulse profile necessarily symmetric. One of the symmetry
points will be the instant when the dipole axis is closest to the line of sight, and the
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Figure 8.2: Illustration of one magnetic pole of a neutron star and its movement around the rota-
tion axis. Under the assumption that the emission region at the magnetic poles is axisymmetric,
the single-pole pulse profiles are necessarily symmetric.

other symmetry point will be half a period later, with the dipole axis pointing away
from the observer (see Fig. 8.2).

The above assumptions necessarily imply a symmetric pulse profile. However, in
most of the cases observations of accreting pulsars reveal an asymmetric pulse profile.
The assumption of an ideal dipole magnetic field is slightly modified by introducing
a small displacement of one of the two poles with respect to theantipodal posi-
tion. This has not been proved for neutron stars, but seems to be a general feature of
other systems. In white dwarfs, Zeeman spectroscopy and polarimetry, and cyclotron
spectroscopy, have allowed to make constraints on the magnetic field structure. To a
first order approximation, the white dwarf magnetic fields can be modeled with off-
set dipoles, that have an offset from the center of∼ 10%–30% of the stellar radius
along the dipole axis. An extensive review on white dwarfs magnetism can be found
in Wickramasinghe & Ferrario (2000). The Earth’s magnetic field has also two mag-
netic poles which are not exactly antipodal. They have an offset from the antipodal
position ofδEarth≈ 24.7 ◦ (source: Canadian Geologic Survey and Australian Antarc-
tic Division). A distorted dipole field can explain the observed asymmetry in the pulse
profiles: if the two magnetic poles are exactly opposite to each other, the single-pole
pulse profiles have the same symmetry points, and their sum will give a symmetric
pulse profile. A small deviation from the antipodal positionwill make the symmetry
points of the two single-pole pulse profiles different, causing the asymmetry in the
total pulse profile. Fig. 8.3 illustrates this effect with the sum of two symmetric func-
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Figure 8.3: Left panel: symmetric functionsf1 (blue dashed curve) andf2 (red dashed curve)
with same symmetry points (vertical line) and sumF = f1 + f2 (black solid line), also sym-
metric. Right panel: same two functionsf1 andf2 with symmetry points shifted by28.6 ◦,
or ∼ 0.08 in phase (indicated by vertical lines). The sumF = f1 + f2 (black solid line) is
asymmetric.

tions in two different cases: two symmetric functions with the same symmetry points,
and the same functions with a small shift between their symmetry points.

Another assumption is thatthe two emission regions have the same beam pat-
tern. This implies that each of the two poles will make visible onesection of the
same beam pattern. Depending on the geometry of the neutron star and the angle of
observation, these two regions will in some cases have coincident parts (see below,
Sec. 8.1.2.2). This assumption has been tested with the accreting pulsars Cen X-3
(Kraus et al. 1996) and Her X-1 (Blum & Kraus 2000). In those cases an overlap-
ping region was found, that indicates that both emission regions have the same beam
pattern.

8.1.2 Steps of the method

In Fig. 8.4 a schematic view of a rotating neutron star is given. A spherical coordinate
system is used with the rotation axis as polar axis. As explained above, the beam
pattern is assumed to be axisymmetric, and therefore to depend only on the angleθ
between the direction of observation and the magnetic axis.The value ofθ changes
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Figure 8.4: Schematic view of a rotating neutron star. The spherical coordinate system we used
has the rotation axis aligned with the polar axis.Θi is the polar angle of thei th pole. Θ0 is
the polar angle of the direction of observation. The angleθ between the magnetic pole and the
direction of observation changes with the azimuthal angleΦ, which coincides with the phase
rotational angle. (Figure from Kraus et al. 1995).

with the rotation angleΦ. Depending on the position of the poles with respect to the
rotation axis and on the direction of observation with respect to the rotation axis, we
will observe a certain section of the beam pattern for each pole.

Applying the cosine formula to the spherical triangle in Fig. 8.4, we obtainθ as a
function of the phaseΦ:

cos θ = cosΘ0 cosΘi + sin Θ0 sin Θi cos(Φ − Φi) (8.1)

whereΘ0 is the polar angle of the direction of observation,Θi the polar angle of the
i th pole andΦi one symmetry point for thei th pole. Sinceθ(φ) is symmetric around
the maximum and minimum values ofθ, the contribution of the emission region to
the single pole pulse profile has symmetry points atΦ = Φi andΦ = Φi + π. Eq. 8.1
provides the relation between the pulse profile and the geometric parameters of the
pulsar for a given beam pattern. The decomposition analysisof the pulse profiles
allows to extract information on the geometric parameters and therefore on the beam
pattern.
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Figure 8.5: Intrinsic geometry of the neutron star. With therotation axis as polar axis, the mag-
netic poles are located at polar anglesΘ1 andΘ2. The angular distanceδ between the second
magnetic pole and the point that is antipodal to the first magnetic pole gives the deviation from
an ideal dipole field. A complete description of the pulsar geometry is given in terms ofΘ1,
Θ2 and the difference in the azimuthal anglesΦ1 − Φ2 = π − ∆. (Figure from Kraus et al.
1995).

The first step of the analysis is to determine the symmetry pointsΦ1 andΦ2. By de-
composing the original pulse profile in two symmetric single-pole contributions, the
values ofΦ1 andΦ2 can be obtained. Mathematically, the decomposition of the orig-
inal pulse profile into two symmetric functions will be not unique. Physical criteria
must be applied to reject all the solutions that do not match the astrophysical require-
ments. This process and the criteria applied are explained in detail in Sec. 8.1.2.1.

It can be shown that an appropriate transformation of the single-pole pulse profiles
turns them into scaled undistorted sections of the beam pattern. The relation between
the beam pattern and the single-pole pulse profiles can be seen by looking at Eq. 8.1.
Considering the beam pattern as a function ofcos θ and the single pole pulse profiles
as a function ofcos(Φ−Φi), as the relation betweencos θ andcos(Φ−Φi) is linear,
there is no distortion between the two functions. Therefore, once we have obtained
the single-pole pulse profiles, plotting them as a function of cos(Φ − Φi) we obtain
two sections of the beam pattern (see Sec. 8.1.2.2. for details).
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The intrinsic pulsar geometry is shown in Fig. 8.5. A complete description of the
pulsar can be given in terms of the polar anglesΘ1 andΘ2, and the difference in their
azimuthal anglesΦ1 − Φ2. Since we are assuming a distorted magnetic dipole field,
the two poles are not exactly opposite to each other andΦ1 − Φ2 differs fromπ by
some amount∆:

∆ = π − (Φ1 − Φ2) (8.2)

The angular distanceδ between the location of the second magnetic pole and the
point that is antipodal to the first magnetic pole can be used as a measure for the
deviation from an ideal dipole field. From Fig. 8.5, applyingthe cosine formula to
the spherical triangle of sidesΘ1, Θ2, (180 − δ):

cos δ = − cosΘ2 cosΘ1 + sin Θ2 sin Θ1 cos∆ (8.3)

In Sec. 8.1.2.2, details on how to obtain information on the position of the two
poles after having obtained a possible decomposition and the symmetry pointsΦ1,
Φ2 and∆ are given.

8.1.2.1 Decomposition into single-pole pulse profiles

The first step of the analysis is to find an acceptable decomposition of the original
pulse profile into two symmetric functions. This is done via Fourier analysis. The
original pulse profile and the single-pole pulse profiles arewritten as a Fourier series.
The total pulse profile F is written as:

F (Φ) =
1

2
u0 +

n/2−1
∑

k=1

[uk cos(kΦ) + vk sin(kΦ)] + un/2 cos
(n

2
Φ
)

(8.4)

where n is the number of sampled points or bins of the originalpulse profile andΦ
is the phase. Eq. 8.4 gives a valid representation of the original pulse profile at all
phases if the Fourier transform of F approaches to zero as thefrequency approaches
n/2. If this is not the case (phenomenon calledaliasing), less Fourier coefficients are
taken into account to describe the original pulse profile. See for instance Press et al.
(1992) for details on Fourier analysis.

The single-pole pulse profiles are two symmetric functionsf1 andf2 such that
F = f1 + f2. We write them as Fourier series, with cosine terms only:

f1(Φ) =
1

2
c0 +

n/2
∑

k=1

ck cos[k(Φ − Φ1)] (8.5)
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f2(Φ) =
1

2
d0 +

n/2
∑

k=1

dk cos{k[Φ − (Φ2 + π)]} (8.6)

Φ1 andΦ2 are the symmetry points off1 andf2 respectively. Formally, a decom-
position ofF (Φ) in two symmetric functionsf1(Φ) andf2(Φ) exists for every choice
of their symmetry pointsΦ1 andΦ2. For convenience, we use the parameter∆ (see
Eq. 8.2). All formal decompositions will be contained in theparameter spaceΦ1−∆,
with 0 ≤ Φ1 ≤ π and0 ≤ ∆ ≤ π/2. Once all the formal decompositions are found,
physical criteria are applied to decrease the number of decompositions to physically
meaningful ones. Those criteria are the following:

• “non-negative” criterion: the functionsf1(Φ) andf2(Φ) must be both positive.
Since they represent photon fluxes, all the solutions for which f1(Φ) or f2(Φ)
are negative are rejected.

• “no-ripples” criterion: the two functionsf1(Φ) andf2(Φ) should not have “rip-
ples” or features that cancel out in the sum. In terms of X-raypulsar modeling,
one would not expect the single-pole contributions to be much more compli-
cated than their sum, or that complicated features exactly match each other and
cancel out in the sum. Fig.8.6 shows an example of rejected decomposition
applying this criterion.

• pulse profiles are typically energy dependent. The decomposition must be done
in all energy ranges independently, and the same symmetry points must give
valid decompositions in all energy bands.

The “non-negative” criterion is very restrictive if the pulse profiles have a large
pulsed fraction. This is typically the case in accreting pulsars at high energies (this
was discussed in sec. 6.3). If the pulsed fraction is low at all energy ranges, almost all
theΦ1 −∆ parameter space will contain positive decompositions, making the task of
selecting physically acceptable decompositions a very difficult task.

Once a possible decomposition is found, the symmetry pointsof the single-pole
pulse profilesΦ1 andΦ2 and the parameter∆, related to the position of the emission
regions on the neutron star, are obtained.

8.1.2.2 From single-pole profiles to geometry and beam pattern

As was explained above, the single-pole pulse profiles provide undistorted copies of
the beam pattern. Assuming that both emission regions are equal, and have therefore
the same beam pattern (see 8.1.1) each of the single-pole pulse profiles shows a differ-
ent section of the same beam pattern. These two sections are combined to reconstruct
the total observable section of the beam pattern.
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Figure 8.6: Example of rejected decomposition applying thenon-ripples criterion. Black
dashed line: original pulse profileF (Φ). Red and blue solid lines: single-pole contributions
f1(Φ) andf2(Φ), such asF (Φ) = f1(Φ) + f2(Φ). This particular choice of symmetry points
Φ1, ∆ (shown on the top of the panel) is rejected.

Taking Eq. 8.1, as the neutron star rotates, the value ofθ for theith pole will reach
its minimum atΦ = Φi:

θmin = |Θi − Θ0| (8.7)

and it will reach its maximum atΦ = Φi + π:

θmax,i = Θi + Θ0 if Θi + Θ0 ≤ π (8.8)

θmax,i = 2π − (Θi + Θ0) if Θi + Θ0 > π (8.9)

Each single-pole pulse profile will show a section of the beampattern, withθmin,i ≤
θ ≤ θmax,i. Depending on the geometry of the system, these two ranges can show
an overlapping region in the beam pattern. At an instantΦ, the first pole will be seen
at an angleθ. At another instant̃Φ, the second pole will be seen at the same angleθ.
We can use Eq. 8.1 to express the relation betweenΦ andΦ̃ in terms of the geometric
parameters:

cos(Φ − Φ1) =
cotΘ0(cosΘ2 − cos(Θ1)

sinΘ1
+

sin Θ2

sin Θ1
cos(Φ̃ − Φ2) (8.10)

that we write as:

cos(Φ − Φ1) = a + b cos(Φ̃ − Φ2), b > 0 (8.11)
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Plotting the single-pole pulse profiles as a function ofcos(Φ−Φi), the sections they
have in common can be found, and therefore the values ofa andb can be determined.
Once this is done, both sections of the beam pattern can be plotted as a function of
the same variableq, defined as:

q :=
cos θ − cosΘ0 cosΘ1

sin Θ0 sinΘ1
(8.12)

Using Eq. 8.1 and Eq. 8.11:

cos(Φ − Φ1) = q, (8.13)

cos(Φ̃ − Φ2) = (q − a)/b (8.14)

Since the relation betweenq andcos θ is linear, by plotting the two single-pole
pulse profiles as a function ofq we obtain the total visible part of the beam pattern
without distortion.

Eq. 8.10 and Eq. 8.11 provide two equations relating the three geometric parame-
tersΘ0, Θ1 andΘ2. They can be solved forΘ1 andΘ2 as a function ofΘ0:

tan Θ1 =
−2a tanΘ0

(a tan Θ0)2 + b2 − 1
, (8.15)

tan Θ2 =
b tan Θ1

a tan Θ0 tan Θ1 + 1
(8.16)

In order to obtain the location of the magnetic polesΘ1 andΘ2, an independent
determination ofΘ0 is necessary.Θ0 is identical to the inclination of the system if the
rotation axis of the neutron star is perpendicular to the orbital plane. If the inclination
of the system is known (for instance, from eclipse observations), then using Eq. 8.15
and Eq. 8.16 the position of the two magnetic poles can be obtained.

The pulsar geometry is then completely determined: the location of the polesΘ1

andΘ2, their displacement from the antipodal position∆ and the direction of obser-
vationΘ0.

Knowing the geometric parameters of the system allows to express the single-pole
pulse profiles as a function ofθ (Eq. 8.1), and therefore the observable part of the
beam pattern is completely reconstructed.
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8.2 Application to A 0535+26

8.2.1 Observations

Using the decomposition method described above we have analyzed the energy depen-
dent pulse profiles of A 0535+26 obtained withRXTE during its August/September
2005 normal outburst. For the analysis, pulse profiles obtained during the main part
of the outburst have been selected, as those profiles appear to be very stable, not only
during the outburst but also compared to historical observations.

The analysis was performed using observation 16 from Appendix A, as well as
six merged observations performed at a similar luminosity level (observations 16–
21), resulting in a total observation time of∼20.4 ks. The pulse profiles have been
accumulated using 30 phase bins.

8.2.2 Search for acceptable decompositions

We start the analysis usingHEXTE pulse profiles from observation 16, extracted in
four different energy ranges18.3 − 30.9 keV, 30.9 − 44.5 keV, 44.5 − 59.1 keV and
59.1 − 99.8 keV. Each original pulse profile is written as a Fourier series F (Φ). 20
Fourier coefficients out of the 30 sampled points were enoughto properly describe
the original profiles. The highest frequency terms were not considered in order to
avoid aliasing (see Sec. 8.1.2.1).

The next step is to decompose the original pulse profiles intotwo symmetric func-
tionsf1(Φ) andf2(Φ), with symmetry pointsΦ1 andΦ2. The parameter spaceΦ1−∆
is divided in1 ◦×1 ◦ boxes, and one decomposition per1 ◦×1 ◦ box is computed. The
possible decompositions are represented in this parameterspace, with0 ≤ Φ1 ≤ π
and0 ≤ ∆ ≤ π/2.

The “non-negative” criterion is applied. Only decompositions for whichf1(Φ)
andf2(Φ) are always positive are accepted. This criterion is specially restrictive in
the 59.1–99.8keV range, for which the pulsed fraction is very high, ∼ 80%. The
knowledge of the background level is of special importance in this step. A small
amount of negative flux is allowed in order to account for the∼ 1 % uncertainty of the
HEXTE background (Rothschild et al. 1998). The “non-negative” criterion reduces
considerably the number of acceptable decompositions. Theresult of applying this
criterion, requiring each decomposition to be valid at all energy ranges, is shown in
Fig. 8.7. The black regions indicate where positive decompositions have been found.
We limit the search of physically acceptable decompositions to those regions.

For every decomposition, there is a certain region in theΦ1-∆ plane which con-
tains other qualitatively similar decompositions. In order to handle the large amount
of possible decompositions that have to be studied, similarones are grouped together
into types. We group decompositions in a same group when their square deviation
is smaller than a certainχ2 = 10−3. By grouping them into types the number of
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Figure 8.7:Φ1 −∆ parameter space after applying the “non-negative” criterion. All decompo-
sitions with positive flux are inside the black areas. All thedecompositions outside the black
areas have been discarded.

decompositions that are left to study is considerably reduced, since we only consider
one representative of each type. For instance, in the18 − 30 keV range, 1863 decom-
positions are grouped into 286 types. An example of decompositions that are grouped
into one type is given in Fig. 8.8.

The “non-ripples” criterion is then applied. The original pulse profiles in the con-
sidered energy ranges have two main peaks. We therefore require the single-pole
contributions not to have many more peaks than the original one. A quality function
related to the number of peaks in each single-pole pulse profile is defined. The number
of peaks of the single-pole pulse profiles are counted. The quality function is defined
as the inverse of the total number of peaks. With this method we obtain the decompo-
sitions sorted according to their quality function. Highervalues of the quality function
correspond to decompositions that are simpler, not much more complicated than the
original pulse profile. Fig. 8.9 shows the highest ranked profile representatives in the
Φ1-∆ parameter space. In order to study them we group them into fiveregions:A
with Φ1 ∈ [50 ◦, 105 ◦], ∆ ∈ [20 ◦, 45 ◦], B with Φ1 ∈ [105, 130], ∆ ∈ [20, 50], C
with Φ1 ∈ [10, 40], ∆ ∈ [60, 90], D with Φ1 ∈ [130, 180], ∆ ∈ [50, 65], andE with
Φ1 ∈ [55, 100], ∆ ∈ [45, 70].

The different decompositions in regionsA, B, C, D andE are studied individually.
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Figure 8.8: Example of similar decompositions grouped in one type. The values ofΦ1 and∆
for each decomposition are shown on the top of each panel.

We require the energy evolution of the single-pole pulse profiles to be as gradual as
that of the original pulse profile, and also the single-pole pulse profiles not to be much
more complicated than the original profile.

RegionA: acceptable decompositions of the original pulse profile into two sym-
metric functions are plotted in Fig. 8.10. The symmetry points for this decomposition
areΦ1 ∼ 72 ◦ and∆ ∼ 32 ◦. The two components are not much more complicated
than the sum, and do not show strong anti-correlation. This decomposition is the best
one of all the decompositions in theΦ1 − ∆ plane of Fig. 8.9.

The dotted horizontal line in Fig. 8.10 (and following figures of decompositions)
corresponds to the remaining unmodulated flux available to distribute between the
two symmetric functions, since the distribution of remaining flux can not be deter-
mined from the decomposition. The minima of the two symmetric functions have
been shifted to zero, so that the sum of the two symmetric functions plus the unmod-
ulated flux reproduces the original pulse profile.

RegionsC and E: the best decompositions for these two regions are shown in
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Figure 8.9: Highest ranked decompositions grouped in five regionsA, B, C, D andE. The dif-
ferent symbols represent different energy ranges:+: (18.3−30.9) keV,×: (30.9−44.5) keV,
△: (44.5 − 59.1) keV, �: (59.1 − 99.8) keV.

Fig. 8.11. They are not “much more” complicated than the sum.However, they
have been discarded because they present a very strong anti-correlation in the large
features which seems artificial, not expected from two independent emission regions.
In regionE, the best decompositions haveΦ1 ∼ 82 ◦ and∆ ∼ 63 ◦. For regionC,
Φ1 ∼ 25 ◦ and∆ ∼ 84 ◦.

RegionsB and D: the best decompositions for regionsB andD are shown in
Fig. 8.12. Those decompositions have also been discarded. The single-pole pulse
profiles are more complicated than the sum, and present an anti-correlation in many
small features that cancel out in the sum, not likely to be real. In regionB, Φ1 ∼
121 ◦, ∆ ∼ 30 ◦. In regionD, Φ1 ∼ 145 ◦ and∆ ∼ 56 ◦.

Another argument to reject decompositions in regionsC, D andE is that they all
present high values of∆. Under the assumption of slightly displaced magnetic poles,
smaller values of∆ are expected. This was the case in the analysis of the accreting
pulsars Cen X-3 (Kraus et al. 1996) and Her X-1 (Blum & Kraus 2000): the best
decompositions were found for small values of∆.

A further argument to discard regionsB, C andD will emerge in the reconstruc-
tion of the beam pattern from the single-pole contributions, and will be discussed in
Sec. 8.2.3.
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Figure 8.10: Left panel:HEXTE pulse profiles in different energy ranges. Right panel: best
decomposition for regionA for one observation. The two symmetric functions are represented
in red and blue. The horizontal dashed line represents the unmodulated flux left available to
distribute between the two functions. The values ofΦ1 and∆ for each decomposition are
given.

The decomposition analysis has also been applied to the merged observations de-
scribed in Sec. 8.2.1. Adding observations provides betterstatistics and allows to
use more Fourier coefficients, and therefore a more accuratedescription of the origi-
nal pulse profiles is obtained. We have made use of 24 Fourier coefficients, and did
not consider the highest frequency terms to avoid aliasing.The same regions from
Fig. 8.9 are allowed, and similar results as for the analysisusing one single observa-
tion are obtained. The accepted decomposition of the original pulse profile into two
symmetric functions corresponds again to regionA and is shown in Fig. 8.13. We
find Φ1 ∼ 73 ◦ and∆ ∼ 34 ◦, consistent with the results from the analysis of one
observation.

The decomposition analysis has been performed using a finer energy binning, in
seven energy bands18.6 − 25.2 keV, 25.2 − 34.3 keV, 34.3 − 43.8 keV, 43.8 −
48.3 keV, 48.3 − 60.1 keV, 60.1 − 80.6 keV, 80.1 − 99.8 keV. This has allowed
to study the evolution of the different decompositions as a function of the energy,
and to confirm that the energy evolution of the accepted decomposition is as smooth
as that of the original pulse profile. The decompositions forregionA are shown in
Fig. 8.14, for whichΦ1 ∼ 64 ◦, ∆ ∼ 36 ◦.

Low energy pulse profiles have also been analyzed, usingPCA data. The energy
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Figure 8.11: Left panel:HEXTE pulse profiles. Middle and right panels: best decomposition
for regionsC andE in two symmetric functions. The values ofΦ1 and∆ for each energy
range are indicated.

ranges3 − 7 keV, 7 − 11.25keV, 11.25 − 15.41 keV and15.41 − 19.19 keV have
been used. The pulsed fraction is smaller than at higher energies, e.g.∼ 24 % in
the15 − 20 keV range. The “non-negative” criterion is therefore not very restrictive:
almost all theΦ1 − ∆ parameter space is allowed. Since the decompositions have to
be valid in all energy ranges, we restricted our search to theallowed regions obtained
for theHEXTE profiles (Fig. 8.7).

As shown in Chapter 6, A 0535+26 pulse profiles are considerably more compli-
cated at lower energies. From the decomposition analysis atlower energies, regions
B, C andD can be discarded. The decompositions present many “ripples”, being con-
siderably more complicated than the sum, and also present strong anti-correlations
that do not seem real. The only two regions where we find acceptable decomposi-
tions, in which a gradual energy evolution is found, are regionsA andE. We will
however not make use ofPCA data during the rest of the analysis, due to the very
complex shape of the pulse profiles. However, the fact that weonly find acceptable
decompositions in regionA andE provides a further argument to discard the decom-
positions in regionsB, C andD. Just as an example, in Fig. 8.15 are shown the best
decomposition found for regionA, with values ofΦ1 ∼ 77 ◦ and∆ ∼ 30 ◦.

Combining the results of the analysis in different energy ranges and for different
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Figure 8.12: Left panel: original pulse profile. Middle and right panels: best decompositions
for regionsB andD. The values ofΦ1 and∆ for each energy range are indicated.

observations, we find a best decomposition of the original pulse profile in regionA.
To calculate an average value of the symmetry pointΦ1 and∆, we use only the results
from the analysis in four energy ranges andHEXTE data, as in seven energy ranges
the statistics for each energy band is worse, and less Fourier coefficients are used. As
estimate for the uncertainty ofΦ1 and∆ we take5 ◦, which is the approximate range
in regionA for which the decompositions are similar. The average values for Φ1, ∆
andΦ2 (using Eq. 8.2) are given in Table 8.1.

Table 8.1: Symmetry points and azimuthal displacement of one pole with respect to the antipo-
dal position for the best decomposition of A 0535+26 pulse profiles.

Pole 1 Pole 2 ∆ = π − (Φ1 − Φ2)

Φ1 = 72◦ ± 5◦ Φ2 = 285◦ ± 5◦ ∆ = 33◦ ± 5◦

Φ1 + π = 252◦ ± 5◦ Φ2 + π = 105◦ ± 5◦

8.2.3 From single-pole profiles to geometry and beam pattern

In the previous section, a possible decomposition of the A 0535+26 energy dependent
pulse profiles has been found.
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Figure 8.13: Left: original pulse profile from merged observations. Right: best decomposition
for regionA.

Once a possible decomposition of the energy dependent pulseprofiles is found, it
is possible to plot the pulse profiles as a function of the auxiliary variableq (Eqs. 8.13,
8.14) to obtain undistorted copies of the beam pattern. An overlapping region between
the two sections, as in the case of Cen X-3 (Kraus et al. 1996) or Her X-1 (Blum &
Kraus 2000), does not emerge for A 0535+26. However, the two single-pole pulse
profiles can almost be connected to each other, with a small gap in between in the
beam pattern that remains unobservable to us. This agrees with the assumption of
two equal emission regions that show different sections of the same beam pattern.
However, contrary to the case of an overlapping region, we can not determine the
parametersa andb from a fit. But we can make estimates for the values ofa and
b. a represents the shift between the two profiles in units of the auxiliary variable
q. The best estimate ofa using the sections of the beam pattern in all energy ranges
is a = −2.2. In the case of antipodal poles,b = 1 (Eqs. 8.10, 8.11). Since we
are assuming small distortion,b should close to 1, and therefore we can make the
assumptionb = 1.

With these estimates fora andb, it is possible to obtain the location of the poles
Θ1 andΘ2, from Eqs. 8.15 and 8.16. These equations also involve the direction of
observationΘ0. Giovannelli et al. (2007) report a value for the inclination of the
system ofi = (37 ± 2) ◦. Assuming that the rotation axis of the neutron star is
perpendicular to the orbital plane,i = Θ0. This is often assumed in neutron stars
in binary systems (e.g. Ghosh et al. 1977). We can therefore obtain the location of
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Figure 8.14: Left panel: original pulse profile using one observation in seven energy ranges.
Right panel: decomposition for regionA.

the polesΘ1 andΘ2. The angular distance between the location of the second pole
and the point that is antipodal to the first poleδ can be estimated using Eq. 8.3. In
Fig. 8.16 the constraints on the geometry of the pulsar are shown. The values of
Θ1, Θ2 andδ are represented for all possible values of the direction of observation
Θ0. The range of possible values of the geometrical parametersare indicated. The
obtained values of the geometrical parameters for i=37◦ are shown in Table 8.2, and
sketched in Fig. 8.17.

It is now possible to plot the reconstructed sections of the beam pattern as a function
of θ. The two sections of the beam pattern are reconstructed forθ ∈ (13.34◦−87.34◦)
andθ ∈ (92.6◦ − 166.6◦). The reconstructed beam pattern is plotted in 8.18 in linear
and polar representations.

The decompositions in regionB, C, D andE were discarded. A further argument
against the decompositions in regionsB, C andD emerges when trying to reconstruct

Table 8.2: Geometrical parameters of A 0535+26 from the decomposition analysis: polar an-
gles of the two magnetic poles and offset from ideal dipole field.

Pole 1 Pole 2 offset from ideal dipole

Θ1 ≈ 50◦ Θ2 ≈ 130◦ δ ≈ 25◦
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Figure 8.15: Left panel:PCA original pulse profiles for one observation. Right panel: best
decomposition for regionA as a function of the energy.

the beam pattern for those regions. It was not possible to findany way to connect the
two sections of the beam pattern, so under the assumption of two equal emission
regions this provides another argument to discard these decompositions. RegionE,
for which we find the “second best” decomposition, however suggests that the two
emission regions are the same, in a similar way as for regionA. We can connect them
with the same values ofa andb as in regionA. This implies the same values for
the polar angles of the magnetic polesΘ1 andΘ2. The value of∆ is higher than in
regionA, and therefore also the offset from an ideal dipole field is higher,δ ≈ 48 ◦.
In Fig. 8.19 the beam patterns for the best decompositions inregions A and E are
represented for comparison. They differ slightly, but the main features of the two
functions are similar (the single-pole pulse profiles had also very similar shapes, just
different symmetry points).

8.2.4 Interpretation of reconstructed beam pattern

A characteristic feature of the reconstructed beam patternis a minimum observed
in the flux betweenθ ≈ 30◦ − 40◦. This feature is present at all energies and we
therefore believe that it could be related to the geometry ofthe accretion. Filled
column models reproduce a beam pattern in which the flux decreases for low values
of θ, corresponding to the instant when the observer looks alongthe accretion stream
(Kraus et al. 2003). Introducing a hollow column plus a halo created on the neutron
star surface from scattered radiation emitted from the column walls would explain
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Figure 8.17: Schematic view of A 0535+26 using the values of the pulsar geometry obtained
from the decomposition analysis.
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Figure 8.18: Reconstructed beam pattern of A 0535+26. Left panel: beam pattern as a function
of the energy in a linear representation. Right panel: beam pattern in polar diagram in the
25.20 − 34.30 keV (red) and80.58 − 99.85 keV (blue) energy ranges.

the increase in the flux seen forθ . 30 − 40 ◦, and the minimum atθ ≈ 30◦ − 40◦

corresponding to the instant when the observer looks directly into the column.
The steep increase in flux at high values of theta (θ > 120◦) could be due to

gravitational light bending, which produces a similar feature in model calculations.
To obtain estimates on the size of the accretion column, a model for a hollow col-

umn plus a halo has been calculated forθ ∈ [0◦, 40◦]. Geometrical models of filled
columns, including the formation of a halo around the accretion column, were pre-
sented in Kraus et al. (2003), where the relative importanceof the different compo-
nents (halo-column) to the observed flux was studied. In the work presented here, the
modeling is performed as in Kraus et al. (2003), but introducing a hollow column. A
detailed study of this model will be presented elsewhere. Beam patterns are computed
using ray-tracing (Foley et al. 1990) and include relativistic light deflection (Nollert
et al. 1989).

The emission of the column wall is assumed to be a black body oftemperatureTeff ,
assumed to be isotropic. Part of the radiation that leaves the column hits the neutron
star surface, creating a luminous halo around the column walls. This emission is
assumed to be thermal. Photon paths are calculated using theSchwarzschild metric.
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Figure 8.19: Reconstructed beam patterns for regionsA (left panel) andE (right panel).

This is appropriate for A 0535+26 because it is a slowly rotating neutron star (Pspin ∼
103.4 s). The Schwarzschild radius isrS = 2GM/c2. The accretion funnel has an
inner half-opening angleαi and outer half-opening angleα0. A radiative shock is
assumed to form close to the neutron star surface at radial coordinatert. See Fig. 8.20
for a sketch of the geometry of the hollow column. Below the shock, the column is
optically thick and radiation is emitted from the inner and outer walls. Above the
shock, the accretion is assumed to be in free-fall.

We use the canonical values for the mass and radius of the neutron star,Mns =
1.4 M⊙ and rn = 10 km. Since we are calculating beam patterns for values of
θ < 40 ◦, our results will not change significantly assuming larger values for the
neutron star radius, since light deflection is important at large viewing angles. The ra-
diative shock is assumed to be formed atrt = 10.5 km. According to observations of
A 0535+26, we take an asymptotic luminosity per pole ofL∞ = 0.8 × 1037 erg s−1,
and a cyclotron energy (used to calculate the magnetic scattering cross-section) of
Ecyc = 45 keV at the magnetic pole.

Different models have been computed for different values ofthe inner and outer
half-opening angles, forE = 7.6 keV photons for a distant observer (E = 10 keV at
the neutron star). For each model, the temperature of the Planck spectrum emitted by
the column wall and the density that the accreting material has at the base of the free-
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Figure 8.20: Geometrical model of hollow column. Figure adapted from Kraus (2001).

fall section follow from the assumed geometry and the value of L∞. The parameters
used for each model are listed in Table 8.3. Results from the model calculations are
shown in Fig. 8.21.

By comparing the A 0535+26 reconstructed beam pattern (Fig.8.18 left) with the
models in Fig. 8.21, it can be seen that the shape of the modelsreproduce well the
shape of the reconstructed beam pattern. We can estimate thehalf-opening angle and
column thickness to beαo = 0.2 rad∼ 11.5◦ andαo − αi = 0.06 rad∼ 3.4◦.

Using these values for the outer half-opening angleαo = 0.2 rad and thickness of
the wallαo − αi = 0.06 rad, (model 5 from Table 8.3), we investigated the energy

Table 8.3: Model parameters used in the computation of beam patterns for A 0535+26, for
θ ∈ [0◦, 40◦].

model αi (rad) αo (rad) kT (keV) ρ (10−5 g/cm−3)
1 0.08 0.1 4.1 16
2 0.06 0.1 4.1 9
3 0.04 0.1 4.1 6.8
4 0.09 0.15 3.7 4
5 0.14 0.2 3.5 2.8
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Figure 8.21: Beam pattern models for hollow column with halofor different column thick-
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column thicknessαo − αi (right panel), calculated forθ ∈ [0◦, 40◦].
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Figure 8.22: Computed beam patterns for different photon energies, taking the outer opening
angleαo = 0.6 rad and a column thicknessαo − αi = 0.06 rad.

dependence of the computed beam patterns. We calculated beam patterns for photon
energiesE = 10 keV, E = 20 keV, E = 30 keV andE = 40 keV at the neutron
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star (orE = 7.6 keV, E = 15.2 keV, E = 22.8 keV andE = 30.4 keV for a distant
observer). The computed beam patterns for different photonenergies are shown in
Fig. 8.22. It can be seen that the position and the depth of theminimum in the curves
are very weakly energy dependent. This supports our statement that the minimum can
be regarded mainly as a geometric effect.

We have found that a geometrical model of a hollow column which includes scat-
tered radiation on the surface of the neutron star can be applied to A 0535+26. We
would like to stress however that the model used is a simplified model, which we not
claim to be true in detail, but however reproduces well the basic shape of the energy
dependent reconstructed beam pattern of A 0535+26 for values ofθ < 40 ◦.



CHAPTER 9

Summary and Conclusions

9.1 Summary

In this work, the timing and spectral properties of the accreting Be/X-ray binary
A 0535+26 during a normal (type I) outburst have been investigated. The analysis
is based on observations performed with theRXTE andINTEGRAL observatories,
which cover the∼ 3 − 200 keV energy band.

One of the most important results of this work has been the measurement of the
fundamental cyclotron line atE ∼ 46 keV and the first harmonic atE ∼ 102 keV.
This measurement firmly establishes the magnetic field of theneutron star at the site
of the X-ray emission to beB ∼ 5× 1012 G, putting end to a long debate. In fact, the
fundamental line atE ∼ 46 keV was discovered during a giant outburst in 1989 with
HEXE (Kendziorra et al. 1994). However, later observations withOSSEduring the
1994 giant outburst could not confirm this result (Grove et al. 1995), and measured the
fundamental line atE ∼ 110 keV, probably due to the∼ 40−50 keV energy threshold
of the OSSE instrument. Our observations put end to this debate, confirming the
earlier results from Kendziorra et al. (1994).

TheRXTE observations have allowed to study, for the first time, the evolution of
the cyclotron line energy with the X-ray luminosity for A 0535+26. Recently, for the
accreting pulsars 4U 0115+64 and V 0332+53, a negative correlation between the cy-
clotron line energy with the X-ray luminosity has been discovered. This correlation
agrees with the theory developed by Basko & Sunyaev (1976), that assumes the for-
mation of a radiative shock in the accretion column for high luminosity sources in the
super-Eddington regime. An increase in the accretion rate moves the radiative shock
upwards, further away from the neutron star surface. Therefore, an increase in the
accretion rate is correlated with an increase in the height of the shock, and therefore
with a decrease in the magnetic field and cyclotron energy. Onthe other hand, in the
case of Her X-1 a positive correlation between the cyclotronline energy and the lumi-
nosity has been discovered (Staubert et al. 2007). For sources in the sub-Eddington
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regime an increase in the accretion rate is expected to “push” the matter closer to the
neutron star surface, and therefore a positive correlationbetween the accretion rate
and the magnetic field (or cyclotron line) should emerge. Theevolution of the cy-
clotron line energy of A 0535+26 with the X-ray luminosity has been studied in this
context. We found, contrary to the sources mentioned before, no changes of the cy-
clotron line energy with the luminosity, suggesting that the line forming region does
not change with the mass accretion rate of the system.

We have studied the evolution of the pulse period along the outburst. During the
beginning of the outburst the pulse period remains constantwithin uncertainties. Start-
ing around the periastron, we measure a spin-up rate ofṖ = −1.69×10−8±0.04 s/s
(at MJD 53618). This is the first time that a spin-up rate is measured for A 0535+26
during a normal outburst, and therefore the first time there is evidence for an accretion
disk around the neutron star during a normal outburst.

We have also studied the energy dependent pulse profiles of A 0535+26 during the
main outburst(excluding apre-outburst flarethat we studied independently). Similar
to other accreting X-ray pulsars, the pulse profiles exhibita complex shape at lower
energies (∼ 3 − 20 keV), while at higher energies the pulse profile evolves towards
a simpler double-peak shape. Above the fundamental cyclotron energy one of the
peaks is strongly reduced. This has been interpreted as due to the presence of a “fan
beam” emission component during the main outburst. The scattering cross section
for extraordinary photons (propagating perpendicular to the magnetic field) is smaller
than that of ordinary photons (propagating parallel to the field) for energies below
the cyclotron energy. Therefore, extraordinary photons escape effectively perpendic-
ular to the magnetic field, across the column walls. However,for energies above the
cyclotron energy both cross-sections are approximately equal, and photons can only
escape from smaller optical depths. The “fan-beam” component weakens, explaining
the disappearance of one of the peaks in the pulse profiles aboveE ∼ 46 keV.

We have studied the evolution of the cyclotron line energy with the pulse phase. We
find a change of the cyclotron line with the pulse phase (smaller than in other sources),
with a lower cyclotron line energy during the main peak of thepulse profileEcyc,1 =
43+0.9

−0.9 keV, and a higher cyclotron line energyEcyc,2 = 48.4+1.4
−1.3 keV during the

pulse phase in which a secondary peak disappears when crossing the cyclotron energy.
This agrees with the “fan-beam” pattern proposed above. Thepresence of a shock
explains the lower magnetic field we measure when looking directly into the polar cap.
The higher magnetic field is observed about half a pulse phaselater, corresponding
to the instant when we look perpendicular to the accretion column, where we can
observe closer to the neutron star surface. We find also a harder spectrum during
the main peak of the outburst, which agrees with the proposed“fan beam“ scenario.
Harder photons, originated closer to the polar cap, escape more effectively in the
direction parallel to the magnetic field, explaining the hardening of the spectrum in
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the phase corresponding to the main peak and the softening inthe other rotational
phases.

We have compared the energy dependent pulse profiles obtained during themain
outburstwith historical observations from the 1980, 1989 and 1994 giant outbursts.
The basic features of the pulse profiles remain constant overtime, suggesting that the
main accretion geometry of the neutron star did not change significantly in more than
20 years.

TheSwift-BAT light curve of the outburst has revealed flaring activity during the
rise to the peak of the outburst. The flux evolution becomes smoother after the perias-
tron passage, coincident with the beginning of the spin-up of the neutron star.RXTE
performed three observations during one of these flares. Thepulse profiles exhibit
significant differences during the flare compared to the restof the outburst, and the
cyclotron line energy is measured at a position more than 10%higher during the flare
compared to the rest of the outburst, pointing to a higher magnetic field. The observed
flaring activity and associated changes in the pulse profilesand cyclotron line energy
have been explained in terms of a theoretical model. A 0535+26 is on the verge of
low-mode magnetospheric instabilities, causing the matter accumulated in the thin
boundary layer between the neutron star accretion disk and the magnetosphere to
rapidly fall onto the neutron star surface. The matter is channeled by different field
lines than those along which quasi-stationary accretion takes place, explaining the
different pulse profiles observed. The matter falls closer to the neutron star surface,
which explains the higher magnetic field measured during theflares. Once the neu-
tron star starts spinning up, the amount of mass accumulatedin the boundary layer
is strongly reduced. Therefore, the amount of matter available for unstable accretion
is reduced. This explains the lack of flaring activity duringthe spin-up phase of the
neutron star. Once the neutron star stops spinning-up, flaring activity would be ex-
pected in this model, and there are actually hints for that intheBAT light curve of the
outburst.

During thepre-outburst flare, contrary to the observations during themain out-
burst, no strong change of the energy dependent pulse profiles takes place across the
cyclotron energy. This suggests that the emission forms a “pencil beam” pattern, with
no radiative shock formed in the accretion column. The scattering cross-section of
the ordinary photons evolves smoothly across the cyclotronresonance, explaining the
smooth evolution of the pulse profiles.

Our observations provide therefore the first observationalevidence for low-mode
magnetospheric instabilities in A 0535+26. The model proposed in this work is generic
and can be applied to other transients. To apply this model, the source must be on the
verge of low-mode instability. This depends on several parameters, like the neutron
star magnetic field, the spin-period or the accretion rate. It is possible then that for
many sources the transition from propeller to accretion regime takes place without
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flaring activity and instabilities being observed.
In the second part of the work, a decomposition analysis has been applied to

A 0535+26 energy-dependent pulse profiles. The decomposition method is a back-
wards process: starting from the observed pulse profiles, a decomposition of the pulse
profiles in two single-pole components is obtained. Then, from the single-pole pulse
profiles, information on the geometry of the system and on thebeam pattern is ex-
tracted. The method is based on symmetry considerations, and several assumptions
are made. The first assumption is that the magnetic field has a dipole structure, with
axisymmetric emission regions. This makes necessarily thesingle pole profiles sym-
metric. The asymmetry in the total pulse profile is introduced by a small offset of one
of the magnetic poles with respect to the antipodal position.

We find a physically acceptable decomposition of the pulse profiles of A 0535+26
that allows us to extract information on the geometry of the pulsar. We obtainΘ1 ≈
50◦ andΘ2 ≈ 130◦ for the position of the magnetic poles with respect to the rotation
axis, and an offset ofδ ≈ 25◦ from one of the poles with respect to its antipodal
position.

The visible section of the beam pattern has been reconstructed. A characteristic
feature of the reconstructed beam pattern at all energies isa minimum observed in the
flux betweenθ ≈ 30◦−40◦, whereθ is the angle between the direction of observation
and the magnetic axis. This has been interpreted in terms of asimple geometrical
model that includes relativistic light deflection. The model includes a hollow column
emitting isotropically black body radiation, plus a thermal halo created on the neutron
star surface around the column from scattered radiation emitted from the column
walls. Another characteristic feature of the reconstructed beam pattern is a steep
increase in flux at high values ofθ (θ > 120◦). This could be due to gravitational
light bending, which produces a similar feature in model calculations.

The results presented in this work have been published in Caballero et al. (2007),
Caballero et al. (2008b), Postnov et al. (2008), as well as inconference proceedings
(Caballero et al. 2008a, Caballero et al. 2009).

9.2 Outlook

The evolution of the cyclotron energy with the X-ray luminosity of A 0535+26 has
been studied for observations at luminositiesLX . 1037 erg s−1 during a normal
(type I) outburst. The only observations of the fundamentalcyclotron line during a
giant outburst were performed withHEXE in 1989 (Kendziorra et al. 1994), but the
large uncertainties do not allow to determine any correlation. Therefore, new observa-
tions of A 0535+26 with a modern X-ray satellite during a giant outburst might reveal
a positive or negative correlation of the cyclotron line with the luminosity.
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Target of Opportunity proposals have been approved withINTEGRAL , RXTE (PI.
Caballero) andSuzaku(PI. Pottschmidt) to observe A 0535+26 during a giant or nor-
mal outburst.

Since the December 2005 weak outburst until the end of 2008, A0535+26 has
been mainly in quiescence. However, new activity during theperiastron passages in
September 2008 and January 2009 is seen in theSwift-BAT light curve (see Fig. 9.1).
Flaring activity, predicted by the low-mode magnetospheric instability proposed in
this work for A 0535+26, is seen after both outbursts.RXTE performed one obser-
vation during the decay of the second outburst, starting at MJD 54844. However, the
low flux level (F(3−50) keV ∼ 6 mCrab) and short observation time (∼ 2 ks) do not
allow to significantly detect cyclotron lines in the spectrum.
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Figure 9.1: Swift-BAT light curve of A 0535+26 between August 2008 and February 2009.
The dotted lines indicated the time of the periastron passage. Two weak outbursts are seen at
each periastron passage. Flaring activity after both outbursts is also apparent.

The energy dependent pulse profiles of accreting neutron stars are still today, after
more than three decades of observations, not understood. A systematic analysis of
pulse profiles of a large sample of sources, applying the decomposition method used
in this thesis, would be a step forward in understanding the general picture of pulse
profile formation. It would allow to check if for a larger sample of sources the as-
sumptions made in this work are supported by the data, and to study and compare the
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inferred geometry and beam patterns of the different systems.
Theoretical models for cyclotron lines and the X-ray continuum will help to reach a

better understanding of the physical properties of magnetized plasmas and the physics
of accretion onto neutron stars. Bothcyclomc (Schönherr et al. 2007) and the
Becker & Wolff (2007) models will be applied to A 0535+26. An in-depth analysis of
the application of these two models to A 0535+26 observations, and a careful interpre-
tation of the results, requires a dedicated analysis that will be performed in the future.
The existence of theoretical models, together with high quality data provided by X-
ray observatories likeRXTE, INTEGRAL or Suzaku, and the future X-ray missions
like Simbol-X (Ferrando et al. 2006),NuSTAR (Harrison et al. 2005), ASTRO-H
(Takahashi et al. 2008) or IXO (White & Hornschemeier 2009),will certainly bring
new light into the understanding of these fascinating objects, unique laboratories of
physics under extreme conditions.
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APPENDIX A

Log of RXTE observations

Table A.1: Log ofRXTE observations used in this work. The individual
pointings correspond to observations P91085 and P91086, and are sorted
chronologically.

Observation MJD start PCA exp.(ks)
1 91086-02-01-00 53608.7 1.73
2 91086-01-03-00 53610.1 3.38
3 91086-01-03-01 53610.6 1.15
4 91086-01-03-02 53610.7 2.22
5 91086-01-03-03 53610.7 2.56
6 91086-02-02-00 53611.6 1.94
7 91086-02-02-01 53612.7 1.82
8 91086-01-03-04 53613.0 3.42
9 91086-01-03-05 53613.1 1.57
10 91085-01-01-01 53613.5 1.20
11 91086-02-03-00 53613.6 1.90
12 91085-01-01-04 53613.7 2.30
13 91085-01-01-00 53613.8 6.83
14 91085-01-01-02 53614.0 3.39
15 91086-02-03-01 53614.1 1.44
16 91085-01-01-03 53614.7 12.35
17 91085-01-01-05 53615.0 0.80
18 91085-01-02-00 53615.0 2.46
19 91085-01-02-01 53615.1 1.55
20 91085-01-02-02 53615.1 1.26
21 91085-01-02-03 53615.6 2.03
22 91085-01-02-04 53615.7 9.55
23 91086-02-04-00 53616.1 1.55
24 91086-01-04-00 53617.7 9.58
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Table A.1: continued from previous page

Observation MJD start PCA exp.(ks)
25 91086-01-04-01 53617.9 2.93
26 91086-02-05-00 53619.0 1.47
27 91086-02-06-00 53620.0 1.49
28 91086-02-06-01 53621.0 1.52
29 91086-03-01-00 53622.0 1.54
30 91086-03-01-01 53623.1 1.44
31 91086-01-05-00 53624.6 10.59
32 91086-03-02-00 53626.0 1.34
33 91086-03-02-01 53626.8 1.04
34 91086-03-03-00 53628.0 1.46
35 91086-03-03-01 53628.8 0.77
36 91085-01-03-00 53629.8 7.10
37 91085-01-03-01 53630.7 10.48
38 91085-01-03-02 53631.7 4.72
39 91085-01-03-03 53632.7 2.54
40 91085-01-03-04 53633.9 2.64
41 91085-01-03-05 53634.9 2.43
42 91085-01-04-02 53637.8 2.98
43 91085-01-04-00 53638.8 1.09
44 91085-01-04-01 53638.8 2.75



APPENDIX B

Pulse period with RXTE

Table B.1: Best values for the pulse period of A 0535+26 obtained with
RXTE. The estimated uncertainty for the period is0.5 ms.

MJD Period (s)
53608.703184 103.3960
53610.071014 103.3960
53610.596363 103.3960
53610.660992 103.3960
53610.726814 103.3960
53611.647099 103.3960
53612.694213 103.3960
53613.022118 103.3960
53613.104697 103.3958
53613.480443 103.3952
53613.612084 103.3951
53613.677905 103.3950
53613.808360 103.3948
53614.005812 103.3945
53614.095744 103.3943
53614.661587 103.3936
53614.989486 103.3932
53615.001809 103.3930
53615.075640 103.3928
53615.145061 103.3926
53615.645258 103.3921
53615.711075 103.3920
53616.058114 103.3916
53617.678346 103.3890
53617.945194 103.3887
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Table B.1: continued from previous page

MJD Period (s)
53619.005376 103.3865
53619.987786 103.3851
53621.038352 103.3838
53622.020739 103.3828
53623.141888 103.3820
53624.653113 103.3811
53626.019557 103.3807
53626.080000 103.3805
53628.780000 103.3801
53629.760000 103.3800
53630.680000 103.3800



APPENDIX C

RXTE pulse profiles

The energy dependent pulse profiles of all theRXTE observations of A 0535+26
are plotted. In each figure the upper panel contains thePCA light curve, with a
vertical line indicating the time of the observation. ThePCA count rate is given in
counts s−1 PCU−1. The energy ranges of thePCA andHEXTE pulse profiles are
indicated in the figures. Two pulse cycles are shown for clarity.
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APPENDIX D

Results ofRXTE spectral analysis

Table D.1 and Table D.2 contain the best fit parameters of theRXTE observations
of A 0535+26 for which a cyclotron line was significantly detected. When required
by the fit, two cyclotron lines were included in the model. Forsome observations the
width of the first harmonic was fixed at10 keV. The uncertainties are 90 % confidence
for one parameter of interest.
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−0.012 1.17/200

19 0.56+0.02
−0.02 17.1+0.4

−0.4 44.2+0.9
−0.9 8.5+0.9

−0.9 0.39+0.03
−0.03 1.727+0.011

−0.015 1.27/200

20 0.51+0.02
−0.02 17.0+0.4

−0.4 45.4+1.0
−1.0 9.6+0.9

−0.9 0.43+0.04
−0.04 1.850+0.012

−0.016 1.16/200

21 0.59+0.02
−0.02 17.6+0.4

−0.4 44.3+0.8
−0.8 8.1+0.9

−0.8 0.45+0.03
−0.03 1.656+0.008

−0.010 1.02/216

22 0.59+0.02
−0.02 18.0+0.3

−0.3 45.8+0.5
−0.5 9.4+0.5

−0.5 0.48+0.02
−0.02 1.711+0.006

−0.006 1.15/214

105+4
−4 10- 0.77+0.31

−0.26

23 0.52+0.02
−0.02 16.7+0.4

−0.4 45.4+0.9
−0.9 9.0+0.9

−0.8 0.42+0.03
−0.03 1.950+0.009

−0.014 1.07/186

24 0.61+0.02
−0.02 18.2+0.4

−0.3 45.9+0.5
−0.5 9.8+0.6

−0.5 0.49+0.03
−0.03 1.320+0.004

−0.006 1.17/214

105+5
−4 10- 0.76+0.4

−0.3

25 0.61+0.02
−0.02 17.8+0.4

−0.4 45.1+0.7
−0.6 9.2+0.7

−0.6 0.51+0.03
−0.03 1.337+0.006

−0.009 1.04/216

26 0.67+0.03
−0.03 18.2+0.7

−0.7 44.7+1.1
−1.0 8.0+1.0

−1.0 0.52+0.06
−0.06 0.934+0.006

−0.010 0.96/192

27 0.70+0.03
−0.03 18.9+0.9

−0.9 44.5+1.3
−1.2 7.8+1.1

−1.0 0.61+0.07
−0.07 0.820+0.007

−0.009 0.95/162

28 0.77+0.04
−0.04 19.7+1.2

−1.1 45.6+1.7
−1.6 7.8+1.3

−1.3 0.62+0.10
−0.05 0.543+0.005

−0.008 1.01/162

29 0.82+0.05
−0.05 21.2+1.8

−1.6 47.3+2.6
−2.2 8.8+2.0

−1.8 0.61+0.11
−0.11 0.445+0.005

−0.009 0.96/150

30 0.98+0.06
−0.06 25.1+3.4

−2.8 47.8+3.6
−2.7 7.5+2.4

−2.0 0.80+0.20
−0.20 0.296+0.004

−0.008 0.87/130

31 1.00+0.03
−0.03 24.5+1.4

−1.4 46.7+1.3
−1.2 6.8+1.0

−0.9 0.63+0.08
−0.08 0.197+0.001

−0.002 1.25/150



APPENDIX E

Fundamental and astronomical physical constants

In Table E.1 the fundamental physical constants and astronomical constants used
in this work are listed. The values are given in the International System of Units (SI)
and in cgs (system of units commonly used in astronomy). The source for the funda-
mental physical constants is the NIST reference on Constants, Units and uncertainty,
recommended by CODATA (Committee on Data for Science and Technology). The
astronomical constants are from Zombeck (2007).
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Quantity Value (SI) Value (cgs)
Newtonian constant G 6.67428(67)× 10−11 J m kg−2 6.67428(67)× 10−8 erg cm g−2

of gravitation
Speed of light c 2.99792458× 108 m s−1 2.99792458× 1010 cm s−1

in vacuum
Elementary charge e 1.602176487(40)× 10−19 C 4.8032(12)× 10−10 esu
Electron mass me 9.10938215(45)× 10−31 kg 9.10938215(45)× 10−28 g
Proton mass mp 1.672621637(83)× 10−27 kg 1.672621637(83)× 10−24 g
Planck constant h 6.62606896(33)× 10−34 J s 6.62606896(33)× 10−27 erg s
h/π ~ 1.054571628(53)× 10−34 J s 1.054571628(53)× 10−27 erg s
Boltzmann constant k 1.3806504(24)× 10−23 J K−1 1.3806504(24)× 10−16 erg K−1

Solar mass M⊙ 1.98844(30)× 1030 kg 1.98844(30)× 1033 g
Solar radius R⊙ 6.961 × 108 m 6.961× 1010 cm
Solar Luminosity L⊙ 3.846(8)× 1026 J s−1 3.846(8)× 1033 erg s−1
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